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ABSTRACT

As massive binary companions age they will swell to dimensions comparable to the dis-

tance between stars. The larger star will likely begin transferring mass to its companion,

which will accrete mass and angular momentum and may spin up to near critical velocity.

Additional mass transfer may lead to large scale mass loss. Here, we present an observational

study of three systems that are experiencing or are products of mass transfer. VFTS 102 and

VFTS 285 are the fastest rotating stars currently known. We present an analysis of their

far-ultraviolet and visible band spectral features and determine their physical properties

and angular momentum loss processes. We conclude that VFTS 102 is the result of a stellar

merger and that VFTS 285 was ejected when its companion exploded in a supernova. Lastly,

the interacting binary W Serpentis is emerging from its most intense phase of mass transfer.

W Serpentis is an eclipsing binary and the prototype of the Serpentid class of interacting

binaries. We present an observational analysis of high quality, visible band spectroscopy

and the �rst near-IR, long-baseline interferometric observations. We present examples of the

appearance and radial velocities of the primary spectral components: prominent emission

lines, strong shell lines, and weak absorption lines. We �nd some of the weak absorption

features are associated with the cool mass donor, and we present the �rst radial velocity

curve for the donor star. The donor's absorption lines are rotationally broadened, and we

derive a mass ratio of 0:49� 0:07. We also derive the orbital inclination and mass estimates

of 3:5 M � and 7:2 M � for the donor and gainer, respectively. The partially resolved in-

terferometric measurements are consistent with our derived orbital properties and the Gaia

EDR3 distance. Spectroscopic evidence indicates that the gainer is obscured by an opaque

disk that channels the mass transfer stream into an out
ow through the L3 region and out

into a circumbinary disk. The results demonstrate that binary stars may lose a signi�cant

fraction of their mass during the 
eeting but transformative stage of mass transfer.

INDEX WORDS: Eclipsing Binary, Circumstellar Disk, Circumbinary material,
Emission Line Star, Interferometry, Spectroscopy
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CHAPTER 1

Introduction

1.1 Binary Systems

1.1.1 Massive Stars in Interacting Binaries

Stars are generally grouped into one of two categories: low mass or high mass. Cooler and

relatively fainter stars with the spectral classi�cations of M, K, G, or F are considered low

mass stars, while hotter stars with O, B, or A classi�cations are considered high mass stars.

High mass stars generally have a larger mass, radius, temperature, luminosity, and 
ux than

low mass stars. They additionally evolve much faster than low mass stars, making them less

common throughout our galaxy.

High mass stars are formed in the same way low mass stars in a collapsing gas cloud.

However, they can also be formed by two stars merging to create one larger star or by

gas accretion. Regardless of the manner in which a high mass star is formed, every high

mass star will evolve similarly. One evolutionary scenario is that once the Hydrogen (H)

located within the core of the star is completely used up through fusion into Helium (He)

(main-sequence (MS) evolution), the star will switch to fusion of H in a shell surrounding

the core. This results in the atmosphere of the star expanding and the star enters a phase of

evolution known as a red supergiant. The radius of the star will expand dramatically, while

the mass of the star remains approximately constant. In the case of close binary stars, the

expanding star may �ll its Roche Lobe, which is the boundary at which the material remains

gravitationally bound to the core of the star.

Current evolutionary models predict that many massive stars begin their lives in a system
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with multiple stellar companions (Chini et al. 2012). A binary system is a system with two

stars orbiting their center of mass. As the more massive star (the primary) within a binary

system evolves and �lls its Roche Lobe, the gravitational in
uence of its companion (the

secondary) begins to a�ect the star. The material at the point of the Roche Lobe that

lies directly between the primary and secondary begins to feel a stronger gravitational pull

from the secondary than from the primary. This results in Roche lobe over
ow (RLOF),

and material is transferred from the primary to the secondary. The point at which this

occurs depends both on the binary orbital period and the masses of the two stars. There are

three times, or \Cases", when this can happen. Case A is when RLOF occurs during the

primary's MS evolution, Case B occurs during He fusion in the core, and Case C occurs after

He fusion in the core has stopped (Marchant & Bodensteiner 2023). Once the outer layers

of atmosphere are stripped from the primary, the He rich core of the primary is exposed

and the secondary is now the more massive star. This core will explode as a core-collapse

supernova (SN) and will leave behind either a neutron star or a black hole remnant (Postnov

& Yungelson 2014; Tauris & van den Heuvel 2023).

Assuming the secondary is not ejected from the system as a result of this initial SN, the

stars will continue to evolve as an interacting binary system. The results of this continued

evolution are illustrated in Figure 1.1. Following the �rst SN, the companion may accrete

a portion of the expelled material. It then continues evolving as a massive star. Once the

secondary begins to �ll its own Roche lobe, the distance between the remnant and the star's

atmosphere shrinks. This proximity can result in X-ray emission from hot gas accreted by

the compact star, and such systems are identi�ed as X-ray binaries. The two stars continue

to interact and will create one of three possible systems: (1) the secondary core and the
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Figure 1.1 An illustration of one evolutionary path for the formation of neutron stars or black
holes. Here, T is the expected timescale for that phase of evolution, and N is the estimated
number of objects in the Galaxy currently experiencing this evolutionary phase (Postnov &
Yungelson 2014).
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remnant will merge and will create a single neutron star or black hole, or the secondary

will evolve and explode in its own SN resulting in (2) both remnants being expelled from

the system by the SN, or (3) the remnants will remain bound and will eventually merge,

producing gravitational waves and creating a massive black hole (Postnov & Yungelson 2014;

Tauris & van den Heuvel 2023).

It is important to clarify that our discussion thus far has concerned binary evolution

involving stable mass transfer. This is when the mass donor is able to remain in hydrostatic

equilibrium during and following mass transfer. This means that the events that occur during

the mass donor's evolution occur on either a thermal or a nuclear timescale. For Case A

evolution, as long as the secondary does not evolve to �ll its own Roche lobe, this results

in mass transfer occurring during a \fast" and \slow" phase. As mass transfer begins, the

orbit will shrink, and mass transfer will occur on a thermal timescale. After the mass ratio

inverts, the donor can thermally \relax" until it expands again to �ll its Roche lobe. At this

point mass transfer is driven by nuclear evolution. This is known as the Algol phase. After

the donor �nishes its MS evolution, the �nal phase of Case AB mass transfer will strip the

remaining envelope and will leave the He core exposed.

Case B mass transfer is signi�cantly less complex. For Case B mass transfer, the stars

will interact while the mass donor expands during H-shell fusion. This results in only one

phase of \fast" mass transfer which strips the donor of most of its H envelope. There are

several factors that can alter these processes, such as rapid rotation, the distribution of

material within the star, and stellar metallicity. However, the largest question that remains

unanswered is the dependency of the mass transfer e�ciency on the spin-up of the mass

gainer star by gas accretion. The percentage of mass transferred that actually accretes
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onto the mass gainer will be directly in
uenced by the rotation of the gainer, because as the

gainer approaches critical rotation any accreted gas will be ejected back into the circumstellar

environment (Marchant & Bodensteiner 2023).

Everything described thus far is dependent on the separation of the stars. This de-

pendency in �nal outcome is illustrated in Figure 1.2 (from Sana et al. 2012). If there is

su�cient distance between the stars and the orbital period is therefore above 1000 days, then

the stars will each evolve independent of the other with only the end stage SN in
uencing

their companion (far right section of Fig. 1.2). If they are closer together, then they will

likely interact. The manner of this interaction is dependent on the separation and mass of

the stars (left two sections of Fig. 1.2). If the initial orbital period is between 6 and 1000

days, then it is most likely that the primary will be stripped of its outer layers through mass

transfer. The secondary will either accrete this material and be spun up, or it will experience

common envelope evolution (see Section 1.1.3). If the initial orbital period is between 2 and

6 days, more systems are likely to merge. Finally, If the initial orbital period is between 1:5

and 2 days, then it is almost guaranteed that the two stars will merge. These interactions

can result in the formation of rapidly rotating stars, accelerated polar jets of material, or

expelled material that can form shells, disks, or rings around the system.

1.1.2 Rapid Rotators from Binary Interaction

Rapidly rotating stars form as a result of the conservation of angular momentum during

the mass transfer stage or merger event. As mass is transferred from the primary to the

secondary, the mass gainer increases its rotation rate as high angular momentum gas is

deposited in its upper atmosphere. The more mass that is transferred, the faster the star
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Figure 1.2 A graphical representation of the dependence of the outcomes of binary evolution
on the initial orbital period (from Sana et al. 2012).

will spin. If mass transfer continues, then the star will eventually reach critical rotation

(Packet 1981). This is the point at which the star can accrete no additional material. If

mass transfer continues, the excess mass will not accrete onto the star, but will instead form

a disk surrounding and centered on the star. This disk can either be an accretion disk or

a decretion disk. An accretion disk occurs when the material within the disk continues to

accrete onto the surface of the star. A decretion disk occurs when material is ejected from

the star's surface into the disk.

Several initial evolutionary states and their relationship to spun-up rapid rotators are

discussed by de Mink et al. (2013). Figure 1.3 illustrates which initial scenarios result in

rapid rotators. They �nd that if a binary has a mass ratio close to unity and a relatively
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long orbital period, then the secondary will be spun-up via post MS mass transfer (panel

(a) Fig. 1.3). If a binary has a small mass ratio and a long orbital period, the binary will

likely merge after their MS evolution (panel (b) Fig. 1.3). If a binary has a mass ratio

close to unity and a small orbital period, slow Case A mass transfer will occur during the

MS and will result in a rapidly rotating secondary (panel (c) Fig. 1.3). Finally, if a binary

has a small mass ratio and a small orbital period, the binary will experience mass transfer

during MS evolution and will result in a rapidly rotating merger (panel (d) Fig. 1.3). The

predicted outcome depends upon the assumptions made about stellar structure, winds, and

tidal forces.

de Mink et al. (2013) also illustrate the evolution of the rotation rate of the primary as

a function of initial orbital period. This illustration is included here as Figure 1.4. They

illustrate the e�ect of Case A (mass transfer with a MS donor), Case B (mass transfer

with a post-MS donor), Case AB (mass transfer following primary departing from the MS),

Case ABB (primary �lls Roche lobe again during He shell fusion and expansion), and Case

C (mass transfer with a supergiant donor) mass transfer on the brightest MS star in the

system. This will initially be the primary component, however after the mass ratio reverses

the secondary component will now be the brighter star. This is indicated by the \spun up

secondaries" section as the oldest and fastest rotating section of Figure 1.4.

We do indeed �nd many cases of rapid rotation among the massive stars. An example

of rapidly rotating stars with decretion disks are the classical Be stars. The \e" in their

classi�cation indicates the presence of emission lines, which are generally not found in the

atmospheres of stars. These lines indicate the presence of a circumstellar disk. Many Be

stars may have been spun-up by mass transfer in a binary. New research shows that some
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Figure 1.3 Depictions of the rotational velocities of binary components as a function of time
from models by de Mink et al. (2013). The primary has an initial mass of 20M � , a metallicity
Z = 0:008, and both stars have an initial rotational velocity of 100 km s� 1. Thick lines show
the stellar equatorial velocities while thin lines show the corresponding Keplerian velocities.
The top row shows systems with an initial orbital period ofP = 25 days, while the bottom
row shows systems withP = 2:5 days. The panels on the left show systems where the initial
mass of the secondary is similar to that of the primary,M 2=M1 = 0:75, while the panels on
the right show a more extreme mass ratioM 2=M1 = 0:25. The phases where one of the stars
is rotating in excess of 200 km s� 1 are highlighted in gray.

Be stars are orbited by a hot subdwarf companion (sdO). These objects are the stripped

down cores left over from binary mass transfer. Wang et al. (2018) found a number of new

Be+sdO systems, and have continued searching for and �nding these hidden stripped down

companions (Wang et al. 2020, 2021, 2022, 2023).

Not all rapidly rotating stars are found in binary systems. The most rapidly rotating

stars discovered to date are VFTS 102 with an equatorial velocityve = 649 km s� 1, which

corresponds to a critical rotation fraction of 
=
 c = 1:00, and VFTS 285 with ve = 648



9

Figure 1.4 A simulation of the evolution of the rotational velocity of the \brightest MS star"
within a binary system. The initial masses adopted are 20M � and 15M � . The di�erent
Cases for mass transfer are labelled. The vertical dotted line is the maximum separation up
to which the system experiences mass transfer. Panels (a) and (c) in Fig. 1.3 correspond to
regions indicated as \example (a)" and \example (c)" above (from de Mink et al. 2013).

km s� 1 and 
 =
 c = 0:95 (Shepard et al. 2020). Both VFTS 102 and VFTS 285 are currently

single stars. However in our study, we found that both stars reached this excessive rotational

velocity through binary interactions. We argued that the extreme rotation of VFTS 102 is

the result of a merger event (Chapter 3). VFTS 285, on the other hand, was spun up

and enriched by mass transfer, and then was ejected when its companion exploded as a

supernova. These conclusions are supported by the velocities of the stars. VFTS 102 has a

similar spatial velocity to its neighbors, while VFTS 285 is moving signi�cantly faster than

its neighbors. VFTS 285 also appears to be moving away from a supernova remnant at the

core of the 30 Doradus (30 Dor) region in the Large Magellanic Cloud (LMC). This indicates

that VFTS 285 is a runaway star. Both VFTS 102 and 285 are the subjects of Chapters 2

and 3.

Another rapid rotator is investigated by Gies et al. (2022). Prior to their analysis,

HD 93521 was a mystery. It is a massive, rapidly rotating O-type star that has traveled
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1 kpc out of the disk of the Milky Way. It has now reached the peak of its arc and is in the

process of returning to the disk. It is estimated that this star has been travelled for 39� 3

Myr, while the estimated age is only 5� 2 Myr. This discrepancy was addressed by Gies

et al. (2022), who argued that HD 93521 was a part of a binary system when it was ejected

from the disk, and that during its travels the binary system merged to create a single, more

massive, and rapidly rotating star.

1.1.3 Mergers from Binary Interaction

The previous sections have discussed a number of situations where the object in question

is the result of a merger event. This is understood simply as when two bodies interact

such that their components become mixed, and they eventually reach equilibrium as one

object. However, there are two paths by which two stars can merge. The �rst is a contact

binary. In this instance, the two stars are close enough together that their atmospheres are

in contact with one another. Mass is able to 
ow between both stars easily, and they share

temperature, luminosity, and composition. The classic example of this is the massive contact

binary VFTS 352, located in the LMC (Almeida et al. 2015).

The second option through which a binary may merge is through a common envelope

(CE) phase. This is similar to the contact binary. In this case, out
ows remove large amounts

of angular momentum resulting in a decrease of the orbital separation. The secondary is

expected to enter the outer layers of the primary's atmosphere. This can result in either

the secondary's atmosphere being stripped o� before completely merging, or the secondary

ejecting the material in the outer atmosphere of the primary. In this second case, the

material that is ejected from the primary may form an expanding disk or shell surrounding
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the remaining cores. However, whether a system merges or ejects the primary's atmosphere

remains to be answered. Mergers are expected to produce a variety of systems, including

single stars, close binary systems, and even magnetic stars (Marchant & Bodensteiner 2023).

1.1.4 Runaway Stars

Runaway stars are single or multiple stars that have been ejected from their birth cluster or

system in some manner. They are identi�ed as runaway stars due to the di�erence between

their velocities and those of their current neighbors. If they are traveling in a di�erent

direction or at a di�erent speed (in excess of 30 km s� 1 di�erence) than their neighbors,

then we can assume that they were not born where they are currently located, since most

stars retain the general motion of their birth cloud (Gies & Bolton 1986). They can also be

identi�ed by their current position. Since most high mass stars will have a small velocity,

they are expected to move less than 100 pc from their birth location over the course of their

MS life. These stellar nurseries should reside in star forming clouds or spiral arms. However,

many high mass stars have been found far from star forming regions (see Gies & Bolton 1986

for additional details). This is due to receiving a large velocity boost and rejuvenation from

dynamical and binary interactions.

One method for creating a runaway star is by being ejected from the star's birth cluster.

Gualandris et al. (2004) propose that three di�erent runaway systems were ejected through

dynamical interactions within the Trapezium cluster, approximately 2:5 Myr ago. This may

have been the result of a binary-binary or binary-single star interaction. However, accurately

simulating N-body dynamics is challenging, and the authors could not draw a clear conclusion

about which situation was responsible for the ejection. However, it is clear that the runaway



12

stars AE Aurigae and� Columbae and the binary� Orionis were all ejected from the same

cluster through a binary-binary dynamical interaction.

Another mechanism that can result in a runaway system is a supernova. When a star

explodes in a SN, the material within the atmosphere is expelled violently, and a shock

wave propagates outwards. A supernova explosion in a binary system will result in a near

instantaneous loss of gravitational pull, causing the surviving star to move away from the

site with a speed comparable to its former orbital speed. The binary may be disrupted, but

if the SN mass loss does not exceed half of the total mass of the binary, then the system

may remain bound (depending upon any asymmetries in the explosion itself). One star that

may have originated from a binary that exploded in a SN is the star� Ophiuchi. Neuh•auser

et al. (2020) traced the motion of� Oph back to approximately the same location as another

runaway object, the pulsar (PSR) PSR B1706-16. They found that� Oph and PSR B1706-

16 were approximately 0:5 pc apart at approximately the same time (1:78� 0:21 Myr ago)

at approximately the same distance from Earth (107� 4 pc). They also found that the PSR

was given a velocity kick of 253� 54 km s� 1 by the SN. The space velocity of� Oph has

been a topic of considerable debate, however the presence of a large bow shock progressing

in front of � Oph indicates that it is moving supersonically through the interstellar medium

(ISM) (Green et al. 2022).

1.1.5 Serpentids and Binary Interaction

Serpentids are a class of interacting binary stars with properties found in the prototype

system, W Serpentis. Observations by Bauer (1945) showed that the secondary (donor)

component is hidden in the spectra even during eclipse, the light curve is extremely peculiar
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with no visible secondary eclipse, and that there is a gaseous shell around the system.

Further investigations by Plavec (1980) and Wilson (1989) revealed the presence of high

energy, far-ultraviolet (FUV) emission lines. The key feature of W Ser is the presence of an

extended circumbinary disk (CBD). This large disk may result from mass loss through the

L3 Lagrangian point following mass transfer due to RLOF (Tauris & van den Heuvel 2023;

Nazarenko et al. 2005). This CBD is perhaps one of the main de�ning characteristics of the

Serpentid class (Plavec 1980).

The extent of the CBD and how much mass is lost to it remains an area of active research.

Lu et al. (2023) constructed models of systems experiencing mass transfer and calculated the

fraction of mass lost to the CBD. They �nd that a mass-transfer rate exceeding approximately

10� 4M � yr � 1, results in an \order-unity fraction" of transferred mass that is lost through

the L3 Lagrangian point. The fraction of mass lost depends on gas metallicity, radiative

cooling rate, viscosity of the gas, and the binary mass ratio.

1.1.6 Eclipsing Binaries

Variable stars display 
ux variations that are portrayed in a light curve. The variation

can be the result of pulsations (Pulsating Variables such as Cepheids), eclipses (Eclipsing

Variables such as Algol), star spots (Rotating Variables such as our Sun), obstruction by

ejected material (such as RW Cephei), or 
ares (Eruptive Variables such as UV Cetus). One

type of variable star system is an eclipsing binary. To be observed as an eclipsing system,

the binary must be oriented so that the observer sees the edge of the plane of the orbit. As

the stars orbit their center of mass, they will then pass in front of each other, periodically

eclipsing the light produced by the other star.
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1.2 Methods of Study

Throughout this work, we utilize data obtained from several di�erent observational methods.

Here we discuss spectroscopic, interferometric, and light curve methods, and show what we

may learn from analyzing the data.

1.2.1 Spectroscopy

Spectroscopy is the study of the component wavelengths of light produced by a system.

Through analyzing di�erent elements found in the spectrum, we can determine the e�ective

temperature, surface gravity, rotational velocity, micro- and macroturbulence (turbulence of

gas within the atmosphere of the star), abundances of the system, and obtain an estimate for

any amount of additional 
ux from an unseen source. We can also measure radial velocities,

which track the Doppler shift of spectral features caused by an object's movement. The

movement measured depends on the feature selected, and which object is producing that

feature.

As previously discussed, binaries are not always composed of two equally bright stars. In

the case of the Be+sdO binaries, the subdwarf object is hotter, but much smaller and fainter.

Therefore, when we obtain a spectrum of these systems it is di�cult to �nd an identi�able

signature of the fainter companion. In most cases the bright companion dominates the

spectrum in the visible wavelengths, and only in the far-ultraviolet does the contribution of

the sdO become more apparent. The cases where only one star is visible in the spectrum

are known as single-lined spectroscopic binaries. The spectroscopic signatures from both

stars are visible in double-lined binaries, and the radial velocities of both components can

be measured (Hilditch 2001).
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In double-lined spectroscopic binaries, the radial velocity curves provide nearly all the

necessary information in order to estimate the masses of the individual stars. The other piece

of information needed is the inclination of the system. This can be obtained by modeling the

light curve (see Section 1.2.3) or by successfully resolving the binaries with interferometry

(see Section 1.2.2). Once the inclination is known, the individual masses may be calculated.

These may in turn be used to compute the orbital shape of the binary system projected in

the sky.

1.2.2 Interferometry

Interferometry is the study of an object utilizing the interference patterns of waves. This

is accomplished by observing the object with several telescopes at the same time. These

telescopes are placed some distance away from each other. The light from the individual

observations is then fed back to a lab where the light waves are aligned and interfere. These

interference patterns contain a variety of information about the object being observed, such

as the size, shape, symmetry, light distribution, and the inclination of the system. For a more

in-depth discussion of interferometry please see McAlister et al. (2005) and ten Brummelaar

et al. (2005), and for an introduction to interferometry concepts please see Monnier (2003).

The largest interferometer in the world is the Center for High Angular Resolution As-

tronomy (CHARA) Array. The large baselines available in this array allow for the resolution

of much smaller objects than would be viable with other interferometers. This provides

the best chance at successfully resolving the CBDs surrounding the Serpentid systems (see

Section 1.1.5). If the system is close enough or the binary has a large enough orbit, we may

be able to resolve the separation between the two stars. However, we do not expect to be
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able to do this for many of the distant systems in our sample.

Interferometry data from CHARA yields two primary measurements: the visibilities and

the closure phases. The visibility measurements provide basic information on the spatial

distribution of an object's intensity. These include the size, the shape, and the surface

features of the object, whether there is extra light (such as a third star or an over-resolved

CBD), if the system is a binary or a tertiary (three stars), and the geometry of the binary.

The closure phase measurements provide information primarily on any spatial asymmetries

of the system, for example, setting the direction from brighter to fainter star in a binary

system (Buscher & Longair 2015).

1.2.3 Light Curve Analysis

Eclipsing binaries are key to the determination of many stellar parameters. An example

light curve from an eclipsing binary is shown in Figure 1.5. Here we can identify the pri-

mary eclipse, when the cooler component moves in front of the hotter component, and the

corresponding secondary eclipse. By studying the light curves produced by eclipsing binary

systems, we can estimate parameters including the orbital period of the system, the inclina-

tion of the plane of the orbit, the relative brightness of the two objects, and the stellar radii

(Hilditch 2001). There are a number of software codes available to model the light curves

including ELC (Orosz & Hauschildt 2000) and PHOEBE (Pr�sa et al. 2016a).

1.3 Outline

This work summarizes the previous six years of research and publication. It will progress in

chronological order, from the �rst project completed to the most recent project. The �rst
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Figure 1.5 An example light curve from the NASAKepler satellite of the eclipsing binary BW
Aquarii from Lester & Gies (2018). The primary eclipse occurs just before phase� = 0:0 and
the secondary eclipse occurs about half an orbit later. This is an eccentric binary (e = 0:18),
and phase 0 corresponds to the time of periastron. The secondary eclipse has a longer
duration because the orbital motion is slower near apastron.

project is covered entirely in Chapter 2, where we investigate the presence of wind signa-

tures in the spectra of the extreme rapid rotators VFTS 102 and 285. Next, we examine the

spectral line pro�les of the VFTS stars and use a spectral synthesis model to produce new

estimated parameters for both stars and to determine a likely scenario for their evolutionary

history (Chapter 3). Finally, Chapter 4 discusses the work we have accomplished on W Ser-

pentis. Here we cover both the spectroscopic (Section 4.3) and interferometric (Section 4.4)

results. We discuss the photospheric lines from the mass donor present in our spectra (Sec-

tion 4.3.3) and perform a Doppler tomography reconstruction of the spectrum of the mass

gainer (Section 4.3.4). We then utilize a grid search binary modeling program to analyze the

CHARA interferometry results (Section 4.4.1) in order to �t the binary orbit as seen on sky

(Section 4.4.2). We then give a summary of the components of the system (Section 4.5.1),

estimate the mass ratio of W Ser (Section 4.5.2), discuss our analysis of the light curve
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(Section 4.5.3), derive individual masses for the mass donor and mass gainer (Section 4.5.4),

and create a model for W Ser (Section 4.5.5). Finally, we reiterate our conclusions about

the evolutionary stage of W Ser (Section 4.6). We summarize the dissertation results and

their relationships in Chapter 5, and we discuss planned future work in Chapter 6.
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CHAPTER 2

The Fastest Rotating Stars: HST/COS Spectra of the Wind Lines of VFTS 102
and 285

2.1 Introduction

Massive stars are hot, luminous objects that experience mass loss by radiatively-driven stellar

winds (Puls et al. 2008). Many massive stars are also rapid rotators (Ram��rez-Agudelo et al.

2013), however despite this commonality, the manner in which rotation a�ects the wind

geometry and mass loss properties of the star remains a mystery.

Friend & Abbott (1986) and Pauldrach et al. (1986) began to study this problem utilizing

calculations that included the e�ective reduction in gravitational acceleration. This charac-

teristic is a result of the rotational centrifugal acceleration which reaches maximum e�ect at

the equator. These models and a subsequent study by Bjorkman & Cassinelli (1993) of the

crossing wind trajectory lines over the equator led to the prediction that the e�ective mass

loss rate would increase from pole to equator. However, very rapid rotators are expected to

have cooler photospheres closer to their equatorial regions (gravity darkening), and further

investigations that accounted for this found that, in fact, the local mass loss rate attains

a minimum at the equator (Owocki et al. 1996; Maeder & Meynet 2000; Pelupessy et al.

2000) and that the strongest winds occur at the poles driving bipolar out
ows (Dwarkadas &

Owocki 2002). Detailed wind models by M•uller & Vink (2014) appear to verify that the polar

out
ows dominate the mass loss, and because the polar gas has little angular momentum,

massive stars would lose matter but retain angular momentum, leading to faster rotation

over time.

Another important factor is the temperature of the photospheric gas and the varieties of
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ionic transitions that act as wind-driving opacity sources. Vink et al. (1999) showed that as

temperatures decline below approximately 25000 K the ionization balance of Fe atoms shifts

from Fe IV to Fe III , and the multitude of line transitions of the latter act in the winds of

B-supergiants to increase dramatically the mass loss rate on the cooler side of abi-stability

jump, a point of discontinuity in the properties of stellar winds. Such cooler temperatures

could exist among rapidly rotating, later-type O-stars, and Owocki et al. (1998), Maeder

& Meynet (2000), Pelupessy et al. (2000), and Madura et al. (2007) showed that in such

cases mass loss might be enhanced over equatorial regions. This trend was recently and

vividly illustrated in wind calculations by Gagnier et al. (2019a), who presented models for

the latitudinal variation in wind strength for realistic, two-dimensional models of rapidly

rotating O-stars (Espinosa Lara & Rieutord 2011). They found that for very rapid rotation

the local temperature may drop below the bi-stability jump causing a large increase in the

local mass loss rate at the equator. The star then enters a two-wind regime with a fast, low

density wind at high latitudes and a slow, very dense out
ow near the equator. In this case,

the latter component becomes the dominant source of mass and angular momentum loss.

Given the two very di�erent outcomes of the models (polar versus equatorial mass loss),

we must turn to observational results for luminous rapidly rotating stars. The far ultraviolet

spectra of the O-stars are marked by three major resonance doublets, NV �� 1238; 1242, SiIV

�� 1393; 1402, and CIV �� 1548; 1550, which are generally formed by scattering in the stellar

wind (Howarth & Prinja 1989). These lines appear as P Cygni pro�les with blue-shifted

absorption (from the column of gas carried by the wind projected against the star) and red-

shifted emission (from the halo of scattered light around the star), and the line strengths and

out
ow velocities generally vary according to temperature and gravity associated with the
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spectral classi�cation (Walborn et al. 1985; Howarth & Prinja 1989). However, the P Cygni

lines of several rapid rotators show unusual properties for their classi�cations. Howarth &

Reid (1993) presented a detailed study of the rapid rotator HD 93521, which has a projected

equatorial rotational velocity of V sini = 341 km s� 1. They found evidence of both a strong,

low velocity component in the lines of SiIV and C IV and a weaker but high velocity

component in NV and C IV . They interpreted this as the result of a latitudinal dependence

in the wind ranging from fast at the poles to slow at the equator, as predicted in most

models. Massa (1995) came to a similar conclusion in an examination of the UV spectra of

HD 93521 and the rapid rotator� Oph (HD 149757;V sini = 348 km s� 1).

We now have the opportunity to explore the winds of extremely rapid rotators in two cases

discovered in the vicinity of the Tarantula Nebula complex in the LMC. The VLT-FLAMES

Tarantula Survey (VFTS; Evans et al. 2011) was a large-scale survey to obtain optical

spectroscopy of over 800 massive stars in the 30 Dor region. Among the many remarkable

discoveries made in the survey was the identi�cation of two very rapid rotators. Dufton

et al. (2011) described the spectrum of VFTS 102, a late-type O-star withV sini = 610

km s� 1, the largest projected rotational velocity ever measured. They discuss the possible

origin of this star as the spun-up, mass accretor in a binary system that broke apart upon

the supernova explosion of the companion that created the nearby X-ray pulsar, PSR J0537-

6910. A second fast rotator was discovered by Ram��rez-Agudelo et al. (2013), VFTS 285,

with V sini = 609 km s� 1. These two fast rotators are conspicuous outliers in theV sini

distribution of the VFTS sample, where the majority of single O-type stars have aV sini

between 40 and 120 km s� 1 (see Fig. 5 and Fig. 11 in Ram��rez-Agudelo et al. 2013).

These two extremely rapid rotators are ideal targets to explore the wind properties in the
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case of close to critical rotation, where the equatorial velocity is nearly equal to the Keplerian

orbital velocity. Here we present spectra of the NV and Si IV pro�les of VFTS 102 and 285

obtained with the Hubble Space Telescope(HST) and Cosmic Origins Spectrograph (COS).

The observations and data reduction are discussed in Section 2.2. Both wind lines contain

components formed in the ISM of the Galaxy and LMC, and in Section 2.3 we describe our

method to isolate and remove these ISM components. Then in Section 2.4 we investigate the

wind line morphology in the context of the wind lines of Galactic rapid rotators that were

observed with theInternational Ultraviolet Explorer (IUE). Our results are summarized in

Section 2.5. This work was published by Shepard et al. (2020).

2.2 HST/COS Spectroscopic Observations

The Cosmic Origins Spectrograph (COS) is a high dispersion spectrograph that was designed

to record the UV spectra of faint point sources (Green et al. 2012; Fischer 2019). The obser-

vations reported here were made during Cycle 23 under program GO-14246. The HST/COS

observations of VFTS 102 were obtained over three orbits on 2017 January 1, and those of

the brighter VFTS 285 were made in a single orbit on 2016 April 10. These far-UV spectra

were all made with the G130M grating in order to record the spectrum over the range from

1150 to 1450�A with a spectral resolving power ofR = �= 4 � = 18000. There are two

COS detectors that are separated by a small gap of 21�A, therefore the VFTS 102 spectra

were made at three slightly di�erent central wavelengths (1300, 1309, and 1318�A ) in order

to �ll in the missing 
ux. In each of these settings, four sub-exposures were obtained at

four FP-POS, or focal plane o�set positions, in order to avoid �xed-pattern problems. The

VFTS 285 spectra were made in the same way except only two central wavelength positions
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were selected, 1300 and 1318�A, due to orbital time restrictions.

The observations were processed with the standard COS pipeline to create wavelength and


ux calibrated spectra as x1d.fits �les for each central wavelength arrangement (Rafelski

2018). The sub-exposures were subsequently merged onto a single barycentric wavelength

grid using the IDL procedurecoadd x1d.pro 1 (Danforth et al. 2010). Finally, both spectra

were transformed to a uniform grid with a log� pixel spacing equivalent to a Doppler shift

step size of 2:60 km s� 1 over the range from 1150 to 1440�A. The coadded spectra have a

signal-to-noise ratio of S/N= 5 per pixel in the central, best exposed regions.

The spectra are composed of very broad and blended photospheric lines, very strong Ly�

absorption, the N V �� 1238; 1242 and SiIV �� 1393; 1402 wind lines, and numerous sharp

interstellar lines. For the purposes of this work, the spectra were 
ux normalized to the

pseudo-continuum values in the vicinity of 1400�A. I present a discussion of the photospheric

lines in the next chapter, and I concentrate on the wind lines here.

2.3 Line Components from the Interstellar Medium

Inspection of the HST/COS spectra of VFTS 102 and 285 revealed that the wind lines

(especially SiIV ) are inscribed with narrow components formed in the interstellar medium

(ISM) of both the Galaxy and LMC. In order to analyze the wind lines originating from

the star itself, we need to remove the ISM components. We approached this problem by

searching the HST archive for other COS and G130M grating spectra of luminous stars

in the LMC in order to identify the general shapes and strengths of the ISM absorption

components. Table 1 lists nine other stars that have spectral observations comparable to

1http://casa.colorado.edu/ � danforth/science/cos/coadd x1d.pro
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those of VFTS 102 and 285. The columns of Table 1 list the target name used in the archive,

other name, spectral classi�cation and source, the number of available COS spectra, the HST

program number and principal investigator, and whether or not (Y=yes or N=no) the target

spectra were used in our scheme to remove the ISM lines. These spectra were reduced to

the same wavelength grid using the methods applied to the VFTS 102 and 285 spectra,

and where multiple spectra were available, they were co-added to form a single, high S/N

spectrum. We further smoothed the spectra by convolution with an 11 pixel boxcar function,

reducing the spectral resolution toR = �= � � = 10000, and normalizing the spectra to the

median average of the 
ux in the 1397 to 1402�A range. In order to normalize the spectra,

we determined that simply rescaling the spectra would su�ce for our interests. For our

purposes, we restricted this set to four target spectra that display very broad stellar features

in the vicinity of Si IV �� 1393; 1402, so that the narrow ISM lines are readily identi�ed by

their sharp appearance. These four spectra are shown in Figure 2.1, and in all these cases

the ISM components appear as narrow absorptions superimposed upon broad P Cygni type

pro�les.

We used these four spectra to form an average ISM component spectrum for both

VFTS 102 and 285. Each spectrum was shifted by a few pixels allowing the deepest LMC

absorption component to align with the same feature in the VFTS target spectra. Then

all four were averaged together to form a single spectrum. Next we interpolated across the

span of the interstellar components by making parabolic �ts of the immediately adjacent

line regions. The ISM components were then extracted by dividing by the parabolic �ts.

The �nal isolated interstellar lines are shown in the lower portion of Figure 2.2. The SiIV

�� 1393; 1402 pro�les of VFTS 102 and 285 are plotted in Figure 2.2 after smoothing to the
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Figure 2.1 HST/COS spectra of LMC stars in the vicinity of SiIV �� 1393; 1402. The ISM
components from the Galaxy (left) and LMC (right) are seen as narrow absorptions in both
components of the doublet. The normalized 
uxes are o�set vertically for clarity by +5:3,
+4:2, +2:2, and 0 from top to bottom, respectively.

same resolving power ofR = 10000. The gray line corresponds to the observed spectrum

and the black line shows the net pro�les after subtraction of the ISM lines. In principle,

the interstellar absorptions remove a fraction of the 
ux, therefore technically we should di-

vide rather than subtract their pro�les, however we found that subtraction better preserved

the S/N properties of the observed spectra and appeared to succeed in removing most of

the interstellar components. We note that the small shifts we applied to align the LMC

components may not be appropriate for the Galactic components along the line of sight,

but because the Galactic components are relatively weak, this inconsistency has only minor

consequences for the subtracted spectra.
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Figure 2.2 HST/COS spectra of VFTS 102 and VFTS 285 in the vicinity of SiIV
�� 1393; 1402. The lower solid line shows the expected ISM components for the doublet.
The upper lines (o�set by +1) depict the observed spectra with both the stellar and inter-
stellar components (gray) and with the ISM components removed (black).

The results of ISM removal for the SiIV �� 1393; 1402 lines (Fig. 2.2) show that the

spectrum of VFTS 102 has little to no wind contribution in this transition. On the other

hand, the ISM-subtracted spectrum of VFTS 285 shows a strong net absorption for both

members of the doublet that is Doppler shifted to a position between the ISM components of

the Galaxy and LMC. Such strong features at these wavelengths are not seen in the spectra

of any of the other luminous LMC stars listed in Table 1. Therefore, we conclude that this

feature has its origin in the star itself. We consider a wind origin for this feature in the next

section.
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Table 2.1: Other LMC Stars Observed With COS G130M

Name Other Name Sp. Class. Ref. No. Spec. HST Prog. PI Used
AA
 30Dor 187 UCAC3 42-30814 O6 (f)np 1 4 14683 J.-C. Bouret Y
AA
 30Dor 333 CPD{69 � 471 O2-3 (n)fp 1 8 14683 J.-C. Bouret Y
AA
 30Dor 368 UCAC3 42-33014 O7.5 (f)np 1 4 14683 J.-C. Bouret N

HD 38029 Brey 67 WC4 + OB 2 1 12581 J. Roman-Duval N
SK-68� 129 W61 27-56 B1 I 3 2 12581 J. Roman-Duval Y
SK-68� 140 VFTS 696 B0.7 Ib-Iab Nwk 4 1 12581 J. Roman-Duval N
SK-68� 155 UCAC2 1934920 O8 Ia 5 1 12581 J. Roman-Duval Y
SK-69� 279 UCAC2 1677771 O9.2 Iaf 6 1 12581 J. Roman-Duval N
VFTS 352 OGLE BRIGHT-LMC-ECL-9 O4.5 V + O5.5 V 7 16 13806 H. Sana N
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2.4 Wind Pro�les of Rapid Rotators

2.4.1 Comparison to a Sample from IUE Spectroscopy

Our intent is to place the appearance (or absence) of the wind pro�les in the spectra of

VFTS 102 and 285 into the context of the observational properties of wind lines among O-

stars in general and rapid rotators in particular. The strengths of the absorption troughs and

emission peaks of the wind lines vary as a function of mass loss rate (dependent on luminosity

and metallicity), terminal velocity (related to escape velocity), and temperature (related to

characteristic ionization fractions). Consequently, the appearance of the wind lines is closely

related to the spectral classi�cation (associated with photospheric temperature and gravity),

and there are clear trends with both spectral type and luminosity class. The trends in the

primary P Cygni wind lines of N V �� 1238; 1242, SiIV �� 1393; 1402, and CIV �� 1548; 1550

for Galactic O-stars are displayed in Figure 2 of the paper by Howarth & Prinja (1989)

and additionally in the atlas by Walborn et al. (1985). The NV feature grows in strength

and extent (towards larger terminal velocity) from near invisibility among late-type O-stars

to dominance among early type main sequence stars. Similar trends are observed in giant

O-stars, while in supergiants, the NV lines are strong among all spectral types. The SiIV

line, on the other hand, generally shows only photospheric components (or blends with

ISM components) among the O-dwarfs, and wind pro�les are only found among the more

luminous O-stars (particularly the cooler ones). Crowther et al. (2016) present a similar

spectral montage for O-stars in the LMC (see their Figures A1 to A11). Although many of

the same general trends are present in the LMC O-stars, the wind lines tend to be somewhat

weaker than found in their Galactic counterparts due to the lower metallicity of the LMC
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and reduced wind-driving line opacities.

The wind lines of rapidly rotating Galactic O-stars show a great diversity of morphology

that often departs from the general trends (Howarth & Reid 1993; Massa 1995). Nevertheless,

there are patterns among the spectral lines of these rapid rotators that can help place

those of the LMC stars in the context of spectral classi�cation and rotational velocity. For

this purpose, we collected the available high dispersion spectra of extremely rapid rotators

from the International Ultraviolet Explorer (IUE) archive for a direct comparison of their

wind lines with those of VFTS 102 and 285. The stars selected have spectral subtypes

from O7 to O9, and are all likely very rapid rotators. Most have large measured projected

rotational velocity V sini that is also indicated by one or more \n" labels attached as a

su�x to the classi�cation to indicate very broad absorption lines. Several others have an \e"

su�x denoting Balmer emission that is usually associated with emission from a circumstellar

disk, as found among the rapidly rotating Be stars (Negueruela et al. 2004). The stellar

parameters for the sample of seven Galactic rapid rotators plus those of VFTS 102 and

285 are summarized in Table 2.2. The columns list name, number of Short Wavelength

Prime spectra from the IUE archive, spectral classi�cation and reference, radial velocity and

reference, projected rotational velocity and reference, and estimated wind terminal velocity

and mass loss rate from the work of Howarth & Prinja (1989). Note that the measured

V sini value is very large for all the targets except HD 155806, but given the presence of

disk-like emission in its spectrum, we expect that it is a rapidly rotator viewed from a lower

inclination angle with smaller projected rotational Doppler shifts (Negueruela et al. 2004).
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Table 2.2: Rapidly Rotating O-type Stars

Star No. Spectral Ref. Vr Ref. V sini Ref. V1 � log(� dM=dt)
Name IUE Classi�cation Code (km s� 1) Code (km s� 1) Code (km s� 1) (M � yr � 1)

HD 46485 2 O7 V ((f))n var? 1 26 4 342 12 2250 6.6
HD 60848 12 O8: V:pe 1 6 5 231 12 1650 6.8
HD 93521 150 O9.5 IIInn 1 � 14 6 341 12 1075 7.2
HD 149757 108 O9.2 IVnn 1 15 7 348 12 1640 7.2
HD 155806 4 O7.5 V((f))(e) 1 10 4 92 12 2900 6.6
HD 191423 1 ON9 II-IIInn 1 � 52 8 392 12 1350 6.6

BD+34 � 1058 1 O8 Vn 2 � 38 9 401 12 2315 6.3
VFTS 102 0 O9: Vnnne+ 3 228 10 610 13 � � � � � �
VFTS 285 0 O7.5 Vnnn 3 228 11 609 13 1287 � � �
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We collected all the available spectra of the Galactic rapid rotators from the Mikulski

Archive for Space Telescopes (MAST)2, and transformed these into normalized 
ux on a

uniform log� grid. If more than one spectrum was available, then we formed an average

spectrum to improve the S/N ratio. Finally all the spectra (IUE and HST/COS) were

smoothed to a resolving power ofR = 7500 for ease of comparison. The spectra of the

Galactic and LMC stars are collected in Figure 2.3 for both the NV �� 1238; 1242 and

Si IV �� 1393; 1402 transitions. Each spectrum is plotted as a function of Doppler-shifted

velocity in the target star's frame of reference according to the stellar radial velocityVr

listed in Table 2.2. The stars are ordered from weak and fast winds at the top to strong and

slow winds at the bottom. We see that the NV doublet absorption features are found to

some extent in all these stars with the sole exception of VFTS 102. The out
ow velocities

associated with these features are generally fast as expected for main sequence stars with

large escape velocities. However, the spectra of the two stars at the bottom of Figure 2.3,

HD 191423 and HD 93521, both show slow apparent velocities in the deepest parts of the

pro�le with decreasing absorption towards more negative velocities. Some of these trends

are re
ected in the Si IV lines. Again, VFTS 102 shows no obvious wind features, while the

lines appear as a composite of slow and fast components in most of the other stars. The

strong absorption component found in the spectrum of VFTS 285 is also apparent among

others stars, and these strong components are associated with slower out
ow (as discussed

for the case of HD 93521 by Howarth & Reid 1993 and Massa 1995). In the next subsection,

we discuss how these properties may re
ect changes in the wind properties with colatitude.

2https://archive.stsci.edu/iue/

https://archive.stsci.edu/iue/
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Figure 2.3 The NV �� 1238; 1242 and SiIV �� 1393; 1402 wind line pro�les for a sample of
O-stars. Each spectrum is plotted as a function of radial velocity of the blue component of
the doublet in the frame of the star, and they are o�set by integer units of normalized 
ux.
The rest velocities of each doublet component are indicated by dotted lines.

2.4.2 VFTS 285

The N V �� 1238; 1242 doublet appears in the red wing of Ly� (Figure 2.3), and it clearly

displays the blue-shifted absorption and red-shifted emission characteristic of wind lines.
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We measured the radial velocity of the two absorption minima asVr = � 1059� 20 km s� 1.

Adopting a stellar velocity of Vr = +228 km s� 1 (Sana et al. 2013) leads to a wind velocity of

v = 1287 km s� 1 in the star's frame, which is comparable to the average ofv1 = 1320� 315

km s� 1 for O7-8 V stars in the 30 Dor region of the LMC (see Table 6 in Crowther et al.

2016). On the other hand, the SiIV �� 1393; 1402 pro�le shows only shallow and weak

absorption that extends to similar blue-shift plus a deep and narrow absorption at a smaller

out
ow velocity. The minima of the latter component yield a velocity of Vr = +121 � 10

km s� 1, implying a wind out
ow velocity of v = 107 km s� 1 in the star's frame of reference.

We suggest that the di�erences between the NV and Si IV pro�les result from a variation

in the wind out
ow between the poles and equator. Gagnier et al. (2019a) present models

for the wind variations with colatitude for very rapidly rotating stars that are based upon

physically realistic models of the stellar structure and surface temperature variation. We

show an example of the shape of a rapidly rotating star in Figure 2.4 for the case where

the ratio of equatorial velocity to escape velocity at the equator is! = 0:992. The shape is

de�ned by the Roche model in which the stellar mass is assumed to be a point source at the

center and the outer boundary is set to an equipotential surface de�ned by the gravitational

and centrifugal forces. The temperature varies from hot at the pole to cool at the equator

(Teq = 0:55 Tpole for ! = 0:992 according to equation 32 of Espinosa Lara & Rieutord 2011).

The mass loss rate reaches a local maximum at the poles due to the intense 
ux at that

point, and declines towards the equator. However, Gagnier et al. (2019a) show that if the

gas temperature in the region where the wind originates drops below the bi-stability jump

at T � 25000 K, then lower ionization transitions emerge that can act to create a sharp rise

in the radiation-driven wind. The result is a two-wind regime in which signi�cant mass loss



34

Figure 2.4 The solid line represents a quarter cross section of the �gure of a very rapidly
rotating star like VFTS 285 for an angular rotation rate of! = 0:992 relative to the critical
rate. The �gure is plotted in terms of cylindrical coordinates for the radialr and polar z
directions in units of the polar radiusrp. The dashed and dotted lines represent the equatorial
plane and polar axis, respectively. The vectors placed at various surface normals represent
the wind velocity (length) and local mass loss rate (thickness) for the two-wind model from
Gagnier et al. (2019a). We surmise that the deep, slow absorption in the SiIV pro�le
originates in the strong out
ow around the equator and that the faster out
ow observed in
the N V pro�le forms in the regions closer to the pole.

occurs both at the poles (fast and low density) and at the equator (slow and dense). In the

fastest rotators that span the bi-stability jump, the equatorial out
ow dominates.

We suggest that the deep and narrow component of the SiIV pro�le originates in the slow

and dense out
ow from the equator and that the faster, blue-shifted absorption observed in

the N V pro�le forms in the polar winds, which are more comparable to those of slowly

rotating main sequence O-stars. We suspect that the slower, deep absorption component is

absent from the NV pro�le because the equatorial region gas is too cool to create highly
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ionized N. Conversely, the faster, polar out
ow is only weakly present in the SiIV pro�le

because Si is ionized beyond Si+3 in the hotter gas of the polar regions.

Dwarkadas & Owocki (2002) show how the terminal wind velocity should vary with the

local escape velocity at colatitude� according to (their equation 8)

v1 (� )
v1 (0)

=

"
ge� (� )
ge� (0)

#1=2

where ge� is the local e�ective gravity. If we suppose that the measured out
ow velocities

for N V and Si IV correspond tov1 (0) and v1 (90), for the pole and equator respectively,

then the relation above can be solved to �nd

v1 (90)
v1 (0)

=

 
rp

re

!

(1 � ! 2)1=2

whererp and re are the polar and equatorial radii and

! 2 =

 2

GM=r 3
e
:

Then for near-critical rotation in which rp=re = 2=3 (Espinosa Lara & Rieutord 2011), we

�nd a normalized rotation frequency of ! = 0:992, i.e., VFTS 285 is rotating very close to

the critical rate of ! = 1.

The extremely large projected rotational velocity of VFTS 285 also suggests near critical

rotation. Sab��n-Sanjuli�an et al. (2017) estimate that the star has a massM = 20M � and

radius R = 6:6R� . The projected rotational velocity is so large that it is safe to assume that

the inclination is i � 90� and sini � 1, and thusV sini = 
 re = 1:5
 rp. Setting the adopted
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radius to rp then yields 
 = 8 :8 � 10� 5 s� 1 and a rotation period P = 2�= 
 = 19 :7 h. The

Keplerian angular rotational velocity is 
 K =
p

GM=r 3
e = 9:0 � 10� 5 s� 1, so the estimated

ratio is ! = 
 =
 K = 0:981. This is very close to the value from the previous paragraph

found by comparing the di�erence in wind speed between pole and equator. Thus, VFTS 285

must represent a case of a star very close to critical rotation and oriented with its equator

directly along the line of sight (i � 90� ), which allows the slow, dense equatorial wind, viewed

projected against the star, to appear in the blue-shifted absorption component of the SiIV

pro�le.

2.4.3 VFTS 102

There is no evidence of a P Cygni wind pro�le for either the NV �� 1238; 1242 or SiIV

�� 1393; 1402 transitions in the spectrum of VFTS 102 (Fig. 2.3). This is not unexpected

given the O9 V classi�cation of the star. The cooler, late subtype O-stars show little evidence

of wind features in these transitions among main sequence stars in the Galaxy (Walborn

et al. 1985; Howarth & Prinja 1989) and in the LMC (Crowther et al. 2016), due to their

relatively lower mass loss rates and cooler photospheres. However, the O9 V stars usually

show photospheric components of SiIV which are very weak or absent in the spectrum of

VFTS 102. We suspect that their absence is partially due to the extremely large projected

rotational velocity that causes all the photospheric lines to appear very broad and shallow.

It is also possible that our ISM line removal scheme may have inadvertently subtracted out

any minor Si IV components from the star. The lack of deep and narrow SiIV components

like those observed in the spectrum of VFTS 285 is puzzling given the rapid rotation of

VFTS 102. However, since VFTS 102 is cooler, its equatorial out
ow may only sustain lower
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ionization stages of Si, rendering it invisible in the SiIV transitions.

Evidence that the star is losing mass from the equatorial region comes from the Balmer

emission lines that place VFTS 102 in the Oe category. We show in Figure 2.5 the H�

emission line as observed with the VLT X-shooter spectrograph (Vernet et al. 2011) on 2013

November 9. The line appears double-peaked with a central narrow emission component that

results from incomplete removal of the surrounding nebular emission. Such double peaks are

generally interpreted as forming in a circumstellar decretion disk like those found around the

classical Be stars (Rivinius et al. 2013). The H� emission line is particularly strong in the

spectrum of VFTS 102 with an equivalent width of� 46 �A and emission peaks reaching to

�ve times the continuum 
ux level. We used the equivalent width and the method presented

by Grundstrom & Gies (2006) to derive a disk half-light radius that is nine times larger

than the stellar equatorial radius, although we caution that this estimate is based upon an

extrapolation to higher temperature of model results for Galactic abundance stars. In any

case, the extremely large H� emission strength demonstrates that the star is losing mass

preferentially through an equatorial 
ow into a dense and extended circumstellar disk.

2.5 Conclusions

The LMC stars VFTS 102 and 285 are the record holders for fastest equatorial rotational

velocity, and the HST/COS spectra of these stars o�er us a rare opportunity to observe how

rapid rotation a�ects their radiatively driven mass loss. The wind lines in the spectrum of

VFTS 285 show evidence of both a fast out
ow that is typical of main sequence O-stars and

a striking and unusual slow component visible in the SiIV �� 1393; 1402 pro�les. We argue

that these features support the two-wind regime model for very rapid rotators presented by
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Figure 2.5 X-shooter spectrum of the H� pro�le of VFTS 102 that shows double-peaked
emission from a large circumstellar disk.

Gagnier et al. (2019a). In this model the wind mass loss rate is high and the speed fastest in

the polar regions where the stellar temperature and local escape velocity reaches maximum.

However, in the case of very rapid rotation, the equatorial zone becomes cool enough that

the atmospheric temperature falls below the bi-stability jump where new, low ionization

absorbers help drive a dense and slow out
ow. We show that there are similar slow out
ow

components in the SiIV wind lines of some Galactic rapid rotators, such as HD 93521 and

HD 191423, although their out
ows are not as slow as that in VFTS 285, presumably as

a result of their slower rotation rates and the smaller di�erence between the gravity at the

poles and equator.

There is little or no evidence of P Cygni type wind pro�les for the cooler star VFTS 102,

which is likely due to the lower ionization conditions of its photosphere. On the other hand,

there is strong and double-peaked H� emission in the optical spectrum that demonstrates

the presence of an extended circumstellar disk that is probably the result of mass loss from

the equatorial region which carries away the highest amount of angular momentum. The
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fact that a large disk is present in the cooler star VFTS 102 but absent from the hotter

VFTS 285 supports the idea that the intense 
ux of hotter stars tends to ablate away gas

in a circumstellar disk (Kee et al. 2016).

These two cases show that although a two-wind regime may exist in a very rapidly ro-

tating star, observing the spectral signature of the slower equatorial out
ow depends upon

several conditions: the polar temperature, how close the star is to critical rotation (! = 1),

and the inclination of the spin axis to our line of sight. The diversity of wind pro�les found

among Galactic rapid rotators (Fig. 2.3) re
ects the di�erences among these parameters in

di�erent stars. We encourage the development of three dimensional radiative transfer codes

(Hennicker et al. 2018) in order to compute line pro�les for stars with wind out
ows depen-

dent on colatitude and test the predictions of the two-wind regime model. It is important

to determine the role of equatorial mass loss, since such an out
ow removes a relatively

large amount of angular momentum and can alter the rotational evolution of massive stars

(Gagnier et al. 2019b).
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CHAPTER 3

The Fastest Rotating Stars: Spectroscopic Line Modeling of the Fastest
Rotating O-Type Stars

3.1 Introduction

We now understand that the lives of massive stars depend critically on both stellar mass

and rotation, and the evolutionary paths and surface abundances of rapidly rotating stars

are radically di�erent from those of slow rotators. Ekstr•om et al. (2008), Brott et al. (2011),

Georgy et al. (2013), Groh et al. (2019), Murphy et al. (2021), Eggenberger et al. (2021), and

others have presented grids of evolutionary tracks for massive stars of varying mass, rotation

rate, and abundance. They generally �nd that massive rapidly rotating stars (equatorial

velocities greater than� 500 km s� 1) become brighter and hotter through their H-core

burning lifetime, rather than the usual stellar cooling associated with evolution towards the

red supergiant branch. This behavior is due to the extreme rotationally-induced mixing

that occurs in the interiors of rapidly rotating stars which transports hydrogen fuel into

the core and brings processed helium towards the surface. The result of this homogeneous

evolution through mixing is that the star will continue to move up the main sequence until

the entirety of the internal hydrogen supply is depleted. Evidence for this form of evolution

is an observed enhancement of the helium and nitrogen abundances, which are indicators of

the CNO nuclear burning process actively occurring in the core of the star (Roy et al. 2020).

How massive stars attain such fast rotation rates is a subject of considerable debate. Stars

might be born with an inherently large angular momentum while others may experience

a spin up through interactions in close binary systems, a common occurrence among the

massive star population. de Mink et al. (2013, 2014) argue that many main sequence stars
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were spun up through processes that transform binary orbital angular momentum into the

spin angular momentum of the components. Very close binary systems may begin interacting

during the components' core H-burning stage, and depending on the circumstances, may

ultimately merge during a common envelope event. The merger product may appear as

a rejuvenated, rapidly spinning single star. Binary systems with larger separations may

instead interact at a later evolutionary stage in which steady mass transfer can lead to the

stripping of the mass donor and the spin up of the mass gainer (Wellstein et al. 2001).

Investigating the origins of massive rapid rotators requires careful analysis of their spectra

including accounting for the physical changes in stellar properties with rotation. The primary

measurement from the Doppler broadening of the spectral lines is the projected equatorial

velocity, ve sini . The inclination i can be directly measured for nearby stars through long

baseline interferometry (Che et al. 2011), but otherwise we must rely on subtle changes

in the predicted spectral line shapes with inclination in order to determine the equatorial

velocity ve from ve sini . This requires the use of a spectrum synthesis code that performs

a numerical integration of the predicted 
ux emanating from the visible hemisphere of a

rotationally distorted star. If we divide the surface of the star into a grid, each surface

element contributes a spectral 
ux increment that is the product of its projected area and

the Doppler-shifted speci�c intensityI � which is a function of the local e�ective temperature,

surface gravity, atmospheric abundance, and the cosine of the angle between the line of sight

and the surface normal. The summation of all the 
ux increments yields a model line pro�le

that can be directly compared with observations.

At high rotation rates, the equatorial radius of the star grows and the polar radius

decreases. The result is a systematic temperature variation from the hotter pole to the cooler
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equator that is known as gravity darkening. The apparent brightness of a star experiencing

gravity darkening will depend on the orientation of the star relative to the observer's line of

sight. If the star is oriented closer to pole-on,i = 0 � , then the star will be brighter overall and

the measuredve sini will be small. If the star is oriented more equator-on,i = 90� , the overall

brightness will be darker and the measured projected rotational velocity larger. However,

because the equatorial zone contributes to the largest Doppler shifts but with relatively

less 
ux, the true rotational velocity can be underestimated unless the gravity darkening is

modeled accurately (Townsend et al. 2004). The traditional approach relies on the von Zeipel

law (von Zeipel 1924) in which the local temperature varies with colatitude� as a power

law of the local e�ective gravity, Te� (� ) / g�
e� (� ), where � = 0:25 for stars with radiative

envelopes. More recent work by Espinosa Lara & Rieutord (2011, 2013) demonstrates the

importance of dealing with the interior structure of rotating stars in de�ning the surface

temperature variation. They present an! -model as an analytical approximation of the

results from detailed numerical models. This! -model predicts a smaller di�erence between

the polar and equatorial temperatures than does the von Zeipel law.

A spectrum synthesis analysis based upon the von Zeipel law for gravity darkening was

made by Howarth & Smith (2001), who investigated three stars within our galaxy that, at

the time, were the most rapidly rotating stars known withve � 430 km s� 1 and 
 =
 c � 0:9:

HD 93521 (O9.5: V), HD 149757 (� Oph, O9.5: V), and HD 191423 (ON9: III n). Here 


is the angular velocity at the stellar equator and 
c is the critical angular velocity, or the

Keplerian angular velocity in the Roche model (with the equatorial radius equal to 1:5�

the polar radius; Rieutord 2016). They utilized a grid of hydrostatic, plane-parallel, H and

He, non-LTE model atmospheres generated by the code TLUSTY to create speci�c intensity
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spectra for 
ux integration. Howarth & Smith (2001) found that all three stars have an

atmospheric He abundance that is about twice the solar value, providing strong evidence

of rotationally-induced internal mixing. More recently, the record holder for the fastest

rotating massive star in the Galaxy was passed to the star LAMOST J040643.69+542347.8

(O6.5: Vnnn(f)p). Li (2020) discovered that this is a runaway star with a projected rotational

velocity of ve sini = 540 km s� 1. This will be a key object for future high resolution

spectroscopy and spectrum synthesis analysis to determine its true equatorial velocity.

The fastest rotating stars known today were discovered in the massive star forming region

of 30 Dor in the LMC. The VFTS (Evans et al. 2011) is a large spectroscopic survey of over

800 massive stars in this region that has led to numerous investigations of stellar proper-

ties. Ram��rez-Agudelo et al. (2013) published a plot showing the distribution of projected

rotational velocities among O-stars in the 30 Dor region (see their Fig. 11). Their histogram

of ve sini shows a general decline with increasing rotational velocity that reaches zero near

ve sini = 520 km s� 1. However, in several velocity bins beyond this, they �nd two extremely

rapid rotators, the stars VFTS 102 and VFTS 285, with estimated projected velocities of

610 and 609 km s� 1, respectively. These two stars are the subject of this chapter.

Dufton et al. (2011) were the �rst to point out the extraordinary nature of VFTS 102

(O9: Vnnne+; Walborn et al. 2014) and to discuss its possible origin. They measured the

widths and radial velocities of its very broadened and shallow He absorption lines (see their

Fig. 1) and estimated its physical properties. Their derived radial velocity is lower than

that of other neighboring massive stars, and as a result they suggested that VFTS 102 is a

runaway star. Furthermore, they showed that a nearby pulsar PSR J0537-6910 displays an

X-ray emitting bow-shock that points back to the general direction of VFTS 102. This led
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them to suggest that VFTS 102 is the survivor of a SN explosion in a binary system that

led to the ejection of the pulsar.

The spectrum of the second rapid rotator, VFTS 285 (O7.5: Vnnn), was �rst described

by Walborn et al. (2012, 2014). Walborn et al. (2014) show (in their Fig. 6) the blue portion

of the spectrum of VFTS 285 in relation to other rapidly rotating O-stars from the VFTS

survey. The He lines of VFTS 285 are so astoundingly wide and shallow compared to those

of the other spectra, that the authors appended an exclamation mark to its labelled spectral

classi�cation to highlight its remarkable nature. The star's basic properties were estimated

by Sab��n-Sanjuli�an et al. (2017), and its astrometric motion suggests that it is a runaway

from the central R136 cluster (Platais et al. 2018).

Shepard et al. (2020) described the �rst ultraviolet spectra of VFTS 102 and VFTS 285

that were obtained with the Cosmic Origins Spectrograph (COS) on the Hubble Space

Telescope (HST)(discussed further in this work). They found that the hotter star, VFTS 285,

has a two component stellar wind. The NV �� 1238; 1242 doublet shows a fast, sparse out
ow

associated with the hotter polar regions, while the SiIV �� 1393; 1402 lines show a slower,

but dense out
ow associated with the cooler, equatorial zone. They found no P Cygni wind

features in the UV spectrum of VFTS 102, but they con�rmed the existence of a circumstellar

disk which is indicated by the double-peaked emission of the H Balmer lines (especially H� )

and the Paschen series.

Here we investigate the UV and optical spectra (Section 3.2) of VFTS 102 and VFTS 285

to determine their rotational properties and other physical parameters. We �rst present new

radial velocity measurements (Section 3.3) that indicate that both stars are radial velocity

constant and probably single. We then describe our spectrum synthesis code (Section 3.4)
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that we use to calculate model spectra for sixteen lines of interest. These models are com-

pared to observed spectral pro�les (Section 3.5) in order to derive the rotational velocities

and other parameters. We compare our results to models of single star and binary star evo-

lution (Section 3.6) to explore the possible origins of these extreme stars. Our conclusions

are summarized in Section 3.7. This work was previously published by Shepard et al. (2022).

3.2 Observations

Our sample of observations consists of both FUV and optical spectra for VFTS 102, VFTS 285,

and a Galactic counterpart, � Oph. We include an analysis of the spectra of� Oph as a

check on our methods in comparison to the corresponding work by Howarth & Smith (2001)

and as a Galactic comparison benchmark for considering the results for the two LMC stars.

3.2.1 FUV

We obtained high resolution spectra of VFTS 102 and VFTS 285 with HST/COS. Compara-

ble spectra of� Oph were collected from the archive of the International Ultraviolet Explorer

(IUE).

HST/COS is a high dispersion spectrograph designed to record the FUV spectra of faint

point sources (Green et al. 2012; Fischer 2019). The observations reported here were obtained

during Cycle 23 as a part of the program GO-14246. The observations of VFTS 102 were

made over a series of three orbits on 2017 January 1, while the observations of VFTS 285

were obtained during one orbit on 2016 April 10. These FUV spectra were all obtained using

the G130M grating in order to record the spectrum over the range from 1150 to 1450�A with

a spectral resolving power ofR = �= 4 � = 18000. The two detectors on COS are separated
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by a small gap, therefore the central wavelength was varied slightly between observations

(1300, 1309, and 1318�A) for VFTS 102 in order to �ll in the missing 
ux. In each of these

settings, four sub-exposures were obtained at fourFP-POS, or focal plane o�set positions, in

order to avoid �xed-pattern problems. The VFTS 285 spectra were made using the same

method except only two central wavelength positions were selected, 1300 and 1318�A, due

to orbital time restrictions. The spectrograph parameters are summarized in Table 3.1.
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Table 3.1: Overview of Spectroscopic Observations

Spectrograph Mode Wavelength Range Resolving S=N n n n PI
(�A) Power (pixel� 1) VFTS 102 VFTS 285 � Oph Name

HST/COS G130M 1150-1440 18000 5 1 1 0 Gies
IUE SWP/High 1150-2000 10000 4 0 0 72 Bolton +

X-shooter-UVB Slit 0.5x11 3350-5500 9700 48 4 7 0 Gies, Przybilla
X-shooter-VIS Slit 0.9x11 5540-10150 8900 70 2 7 0 Gies, Przybilla
X-shooter-VIS Slit 0.4x11 5540-10150 18400 70 2 0 0 Gies, Przybilla
X-shooter-NIR Slit 0.6x11 9959-20800 8100 47 5 7 0 Gies, Przybilla
GIRAFFE-UV Medusa/LR 3950-4570 6300 50 32 34 0 Evans
GIRAFFE-VIS Medusa/LR 4500-5070 7500 35 3 4 0 Evans
GIRAFFE-NIR Medusa/LR 6439-6820 17000 44 2 4 0 Evans

ESPaDOnS SpecPolar 3700-107500 68000 9 0 0 146 Wade
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Figure 3.1 Far-ultraviolet spectra of the three rapidly rotating stars. The spectra are nor-
malized to a pseudo-continuum level of unity, and they are o�set for clarity. The broad,
shallower features are formed in the photospheres, and the many sharp lines have an inter-
stellar origin (as does the very broad Ly� � 1215 absorption line).

The HST/COS observations were processed using the standard COS pipeline, merged

onto a single barycentric wavelength grid, and transformed onto a uniform wavelength grid.

The resulting spectra have a signal-to-noise ratio ofS=N = 5 per pixel in the central, best

exposed regions. For additional information on this procedure see Shepard et al. (2020).

The FUV spectra for all three stars are illustrated in Figure 3.1. The primary components

are strong Ly� absorption (interstellar), the N V and Si IV wind lines, numerous sharp

interstellar lines, and shallow blends of photospheric lines.

The IUE instrumentation suite consisted of two UV spectrographs, two apertures, two

dispersion modes, and four cameras (Boggess et al. 1978). Our spectra were obtained using
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the Short Wavelength Prime camera in the high resolution dispersion mode (Table 3.1). For

the purposes of this work, the spectra were 
ux normalized to unity in the relatively line-free

regions, transformed to a log� wavelength grid, and co-added to form one spectrum with a

high S=N ratio (Figure 3.1).

3.2.2 Optical

Our sample of optical spectra of VFTS 102 and VFTS 285 consists of new medium resolution

spectra from the X-shooter spectrograph on the Very Large Telescope (VLT) plus archival

spectra from the VLT Fibre Large Array Multi Element Spectrograph (FLAMES) instrument

used with the GIRAFFE spectrograph. The optical spectra of� Oph were collected from the

archive of the ESPaDOnS spectrograph mounted on the Canada-France-Hawaii Telescope.

The spectrograph properties are given in Table 3.1, and the averaged spectra appear in

Figure 3.2.

The X-shooter instrument was designed to record the spectra of a wide variety of as-

tronomical objects, ranging from nearby faint point sources to bright extragalactic sources

(Vernet et al. 2011). The observations for VFTS 102 were acquired under program 092.D-

0108(A) (Przybilla), and additional spectra were obtained for both VFTS 102 and VFTS 285

under program 098.D-0375(A) (Gies). The X-shooter instrument records spectra in three

arms corresponding to increasing wavelength bands labelled as UVB, VIS, and NIR (see

Table 3.1). Collectively, these spectra cover a range from 3350 to 20800�A. The spectra were

reduced by the standard pipeline, normalized to unity at the continuum, and then co-added

with weighting factors determined by theS=N ratio.

The GIRAFFE spectrograph is a medium-to-high resolution spectrograph that was de-
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Figure 3.2 The optical spectral region of the three stars (from top to bottom) VFTS 102,
VFTS 285, and� Oph. Most of the emission features are from background nebular emission
or instrumental 
aws, with the exception of the disk emission in the Balmer lines in the
spectrum of VFTS 102 (especially H� � 6563).

signed to record the optical spectra of high spatial density galactic and extragalactic objects

(Pasquini et al. 2002). Spectral observations for both VFTS 102 and VFTS 285 were obtained

as part of the VLT-FLAMES Tarantula Survey of massive stars in the 30 Doradus region in

the LMC under programs 182.D-0222(A), (B), and (C). The observations were made using

the Medusa �bers on the GIRAFFE spectrograph, which allow for up to 132 objects to be

observed at once. The �bers have an entrance aperture equal to 1:2 arcsec on the sky. The

spectra utilized in this work cover a range from 3958 to 6820�A and are labelled as UV, VIS,

and NIR (corresponding to di�erent bands than those with similar names for X-shooter; see
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Table 3.1). The reduced spectra were collected from the ESO Science Archive1, recti�ed to

unity at the continuum, and co-added to form one highS=N ratio spectrum. In the �nal

step, the X-shooter and GIRAFFE spectra were co-added where possible on a uniform log�

grid for optimum S=N. These coadded spectra were the focus of this study, and samples

of the line pro�les are presented in Figures 3.10 and 3.11 below. We did not reduce the

e�ective resolving power of the X-shooter spectra to match that of the GIRAFFE spectra

because the rotational broadening of the stellar features far exceeds that of the instrumental

broadening, and as a result the line pro�les appeared identical in both the X-shooter and

GIRAFFE average spectra.

ESPaDOnS is a high resolution spectrograph and spectropolarimeter that was designed

to record the optical spectrum with a resolving power ofR = �= 4 � = 68000 (Donati 2003).

The ESPaDOnS spectra of� Oph were obtained from the archive at thePolarBasewebsite2

(Petit et al. 2014) as a part of the Magnetism in Massive Stars (MiMeS) survey that collected

data from 2005 to 2013 for 560 O- and B-type stars (Wade et al. 2015, 2016). The reduced

spectra were recti�ed, and co-added on a uniform log� wavelength grid.

3.2.3 Spectral Energy Distributions

The rotation code described in Section 3.4 calculates both the line pro�les and the absolute

monochromatic 
ux in the nearby continuum regions. The absolute 
ux predictions taken

together with the distance and interstellar extinction can be compared to the observed

spectral energy distribution (SED) to determine the stellar radius. Figures 3.3, 3.4, and

1http://archive.eso.org/wdb/wdb/adp/phase3_spectral/form?phase3_collection=GIRAFFE_
MEDUSA

2http://polarbase.irap.omp.eu/

http://archive.eso.org/wdb/wdb/adp/phase3_spectral/form?phase3_collection=GIRAFFE_MEDUSA
http://archive.eso.org/wdb/wdb/adp/phase3_spectral/form?phase3_collection=GIRAFFE_MEDUSA
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3.5 show the observed SEDs for� Oph, VFTS 102, and VFTS 285, respectively, together

with the model estimates for 16 wavelengths (Section 3.4). The observed ultraviolet 
uxes

for comparison with the models were collected at the two FUV wavelengths from archival,

high dispersion IUE spectra for� Oph and from the HST/COS spectra for VFTS 102 and

VFTS 285. The �gures show instead low resolving power (R = 500) UV spectra from

low dispersion IUE spectra for� Oph and rebinned versions of the HST/COS spectra for

VFTS 102 and VFTS 285. The optical 
uxes of� Oph are from the spectrophotometry

of Burnashev (1985), and those for VFTS 102 and VFTS 285 are collected from various

sources of broad-band photometry including VFTS (Evans et al. 2011), HTTP (Sabbi et al.

2016), SkyMapper (Wolf et al. 2018), and Gaia EDR3 (Gaia Collaboration et al. 2016, 2021).

The infrared 
uxes are collected from SAGE (Meixner et al. 2006), 2MASS (Skrutskie et al.

2006), and WISE (Wright et al. 2010).

Figures 3.3, 3.4, and 3.5 also show simple 
ux models for non-rotating stars from the

TLUSTY grid (Lanz & Hubeny 2003) for the average temperature, gravity, abundance, dis-

tance, and extinction described in Section 3.4. These model spectra have a low resolving

power similar to the observed broad-band 
uxes, and they serve to show the general SED

trends with wavelength. The SED of VFTS 102 displays an infrared excess from its circum-

stellar disk, and Figure 3.4 shows both the stellar component (dotted line) and combined

stellar plus disk 
ux (solid line) for a simple power law expression for the disk 
ux (see

Section 3.4.2). We will adopt wavelength-interpolated estimates of the optical monochro-

matic 
uxes below (Section 3.4) directly from the observed values for the cases of� Oph and

VFTS 285, and from the star plus disk model �t for the case of VFTS 102.
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Figure 3.3 The observed spectral energy distribution (SED) of� Oph. The small crosses
show the low resolving power observed 
uxes, and the diamonds indicate the high resolving
power 
uxes calculated at 16 speci�c wavelengths using the rotation code (Section 3.4.2).
The solid line shows a low resolving power model SED from the TLUSTY code for a non-
rotating star with the hemisphere-average temperature and gravity of the star (Table 3.4).
The model 
uxes are attenuated for interstellar extinction using the reddeningE(B � V)
given in Table 3.4.

3.3 Radial Velocities of VFTS 102 and VFTS 285

The absorption lines in the spectra of both targets are extremely broad and shallow. Conse-

quently, we need the bestS=N ratio possible in order to examine their rotationally broadened

pro�les. This can be accomplished for the ground-based, optical spectra through co-addition

of the individual spectra. However, we need to �rst check for any evidence of radial velocity

variability to insure that the spectra are properly wavelength registered before co-addition

and to explore the possibility that these stars are spectroscopic binaries with faint compan-

ions (the possible remnant donors of past mass transfer). We describe below measurements

of both the absorption and emission line features. Our results are summarized in Table 3.2

(VFTS 102) and Table 3.3 (VFTS 285).
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Figure 3.4 The observed spectral energy distribution (SED) of VFTS 102 in the same format
as Figure 3.3. The dotted line shows the SED of a TLUSTY model for the star alone, and
the solid line presents the model of the combined 
ux of the star and its circumstellar disk.

There are two main methods that we use to make our measurements, the line bisector

method for emission lines and the cross-correlation method for absorption lines. The bisector

method is useful for the spectra of VFTS 102 which displays numerous emission lines formed

in its circumstellar disk and in the surrounding nebula and SN remnant (known variously

Figure 3.5 The observed spectral energy distribution (SED) of VFTS 285 in the same format
as Figure 3.3.
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as 30 Dor B, Chu et al. 1992; N157B, Chen et al. 2006; and B0538-691, Micelotta et al.

2009). The bisector method determines the line center position by a Gaussian sampling of

the line wings (Shafter et al. 1986). This has the advantage of measuring emission wings

from the disk while ignoring the nebular emission that appears in the line core. We form

a template using two oppositely signed Gaussians at o�set positions from line center, and

then the cross-correlation function (CCF) is made using this template and the emission line

feature. The zero crossing of the resulting CCF yields the velocity corresponding to the wing

bisector position. The wings of emission features form in the circumstellar disk close in to

the star where the rotating disk has the highest Keplerian orbital motion. Since the disk

is assumed to be centered on and tied to the star, by measuring the disk's radial velocity

we are also measuring the star's radial velocity. In general we set the o�set positions of

the sampling Gaussians at velocities where the emission declines to 25% of the peak value.

However, if the feature has extraneous emission or absorption in the center due to residual

problems from nebular sky subtraction or disk emission, we lower this threshold to around

5% of the peak value in order to avoid the central region.

The second method was applied to the broad absorption lines in the spectra of both stars.

We generated a model spectrum which was rotationally broadened to a projected rotational

velocity of ve sini = 600 km s� 1 using the TLUSTY/SYNSPEC model 
ux spectra from

the OSTAR2003 grid of Lanz & Hubeny (2003). We then formed the CCF of the observed

and model spectra over a wavelength range encompassing speci�c absorption lines. The

exact regions that were used were limited to only the line pro�les and did not include the

continuum between features. The peak position of the CCF yielded an estimate of radial

velocity.
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The results for VFTS 102 appear in Table 3.2 that lists the heliocentric Julian date

of mid-exposure, the spectrograph of origin, and radial velocities from the emission and

absorption lines. The radial velocity measurements for the X-shooter spectra are averages

from the emission features (column 3) of H� , H� , H� , H I �� 8502; 8545; 8598; 8665, and

He I �� 5875; 6678; 7065 and from the absorption features (column 4) of H
 and He II

� 4686.

H
 consists of a broadened absorption feature with a double-peaked emission line in the

center. Despite the central emission, we were able to measure the wings of the absorption

line, so this radial velocity is included among the absorption line average.

We attempted to measure the radial velocities of the absorption lines reported by Dufton

et al. (2011), which consist of HeI �� 4026; 4143; 4387 and HeII �� 4200; 4541; 4686.

However, we found that all but HeII � 4686 were too broad and shallow for reliable mea-

surements in individual spectra. Dufton et al. (2011) used co-added spectra to enable their

measurements.

The measurements of the GIRAFFE spectra include the emission features H
 , H� , and

H� . Several of the GIRAFFE spectra have very lowS=N making the measurements di�cult,

and these are excluded from consideration. All of the emission line measurements were made

using the line bisector method. The only absorption line measured was HeII � 4686. In this

case, we �rst cross-correlated the observed HeII � 4686 pro�le with a broadened model pro�le.

We then measured the radial velocity using the line bisector on the CCF. This combination

of methods allowed us to obtain a measurement from the HeII � 4686 feature despite its

extremely shallow pro�le. The measurement from the HST/COS spectrum was aquired by

cross-correlating the observed spectrum with a rotationally broadened model spectrum. We
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used a short wavelength region that includes NIV � 1168:6, C III � 1174:93 (plus a blend of

six other features), and SiIII � 1178:012 in addition to a mid-range region that includes FeV

�� 1370:303; 1370:947; 1371:217 and SiIV �� 1394; 1403. The result is listed in column 4 of

Table 3.2.

The �nal rows of Table 3.2 list the error weighted averages of all the measurements made

from the X-shooter and GIRAFFE spectra. The uncertainties are the standard deviations of

the individual measurements. There is satisfactory agreement between the absorption and

emission line velocities, and this con�rms that we are indeed measuring the radial velocity of

the star itself through measurements of the disk gas emission. Additional veri�cation comes

from detailed �ts made of the absorption lines presented in Section 3.5.2 below. Each model

line was shifted in wavelength space until it matched the observed pro�le. This yields a radial

velocity for each absorption line in the mean spectrum, and the average for the nine lines used

in the analysis yields a radial velocity of 262� 8 (standard deviation) km s� 1, in agreement

with the results presented in Table 3.2. Furthermore, there is reasonable consistency in the

results from X-shooter, GIRAFFE, and HST/COS. The weighted mean of the averages from

both emission and absorption lines for VFTS 102 isVr = 267 � 3 km s� 1.

The velocity results from the absorption lines in the spectra of VFTS 285 are given in

Table 3.3. The radial velocities for the X-shooter spectra were obtained by cross-correlating

a series of features with a rotationally broadened model. The features include H� , H
 ,

H� , and He II �� 4199; 4541; 4686; 5411. The GIRAFFE measurements were obtained

from CCFs based upon H
 , H� , He I �� 3964; 4026; 4471 and HeII �� 4199; 4541. The

measurement obtained for the HST/COS spectrum was obtained from cross-correlation of a

short wavelength region (including CIII � 1174:93 and SiIII � 1178:0) and a mid-wavelength
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Table 3.2: Radial Velocity Measurements: VFTS 102

Heliocentric SpectrographVr (emission) Vr (absorption)
Julian Date Name (km s� 1) (km s� 1)
2454822.754 GIRAFFE 265� 18 � � �
2454822.797 GIRAFFE 268� 10 � � �
2454822.840 GIRAFFE 266� 11 � � �
2454825.740 GIRAFFE 269� 15 252� 27
2454825.783 GIRAFFE 268� 16 235� 11
2454825.826 GIRAFFE 267� 18 248� 4
2454858.720 GIRAFFE 266� 8 � � �
2454889.552 GIRAFFE 262� 9 � � �
2455114.772 GIRAFFE 199� 30 � � �
2456605.711 X-shooter 271� 2 268� 11
2456606.726 X-shooter 274� 2 267� 10
2457299.761 GIRAFFE 274� 18 � � �
2457335.798 GIRAFFE 264� 10 � � �
2457339.714 GIRAFFE 261� 12 � � �
2457339.796 GIRAFFE 263� 17 � � �
2457366.740 GIRAFFE 260� 16 � � �
2457394.668 GIRAFFE 266� 9 � � �
2457398.739 GIRAFFE 262� 12 � � �
2457400.582 GIRAFFE 251� 40 � � �
2457402.618 GIRAFFE 265� 19 � � �
2457415.563 GIRAFFE 262� 12 � � �
2457416.575 GIRAFFE 261� 14 � � �
2457417.579 GIRAFFE 271� 11 � � �
2457418.628 GIRAFFE 273� 14 � � �
2457420.638 GIRAFFE 268� 11 � � �
2457423.615 GIRAFFE 266� 16 � � �
2457427.623 GIRAFFE 269� 9 � � �
2457432.533 GIRAFFE 280� 13 � � �
2457622.882 GIRAFFE 267� 14 � � �
2457681.726 GIRAFFE 272� 9 � � �
2457692.759 GIRAFFE 267� 13 � � �
2457698.764 GIRAFFE 258� 10 � � �
2457726.726 GIRAFFE 264� 12 � � �
2457755.380 HST/COS � � � 223 � 15
2457797.584 X-shooter 267� 2 269� 11
2457819.533 X-shooter 268� 2 257� 11

Average X-shooter 270� 3 265� 6
Average GIRAFFE 266� 13 247� 9
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Table 3.3: Radial Velocity Measurements: VFTS 285

Heliocentric SpectrographVr (absorption)
Julian Date Name (km s� 1)

2454794.686 GIRAFFE 248� 4
2454794.730 GIRAFFE 248� 4
2454794.828 GIRAFFE 270� 4
2454798.803 GIRAFFE 276� 5
2454836.645 GIRAFFE 245� 4
2454836.691 GIRAFFE 245� 4
2454867.558 GIRAFFE 251� 4
2457299.761 GIRAFFE 232� 4
2457332.749 GIRAFFE 261� 4
2457335.798 GIRAFFE 251� 4
2457339.714 GIRAFFE 258� 4
2457339.796 GIRAFFE 255� 4
2457366.740 GIRAFFE 238� 4
2457379.567 GIRAFFE 269� 4
2457394.668 GIRAFFE 243� 4
2457398.739 GIRAFFE 249� 4
2457400.582 GIRAFFE 268� 5
2457402.618 GIRAFFE 229� 12
2457415.563 GIRAFFE 254� 4
2457416.575 GIRAFFE 268� 4
2457417.579 GIRAFFE 268� 4
2457418.628 GIRAFFE 258� 4
2457420.638 GIRAFFE 234� 4
2457421.711 GIRAFFE 270� 3
2457423.615 GIRAFFE 253� 4
2457427.623 GIRAFFE 267� 4
2457432.533 GIRAFFE 254� 4
2457488.626 HST/COS 252� 17
2457622.882 GIRAFFE 247� 5
2457651.777 GIRAFFE 233� 6
2457681.726 GIRAFFE 263� 4
2457692.759 GIRAFFE 268� 4
2457698.764 GIRAFFE 254� 4
2457724.723 GIRAFFE 243� 9
2457726.726 GIRAFFE 263� 4
2457765.726 X-shooter 240� 3

Continued on next page



60

Table 3.3 { continued from previous page

Heliocentric SpectrographVr (absorption)
Julian Date Name (km s� 1)

2457766.733 X-shooter 241� 3
2457775.634 X-shooter 256� 5
2457787.536 X-shooter 243� 4
2457790.533 X-shooter 249� 4
2457790.570 X-shooter 253� 3

Average X-shooter 247� 7
Average GIRAFFE 259� 13

region (Fe V �� 1370:303; 1370:947; 1371:217). The bottom rows of Table 3.3 show that

there is good agreement between the averages from X-shooter and GIRAFFE. The mean of

the X-shooter, GIRAFFE, and HST/COS results isVr = 250 � 6 km s� 1.

The standard deviation between observations (external error) is approximately the same

as the mean of the individual error estimates (internal error) for both stars, so they appear

to be radial velocity constant. Thus, we can reasonably perform a simple co-addition of

the spectra to improve theS=N without needing to consider shifting individual spectra to

account for any binary orbital motion. The �nal mean velocities are 267� 3 and 250� 6

km s� 1 for VFTS 102 and VFTS 285, respectively, which are the error weighted mean and

uncertainty from the sample averages at the bottom of Tables 3.2 and 3.3. These radial

velocities are comparable to the average for the single, B-type stars in the 30 Dor region,

272� 12 km s� 1, found by Evans et al. (2015). In both cases, our results are slightly higher

than found in earlier work: 228� 6 km s� 1 (Dufton et al. 2011) and 225� 11 km s� 1 (Sana

et al. 2013) for VFTS 102 and 230� 4 km s� 1 (Sana et al. 2013) for VFTS 285. However,
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given the di�culty of measuring such broad and shallow absorption lines and di�erences in

our methods, we doubt that the resulting di�erences in velocity are signi�cant.

3.4 Spectral Synthesis Models

Our primary goal is to compare models of the 
ux emitted by very rapidly rotating stars

with observed spectral line pro�les and the associated spectral energy distribution. Each

model is based on parameters for its equatorial rotational velocity, physical parameters, and

axial orientation to our line of sight. Fits of the model spectra to the observed spectra help

inform �nal estimates of all these parameters. In this section, we describe the elements of

the model and the parameter �tting methods. The results of the model �tting are discussed

in Section 3.5.

3.4.1 Method

We utilize a numerical code that simulates the distorted shape and latitude-dependent pho-

tospheric properties of a rapidly rotating star that is viewed at an inclination anglei between

the axis of rotation and the line of sight. The spectral line synthesis code is written in IDL,

and the original version was presented by Huang & Gies (2006). The shape of the star is

de�ned by Roche geometry which assumes that most of the mass is concentrated towards

the stellar core. The stellar photosphere is represented by a grid of 40; 000 surface elements

with approximately equal area that are distributed in co-latitude� and azimuth � . An inte-

gration is made of the 
ux from each surface element by �rst calculating the angle between

the surface normal and the line of sight in order to determine if the element is situated on

the visible hemisphere of the star. For each element, the code determines a local e�ective
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temperature (dependent on the gravity darkening model; Section 3.4.4), e�ective gravity

(gravitational plus centrifugal), area of the surface element projected in the sky (dependent

on � = cosine of the angle between the surface normal and line of sight), and the rotational

radial velocity (assuming solid body rotation). These parameters are used to interpolate in

a pre-computed grid of spectral speci�c intensities as a function of wavelength,� , Te� , and

logg associated with an assumed chemical abundance. The product of the projected area

and the speci�c intensity yields the 
ux increment from the element, and the sum of all

such increments gives the total 
ux to be compared with the observations. The outputs are

a wavelength dependent line pro�le and a monochromatic 
ux estimate for the immediate

vicinity of a particular spectral feature or line blend. This type of spectrum synthesis is

common among many past investigations of rotational shape and spectral line broadening

(Collins 1963; Stoeckley 1968; Howarth & Smith 2001; Townsend et al. 2004; Aufdenberg

et al. 2006; Abdul-Masih et al. 2020).

The model parameters are listed in Table 3.4 together with the derived values for the

three target stars of this study. Column 2 identi�es those parameters that are �t (F), set in

advance (S), and derived in the model from the previous parameters (D). The set of �tting

parameters includes the projected rotational velocityve sini , rotational axis inclination i ,

polar radius Rp, stellar massM , polar e�ective temperature Tp, He abundancey by number

relative to H, and interstellar reddeningE(B � V). The set parameters were determined by

independent constraints, and they include the adopted gravity darkening law (Section 3.4.4),

distance d, and ratio of total-to-selective extinction RV (Section 3.4.2). The remaining

derived parameters describe the physical characteristics of the star and the goodness-of-�t

of the model. The derived rotation parameters are the equatorial rotational velocityve, the
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critical velocity in the Roche modelvc (where the equatorial radius is 1:5� the polar radius

and centrifugal acceleration balances gravity at the equator), and the ratio of the angular

velocity to the critical angular velocity 
 =
 c (Rieutord 2016). The other physical parameters

for the star include the equatorial radiusRe, the logarithm of the e�ective gravity at the

pole loggp, at the equator logge, averaged over the visible hemisphere logg(avg), the e�ective

temperature at the equatorTe, and the 
ux-weighted average temperature< T > (avg). We

also calculate the area-integrated average temperature< T > (all) and logarithm of the total

Table 3.4: Summary of Rotational Parameters

Parameter Kinda � Oph � Ophb VFTS 102 VFTS 285 VFTS 285
Gravity darkening S ! -model von Zeipel ! -model ! -model von Zeipel
ve sini (km s� 1) F 383� 33 400 649� 52 610� 41 629� 34

i (degrees) F 72� 17 70� 10 89� 13 71� 18 60� 12
ve (km s� 1) D 413 425 649 648 726
vc (km s� 1) D 508 � � � 652 796 795


 =
 c D 0.95 0:90� 0:03 1.00 0.95 0.99
Rp (R� ) F 6:32� 0:84 7.5 5:41� 1:55 5:58� 0:39 5:53� 0:39
Re (R� ) D 8.11 � � � 8.08 7.16 7.65
M (M � ) F 12:8 � 3:6 20.0 18� 6 28� 8 27� 3

loggp (dex cgs) D 3.94 3:99� 0:05 4.23 4.39 4.39
logge (dex cgs) D 3.35 3.58 2.26 3.81 3.47

logg(avg) (dex cgs) D 3.62 3.64 4.05 4.01
Tp (kK) F 36:0 � 1:6 39:0 � 1:0 40:1 � 2:8 40:2 � 2:7 43:0 � 3:2
Te (kK) D 28.3 30.7 23.2 31.6 25.3

< T > (avg) (kK) D 31.4 � � � 32.9 34.9 35.0
< T > (all) (kK) D 31.4 34.3 33.3 35.0 33.3

log(L=L � ) D 4.67 4.96 4.75 4.76 4.71
y = N (He)=N(H) F 0:24� 0:07 0:20� 0:03 0:20� 0:16 0:34� 0:14 > 0:4

d (kpc) S 0:139� 0:016 0.14 49:6 � 0:6 49:6 � 0:6 49:6 � 0:6
RV S 2:55� 0:24 � � � 2.76 2.76 2.76

E(B � V) (mag) F 0:28� 0:04 � � � 0:46� 0:07 0:28� 0:03 0:27� 0:03
� 2

� [line] D 16.5 � � � 1.7 4.1 4.1
� (Fo=Fm ) D 0.042 � � � 0.127 0.056 0.057

a D = derived from model; F = �t; S = set.
b From Howarth & Smith (2001).
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luminosity log L=L � by integrating over the entire surface. Those parameters listed with

solar units were obtained by adopting the IAU recommended nominal values for the Sun

(Pr�sa et al. 2016b).

There are several simpli�cations in the model that are justi�able assumptions. The shape

of a star is subject to di�erential rotation, but detailed calculations suggest that di�erential

rotation is modest in rapidly rotating massive stars (varying by only a few percent with

colatitude; Espinosa Lara & Rieutord 2013). Consequently we expect that our neglect of

di�erential rotation and the use of the Roche model for the stellar surface are good ap-

proximations (Zahn et al. 2010; Rieutord 2016). The spectral speci�c intensity calculations

are based upon plane-parallel stellar atmospheres (Section 3.4.3), so e�ects due to extended

atmospheres and stellar winds are not treated. However, we expect any such e�ects to be

minimal in the case of the three targets discussed here. We showed in an earlier paper (Shep-

ard et al. 2020) that wind features are present in some spectral lines in the ultraviolet, and

we discuss the in
uence of the circumstellar disk of VFTS 102 below (Section 3.4.2). Finally,

we are neglecting any processes related to macroturbulence in this analysis. Sim�on-D��az &

Herrero (2007) used a Fourier transform method to analyze the broadened spectral line pro-

�les of O-type stars to extract both the projected rotational velocity and the macroturbulent

velocity, and they argue that macroturbulence generally becomes a signi�cant contributor

to line broadening among the more luminous supergiant stars (Sim�on-D��az & Herrero 2014).

The net line broadening varies approximately as the quadratic sum of the rotational and

macroturbulent velocities, and because the rotational component is so dominant in the stars

discussed here, we can safely neglect any macroturbulent broadening terms.
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3.4.2 Integrated Flux

The model calculates the integrated monochromatic 
ux produced by the star, and this can

be compared to the observed 
ux to help estimate the stellar radius. For a spherical star,

the ratio of the observed to emitted 
ux is

F (obs)=F(em) =
1
4

� 210� 0:4A �

where� is the angular diameter andA � is the wavelength-dependent extinction. Thus, this

ratio becomes an important criterion to establish the stellar polar radius of a rotating star

Rp once the distance and extinction are known. Here we �x the known distances of the

targets and solve for a reddeningE(B � V) that sets the amount of interstellar extinction

according to an adopted value of the ratio of total-to-selective extinctionRV .

Our adopted distances are listed in Table 3.4. The distance of� Oph is taken from

the parallax measurement from Gaia EDR3 (Bailer-Jones et al. 2021), and this value is in

good agreement with other independent estimates (Gordon et al. 2018). The distance of

VFTS 102 and VFTS 285 is set to the accurate LMC distance from Pietrzy�nski et al. (2019)

based upon eclipsing binaries and other standard candles in the LMC.

The wavelength dependent extinction curve is taken from the model described by Fitz-

patrick (1999) that is determined from the reddeningE(B � V) and ratio of total-to-selective

extinction RV . We solve forE(B � V) by comparing the observed and model SED using

an adopted value forRV (Table 3.4). This is set to the result from Zuo et al. (2021) for

� Oph. Unfortunately, there are no published results onRV for the two LMC targets. We

adopted the value ofRV = 2:76 � 0:09 for the nearby LMC2 supershell region determined
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by Gordon et al. (2003) (and we used their special extinction prescription for VFTS 102 and

VFTS 285), although we caution that the actual value may vary considerably among the

stars of the 30 Dor region. For example, both Ma��z Apell�aniz et al. (2014) and De Marchi

& Panagia (2019) �nd a larger value of the ratio,RV � 4:5.

Special care is required in the 
ux analysis of VFTS 102, because this star has an extensive

circumstellar disk that also contributes to the observed 
ux. The SED of VFTS 102 (Fig. 3.4)

shows a strong infrared excess that is a common signature of circumstellar disks around

Be stars (Vieira et al. 2015; Klement et al. 2019). The disk emission is often represented

approximately as a power law (Waters 1986),

F tot
� =F?

� = (1 + cd(�=� 0)x ) 10� 0:4A �

whereF tot
� is the observed star plus disk 
ux,F ?

� is the stellar 
ux rescaled by distance,�

is wavelength in reference to a standard wavelength� 0 = 1 � m, A � is the extinction, and cd

and x are the power law parameters describing the infrared excess. A simple �t of the SED

using a TLUSTY model for the stellar 
ux was obtained with cd = 0:78 andx = 1:6, and is

shown with the observed SED in Figure 3.4.

This disk 
ux excess in the spectrum of VFTS 102 has two important consequences: (1)

the model stellar 
ux must be increased by the amount of the 
ux excess before comparison

with the observed 
ux, and (2) the model line depths need to be reduced to account for the

excess continuum 
ux (sometimes referred to as \line veiling"). We did this by calculating
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a line depth factor l at the central wavelength of each line,

l = F ?=(F ? + F disk) = 1 =(1 + cd(�=� 0)x ):

The model stellar 
uxes were divided byl to rescale them to the total star plus disk 
ux,

and the continuum normalized line depths were multiplied byl to account for the added disk

continuum, i.e.,

s(disk corrected) = l � s(model) + 1 � l

where s is the continuum normalized spectrum (Section 3.4.5). This approach corrects for

the added continuum 
ux of the disk, but not for any stellar 
ux that may be obscured

by the disk if seen edge on. The calculations necessary to account for disk obscuration are

outside the scope of this study, and we therefore leave this complication to future work.

3.4.3 Speci�c Intensity Pro�les

The core of the simulation is the radiative speci�c intensity that we derive from two TLUSTY

grids of line-blanketed, non-LTE, model atmospheres, OSTAR2002 (Lanz & Hubeny 2003)

and BSTAR2006 (Lanz & Hubeny 2007). High resolving power model spectra are calculated

from these model atmospheres using the SYNSPEC radiative transfer code (Hubeny & Lanz

2017). These assume the solar abundance pattern from Grevesse & Sauval (1998) for Galactic

\G" models (with a He abundance by number relative to H ofy = 0:10) that we use in the

line synthesis for� Oph. We adopt their LMC \L" models that have the same H and He

abundance with all other elements reduced by half (Rolleston et al. 2002) for the analyses

of VFTS 102 and VFTS 285. We found it necessary to explore models with greater than
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solar He abundance (Section 3.4.7), and this was done by a numerical up-scaling of the He

to H number ratio by 2� , 3� , and 4� the solar value with the SYNSPEC code. We caution

that this is an approximation that is not fully self-consistent with the abundances assumed

in the TLUSTY atmospheres.

The BSTAR2006 grid covers the temperature range from 15 to 30 kK for an assumed

microturbulent velocity of 2 km s� 1, while the OSTAR2003 grid ranges from 27:7 to 55 kK

using a microturbulent velocity of 10 km s� 1. In order to create a smooth transition between

these di�ering cases, we formed a temperature grid with a step size of 1 kK (like that in

the BSTAR2006 grid), and then interpolated in the temperature overlap region scaling by

75=25%, 50=50%, and 25=75% between the BSTAR2006/OSTAR2003 grids at 28, 29, and

30 kK, respectively.

For each spectral region, the SYNSPEC results were transformed to a common and

equally spaced wavelength grid to create a speci�c intensity matrix,I (�; �; T e� ; logg) for 10

equal steps in� , the cosine of the angle between the normal and line of sight, from 0:1 to 1:0,

41 steps inTe� from 15 to 55 kK, and 12 steps in logg from 2:0 to 4:75. These matrices were

calculated for two regions in the far-ultraviolet and 14 regions in the optical spectrum for

comparison with the observed spectra (Section 3.5). We show an example of these speci�c

intensity pro�les in Figure 3.6. These show that the central depths of strong lines are almost

the same at all � angles (formed high in the atmosphere where the temperature and line

source function are approximately constant) while the continuum levels decline from� = 1

to 0.1 (limb darkening associated with the drop in temperature and source function higher in

the atmosphere). Thus, in a continuum normalized representation, the spectral line depths

look relatively weaker at the limb (� = 0) compared to the center of the stellar disk (� = 1).
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Figure 3.6 An example of the model speci�c intensity pro�les for the region in the vicinity of
He I � 4471. The plots showI � for � = 0:1 to � = 1:0 at steps of4 � = 0:1 from bottom to
top. Continuum limb darkening is evident (darker at the limb) while the central line depth
of He I � 4471 is relatively constant.

This is a reminder that the observed rotational broadening is not strictly a convolution of a

�xed depth photospheric pro�le and a rotational broadening function.

Our analysis of the spectral lines is based upon this framework of speci�c intensities from

the published TLUSTY grids, so the results are dependent on the approximations in the

code in addition to those described above. For example, TLUSTY includes the turbulent

pressure associated with microturbulence as a component of the total pressure. Thus, the

pressure treatment is di�erent between the BSTAR2006 and OSTAR2003 grids because of the

di�erent assumed values of microturbulence (2 and 10 km s� 1, respectively), and this might
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in
uence the model Stark broadening of the H Balmer lines (important in the derivation

of stellar mass; Section 3.4.6). However, the BSTAR2006 grid does include the larger 10

km s� 1 microturbulence value in a subset of models appropriate for lower gravity giants and

supergiants. A comparison of model H
 lines for the same (Te� ; logg) parameters but with

microturbulent velocities of 2 and 10 km s� 1 shows only very small di�erences in the pro�les.

Thus, the hybrid treatment of microturbulence in this application should have no signi�cant

impact on our results.

3.4.4 Gravity Darkening

von Zeipel (1924) found that the local energy radiated (and hence the local temperature) of

a rotating star varies asT / g1=4
e� , so that the higher gravity pole is hotter than the equator.

However, this can only be strictly correct in cases where the gas is barotropic (pressure

dependent on density only), which is generally not the case for stars (Rieutord 2016). The

full solution to the problem requires consideration of the interior state and motions (ESTER

code; Espinosa Lara & Rieutord 2013). Fortunately Espinosa Lara & Rieutord (2011) found

an analytical representation of the surface temperature variation with colatitude� that

matches that from the detailed models quite well. We used this! -model in our code by

solving equations 18 and 23 in the development presented by Rieutord (2016) to determine

the ratio of T(� )=Tp.

Generally we adopt the! -model for our models, however, we show an example of how the

line pro�les di�er between the predictions of the von Zeipel law and the! -model. Figure 3.7

shows the results for a model star withRp = 6:7R� , M = 20M � , Tp = 40 kK, ve = 598

km s� 1, and vc = 616 km s� 1, i.e., a case close to critical rotation. The images in the



71

�rst column show the surface brightness (speci�c intensity) in the far-ultraviolet (1181�A)

where the contrast between the pole and equator is especially striking. The top image shows

the limb darkened disk for the corresponding non-rotating model, while the lower three

images show the same stellar model at near critical rotation described by the! -model with

inclination angles ofi = 90� , 70� , and 50� . The next columns illustrate the appearance of

several surface-integrated 
ux pro�les for these orientations and the two gravity darkening

laws considered. The top row shows the non-rotating case for the spectrum in the vicinity

of C III � 1175, HeI � 4471, and HeII � 5411. The next three rows give the rotationally

broadened model pro�les plotted as a function of Doppler shift relative tove sini . If plotted

versus actual Doppler shift the pro�les would appear narrower at lower inclination (ve sini =

598, 562, and 458 km s� 1 for rows 2, 3, and 4, respectively) due to the inclination shift

from equator-on, where the extreme rotation is best observed, to pole-on, which shows

no rotational broadening. However, by plotting the pro�les relative tove sini , it is easier

to discern overall changes in the shape of the line pro�le with inclination and between

the predictions for the ! -model (solid lines) and von Zeipel law (dotted lines) for gravity

darkening.

These models help to demonstrate how the di�erences between the gravity laws manifest

in line pro�les. The ! -model predicts a pole to equator temperature variation that is less

extreme than that from the von Zeipel prescription. This di�erence shows up best in the

He II � 5411 pro�les for i = 90� (row 2, column 4). In the von Zeipel case, the darker equator

is more extensive and hotter pole more limited in colatitude, and because the HeII line is

preferentially formed in hotter environments, it appears weaker in the von Zeipel case where

hot conditions are con�ned to a smaller area. The opposite is true of the other lines that
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Figure 3.7 A depiction of the appearance of a rapidly rotating star and a selection of its
spectral lines as viewed at di�erent inclinations. The top row shows an image of a non-
rotating star and its spectral lines in three regions. The next three rows show a star at
near-critical rotation and the same three spectral features now plotted as a function of
Doppler shift relative to ve sini . Solid (dotted) lines show the model pro�les using the! -
model (von Zeipel) descriptions of gravity darkening. The dashed lines in the lower two rows
show the di�erence between the! -model pro�les for the speci�ed inclination and that for
i = 90� (row 2). The di�erence is scaled up by a factor of three for the cases of CIII � 1175
and He I � 4471, indicated by a \3x" label.

grow in strength at relatively cooler temperatures.

A comparison of the relative changes in line shape and strength with inclination angle

shows that some lines change signi�cantly (HeII ) while others are approximately constant

(C III ). This demonstrates that an analysis of the rotational broadening among a sample of
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di�erent line species can potentially help to constrain the value of the rotational inclination.

3.4.5 Transformation to the Observer's Frame

The derived model spectrum is created in units of physical 
ux in the rest wavelength frame

of the star, and there are several steps required in order to compare the model directly with

the observed line pro�le. The �rst step is to shift the spectrum to the observed Doppler

shift of the star. Initially we assumed a radial velocity of +15 km s� 1 for � Oph (Reid et al.

1993), however we made a number of small revisions to this estimate for the di�erent lines in

the sample. We adopted the mean of the radial velocities of VFTS 102 and VFTS 285, but

again we introduced small changes (< 20 km s� 1) on a line-by-line basis in order to align the

model and observed line pro�les. The model pro�les were then transformed to the observed

log� wavelength grid by an integration scheme.

The spectra were re-normalized to a unit continuum by selecting wavelength regions im-

mediately to the blue and red of the main absorption feature, where we formed the ratio

of observed-to-model 
uxes in these regions. The model spectrum was then multiplied by

a linear �t of the 
ux ratios in the recti�cation regions, so that the local continua of the

observed and model spectra are in agreement. The resulting model spectrum was then con-

volved with a Gaussian function to account for the minor amount of instrumental broadening

associated with each spectrograph. The models of spectra for VFTS 102 were subject to a

small reduction in line depth to account for the wavelength-dependent contribution of extra

continuum 
ux from the circumstellar disk (Section 3.4.2). Finally the calculated portion

of the model spectrum was inserted into an otherwise 
at continuum spectrum outside of

the wavelength range in the simulation, and these boundaries appear in some of the spectral
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plots below where there appears to be a sudden jump to unity.

3.4.6 Parameter Fits

Our goal is to optimize the seven �tting parameters given in Table 3.4 in order to best

match the observed and model 
uxes and recti�ed line pro�les. We found that we could

converge to a unique solution through a guided grid search method that relies primarily on

the continuum 
uxes to set E(B � V) and Rp, and then uses �ts of the line pro�les to help

determineM , Tp, ve sini , and i . The �nal parameter is the He abundancey which we discuss

separately in the next subsection.

The procedure begins using assumed values for the parameters that are reasonably well

known at the outset: i , ve sini , Tp, and y. The �rst step is to compare the observed and

model 
uxes that span the full ultraviolet to optical range (including the circumstellar disk


ux contribution in the case of VFTS 102). We perform preliminary model simulations and

check if there are any systematic trends in the observed-to-model 
ux ratio as a function

of wavelength. If so, then the reddening parameterE(B � V) is revised in order to �nd

consistent observed-to-model 
ux ratios across the spectrum. Next, we consider the mean

value of the observed-to-model 
ux ratio, and we revise the polar radiusRp in order to make

this ratio unity for the given values of distance and interstellar extinction (set through the

derived E(B � V) and �xed RV values).

The procedure next considers the �ts of the spectral line pro�les. A goodness-of-�t

estimate is found by comparing the observed and model line pro�les over a limited wavelength

range that spans the full absorption pro�le while excluding any problem regions that are

marred by background nebular or disk emission. This is particularly important in the case
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of VFTS 102, where �ts of the H and HeI lines were restricted to the extreme line wings

to avoid emission components in the central parts of these pro�les. The scatter between

the observed and model pro�les is compared to that in nearby continuum regions to �nd a

reduced chi-squared statistic� 2
� for each spectral feature. The code also measures the ratio

of (Observed - Calculated) / Observed equivalent width to determine the sense of remaining

discrepancies in the model, and these are used to estimate the He abundance (Section 3.4.7).

The observed and model line comparison begins with the H-Balmer lines that are sensitive

to both temperature and gravity (through Stark broadening) in the O- and B-type stars.

With the polar temperature and radius set at this stage, the gravity dimension is explored

through the calculation of the Balmer lines for a test grid of model masses. For each test

value of mass, we create model Balmer lines from an integration of the surface with the local

gravity set for each surface element based upon its radial distance from the center of the

star and its rotational velocity, and then the corresponding speci�c intensity pro�le (with

the associated Stark broadening) is derived from the pre-computed set (Section 3.4.3). Then

we compare the model and observed 
ux pro�les to determine the goodness-of-�t for each

Balmer line. A spline �t is made of the variation of the mean� 2
� as a function of assumed

mass, and the minimum of this �t yields the estimate of massM .

The basic procedure outlined above is repeated over a grid of test values for polar tem-

perature Tp, and the variation with assumedTp of the mean� 2
� derived from all the lines

in the sample is used to �nd the best �t polar temperature. The �nal step is to conduct

this complete analysis over a grid of assumed inclinationi and projected rotational velocity

ve sini , determine the global minimum of the mean� 2
� , and �nd estimates for i and ve sini .

We found that there were signi�cant mismatches between the observed and model pro�les
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for certain line pro�les that occurred in the analysis of all three target stars. These are

systematic problems related to incomplete lists of possible line blends with other features,

non-standard abundances, and/or problems with the physical properties assigned to the

atomic transitions in TLUSTY/SYNSPEC. After some experimentation, we limited the line

sample to a set that gave mutually consistent results, therefore any systematic errors that

remain in the analysis are treated consistently for all three stars. The line set adopted for the

parameter estimation includes H� � 3889, H
 � 4340, H� � 4861, HeI �� 3819; 4026; 4387,

and He II �� 4541; 4686; 5411. We show in Section 3.5 the �ts for these nine features and

for the remaining seven excluded line pro�les.

3.4.7 Helium Abundance

We noticed at the outset of the analysis that the He line model pro�les calculated using

speci�c intensity matrices based upon the solar He abundance were often much weaker than

the observed pro�les. Consequently we computed additional model speci�c intensity matrices

using SYNSPEC for assumed He abundances of 2� , 3� , and 4� the adopted solar value.

The same parameter �tting procedure was conducted for these di�erent He abundances and

the He line trends were examined in each case to determine how the models predicted He

line strengths that were systematically too weak and too strong.

We show an example of the trends in Figure 3.8 for the case of� Oph. The corresponding

trends found for VFTS 102 and VFTS 285 are qualitatively similar. Figure 3.8 shows the

fractional di�erences in (Observed - Calculated) / Observed line equivalent width as function

of assumed polar temperatureTp for three He I and three HeII lines. The HeII equivalent

width ratios show a net decline from underestimating the strength to overestimating the
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Figure 3.8Left: A plot of the fractional di�erences between the observed and model calcu-
lated equivalent widths for a He abundance that is twice solar. The model results for each
test polar temperatureTp are plotted as small plus signs that are connected by spline �ts.
The He I �� 3819; 4026; 4387 features are plotted as solid, dashed, and long dashed lines,
respectively, and the HeII �� 4541; 4686; 5411 features are plotted as dotted, dot-dashed,
and triple dot-dashed lines, respectively. The large plus sign near the center marks the mean
of the He I and He II intersection points, which is positive in this case (He too weak).Right:
The same trends plotted for an assumed He abundance that is three times the solar value
that leads to a negative mean (He too strong).

strength with increasingTp. The He I � 4387 equivalent width ratio shows the opposite trend

as expected, while the HeI �� 3819; 4026 ratios are approximately constant. We suspect

that the latter two features are actually line blends that change with temperature in di�ering

ways so that the composite pro�le is relatively constant (for example, the blend of HeI � 4026

and He II � 4025). The large plus sign near the center marks the average position of all the

He I and He II trend crossings. This occurs at< W � (O � C)=O >= +0 :069 for the 2� solar

model (left panel; He too weak) and at< W � (O � C)=O >= � 0:062 for the 3� solar model

(right panel; He too strong). Thus, the best match of the He line strengths occurs for an

intermediate He abundance between these cases.

We made similar plots for all four test cases of He abundancey, and we used a spline �t
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of (y; < W � (O � C)=O > to �nd the zero-crossing position that corresponds to the best �t

of the helium abundance based upon these six He lines. The results are listed with the other

parameters in Table 3.4 with uncertainties based upon the scatter in the HeI and He II

intersection points in these plots.

3.4.8 Parameter Uncertainties

The predominant source of uncertainty in the parameter estimations comes from the spread

in derived parameter values for �ts of the individual lines in the default set of three H, three

He I, and three HeII features. These are systematic errors related to the model itself, so

in most cases we have estimated the parameter uncertainties from the line-to-line standard

deviation of the results found using the individual line �ts. There are two other sources of

signi�cant uncertainty that must also be considered. The fractional uncertainty in distance is

largest for the case of� Oph (12%), therefore this is the most important factor in assessing

the uncertainty in polar radius RP which is linearly dependent on the assumed distance.

The other key element in the uncertainty is the interstellar extinction that depends on the

assumed value of the ratio of total-to-selective extinctionRV . The reddeningE(B � V) is

modest for� Oph and VFTS 285, so the underlying uncertainty inRV has only a small a�ect

on the results. However, the reddening of VFTS 102 is much larger, so uncertainties inRV

are important. We tested the sensitivity of the results by making simple SED �ts (like those

in Fig. 3.4) for both the adopted value ofRV = 2:76 and the nominal value ofRV = 3:1,

and we found that the derived angular diameter increased by 28% using the latter value.

The polar radiusRp varies directly with angular size, so we included this factor in the �nal

uncertainty estimate for Rp for VFTS 102.
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The bottom two rows of Table 3.4 list the statistics associated with the �ts. The reduced

chi-square� 2
� is the average of the individual chi-square measurements for all the lines used

in the sample. It can be somewhat misleading given the complicated and often deceiving

nature of extreme rotational broadening. For example,� 2
� is the smallest for �ts of the lines

of VFTS 102, but this is mainly the result of extremely shallow lines that have a depth not

much larger than the scatter in the continuum. The �nal row reports the standard deviation

of the observed to model 
ux ratio for all 16 spectral regions from the FUV to the optical,

and it provides a sense of the success of the 
ux �ts (worse in the case of VFTS 102 where

complications exist due to the 
ux of the circumstellar disk). The �ts associated with the

parameter estimates in Table 3.4 are discussed in the next section.

3.5 Spectrum Synthesis Fitting Results

3.5.1 � Oph

Figure 3.9 shows the 16 spectral features that we modeled with the rotation code described

in Section 3.4. The default set of nine lines used in the parameter �tting code (indicated by

asterisks in the identifying labels) are generally well �t by the model, however discrepancies

from the �t in other cases deserve some comment. The CIII � 1175 feature appears to show a

signi�cant blue-shift compared to the model, and we suspect that this transition is partially

in
uenced by the stellar wind, appearing like a weak P Cygni feature (observed as a wind

feature in the O-star binary UW CMa; Drechsel et al. 1981). The other ultraviolet feature

is the Fe IV � 1420 blend that appears to be slightly too weak in the model, perhaps due

to the choice of microturbulence in the TLUSTY model or to uncertainties in the atomic

oscillator strengths. The H� � 4101, He I � 4471, and HeII � 4199 lines all appear to be



80

consistently too deep in the model (including the CIII � 4186 line in the blue wing of the

latter), so they were excluded from the parameter �t. The longer wavelength transitions of

He I �� 4921; 6678 appear to show disk-like emission in their extreme wings (possibly also

present in HeI � 4387), so they were also omitted from the �t. The spectrum of� Oph does

occasionally exhibit double-peaked emission like that of the disk emission observed in Be

stars (Vogt & Penrod 1983), but no H� emission is apparent in the� Oph spectra used here.

Our motivation for including � Oph in this study was to test our parameter �tting results

with those obtained independently using a similar code by Howarth & Smith (2001). The

two sets of results are compared in columns 2 and 3 of Table 3.4. There is good agreement

in most of the derived parameters. The polar temperatureTp derived by Howarth & Smith

(2001) is slightly higher due to our use of fully line-blanketed model atmospheres that tend

to assign lowerTe� than models based on H and He line opacities alone (Lanz & Hubeny

2003). The other di�erence is the use of the von Zeipel law for gravity darkening used by

Howarth & Smith (2001). The equator to polar temperature contrast is larger in the von

Zeipel description versus the! -model for a given rotation rate, and we arrive at the same

ratio of Te=Tp as derived by Howarth & Smith (2001) (who utilized the Von Zeipel law) by

using a relatively larger angular velocity ratio 
=
 c when using the! -model.

Our derived He abundancey = 0:24 � 0:07 is the same within uncertainties as found

by Howarth & Smith (2001), y = 0:20 � 0:03, con�rming the apparent He enrichment in

the atmosphere of� Oph. Models that neglect the changes of the star's shape and gravity

darkening due to rotation tend to arrive at a lower He abundance: for example,y = 0:16

from Herrero et al. (1992),y = 0:11 from Villamariz & Herrero (2005), andy = 0:10� 0:12

from Cazorla et al. (2017). The fast projected rotational velocity we �nd is similar to that
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Figure 3.9 The continuum normalized spectral features of� Oph (solid lines) together with
the synthetic spectra from the rotational model (dotted lines). The top axis represents
Doppler shift in the rest frame of the star, while the lower axis depicts the observed (helio-
centric) wavelength. The primary feature in each panel is identi�ed with a label in the lower
left, and those features included in the parameter �tting scheme are indicated by an asterisk
appended to the label.

found in most other studies, with the exception of Sim�on-D��az & Herrero (2014), who split

the apparent broadening between rotation,ve sini = 303� 319 km s� 1, and macroturbulence,

vm = 159 km s� 1.
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3.5.2 VFTS 102

Many of the spectral line features of VFTS 102 are altered in some way by the presence of

a well-developed circumstellar disk. We discussed above in Section 3.4.2 how disk emission

adds to the spectral energy distribution at longer wavelengths and how the disk continuum

acts to make the spectral lines appear shallower. The other striking aspect is how the

disk emission appears as a new pro�le component in the core of the H Balmer and HeI

lines as shown in Figure 3.10. For these cases, the observed and model pro�le goodness-of-�t

statistic � 2
� was calculated only for the line wing portions of the pro�le where no disk emission

appears. This approach is successful in showing the presence of residual disk emission that

is not obvious on �rst inspection (for example, the HeI � 4026 pro�le in Fig. 3.10). Making

a �t of the line wings failed in the case of H� � 4861 because disk emission extends into the

far wings, so this feature was omitted from the parameter �tting procedure. This leaves only

�ts of H � � 3889 and H
 � 4340 for the determination of the mass through the apparent Stark

(collisional) broadening. Tests showed that omission of H� in �ts of the spectra of � Oph

and VFTS 285 changed the derived mass by less than 1%, therefore we doubt the omission

of H� has any signi�cant impact on the �nal parameter solution for VFTS 102.

The derived average parameters in Table 3.4 all agree within uncertainties with those

estimated in the discovery paper by Dufton et al. (2011) (see their Table 1). In particular,

the estimate of projected rotational velocityve sini = 649 � 52 km s� 1 is the largest among

all three stars, and the equatorial velocity is the same as the critical velocity within errors.

Thus, VFTS 102 appears to be a star that has attained critical rotation. This extraordinary

spin probably assists those mass loss processes that feed gas into the circumstellar disk,
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Figure 3.10 The continuum normalized spectral features of VFTS 102 (solid lines) together
with the synthetic spectra from the rotational model (dotted lines) in the same format as
Figure 3.9. The sharp features in the cores of some of the H Balmer and HeI lines are
artifacts from incomplete removal of the surrounding nebular emission lines.

creating a vigorous decretion disk despite the disk gas ablation that occurs due to the harsh

radiation �eld of the star (Kee et al. 2016).

3.5.3 VFTS 285

The rotational model parameter �ts for VFTS 285 indicate that the star is the hottest and

most massive of the three targets. The star's true equatorial velocity is about the same as

that of VFTS 102, however because the star is more massive, the critical velocity is higher,
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and therefore the star has a sub-critical spin, 
=
 c = 0:95. The hotter temperature and

slower spin relative to critical rotation are probably the reasons why no circumstellar disk

is found for VFTS 285 (in contrast to the case of VFTS 102; Section 3.5.2). The average

parameters given in column 5 of Table 3.4 agree within errors with those derived from Sab��n-

Sanjuli�an et al. (2017) that do not include rotational deformation in the model. The one

exception is the He abundance that Sab��n-Sanjuli�an et al. (2017) �nd to be only somewhat

enhanced,y = 0:14 compared to our result ofy = 0:34� 0:14 (the largest He overabundance

among the three stars). This same kind of di�erence was noted above between rotating and

non-rotating physical model results for� Oph (Section 3.5.1). In the non-rotating models

He II line formation occurs over the entire visible hemisphere, while in the rotating models

that include gravity darkening, He II line formation is more restricted to the hotter polar

zones (because the HeII lines weaken in the cooler equatorial zone). Consequently, in order

to match the observed line strength, the rotating models compensate for the smaller area of

formation by increasing the He abundance. The other di�erence in our work is the neglect of

stellar winds in the TLUSTY models. The HeII � 4686 line that we use is sensitive to wind

emission in more luminous stars (Walborn 1971), but in the case of VFTS 285, the model

He II � 4686 line appears to match the observed line as well as found for the other HeII lines

(Fig. 3.11).

The spectral line �ts shown in Figure 3.11 are mostly satisfactory among the default

set (marked by asterisks in the �gure panels), except in the cores of some of the H Balmer

and He I lines where sharp features remain from over- or under-subtraction of the nebular

emission from the surrounding gas. These core regions were excluded from the goodness-of-�t

measurements.
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Figure 3.11 The continuum normalized spectral features of VFTS 285 (solid lines) together
with the synthetic spectra from the rotational model (dotted lines) in the same format as
Figure 3.9. The sharp features in the cores of some of the H Balmer and HeI lines are
artifacts from incomplete removal of the surrounding nebular emission lines.

We decided to experiment with model �ts of the spectral features of VFTS 285 by chang-

ing the gravity darkening prescription to the von Zeipel law in order to demonstrate how the

choice of gravity darkening in
uences the solution. The resulting parameters using the von

Zeipel law are shown in the �nal column of Table 3.4. We found that the model predicted

He I and He II line pro�les that were still too weak (7%) compared to the observed pro�les

even with the largest assumed He overabundance,y = 0:4 (Section 3.4.7). Thus, applying a
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rotational model using the von Zeipel law appears to lead to an over-estimate of He abun-

dance in this case. Rather than extrapolate to even higher He abundances, we simply report

the results of they = 0:4 �ts in Table 3.4. The von Zeipel model is best �t with a star that

is rotating somewhat closer to the critical rate with greater equatorial extension and a larger

range in the polar to equatorial temperature.

3.6 Evolutionary Origins

3.6.1 Single Star Models

Both VFTS 102 and VFTS 285 display exceptionally large rotational line broadening com-

pared to other O-type stars in the VFTS sample (Ram��rez-Agudelo et al. 2013). Here we

consider what processes may have contributed to their extreme spins. The �rst possibility is

that both are very young stars that attained their rapid spin due to accretion of their natal

disks. Ekstr•om et al. (2008) and Brott et al. (2011) calculated evolutionary tracks for stars

born as rapid rotators, and in Figure 3.12 we show evolutionary tracks in the Hertzsprung-

Russell Diagram (HRD) for three massive stars from Brott et al. (2011). These particular

tracks were made assuming LMC abundances and initial equatorial velocities ofve � 550

km s� 1. The track for the 16M � model shows the normal evolution to higher luminosity and

cooler temperature as core H-burning concludes, but the tracks for 19M � and 25M � show

evolution to higher temperatures. This behavior in massive, fast rotators is due to extensive

mixing in the interior that replenishes the H core and dredges up the processed He into the

envelope. Thus, mixing tends to homogenize the composition of the core and envelope.

We also plot in Figure 3.12 the derived estimates of< T > (all) and logL=L � from

Table 3.4 for VFTS 102 and VFTS 285. Note that theTe� estimates for the models of Brott
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Figure 3.12 Evolutionary tracks in the HRD for rapidly rotating massive stars from Brott
et al. (2011). The solid lines show the tracks for stars of masses 16M � , 19M � , 25M � with
initial equatorial velocities of 562, 557, and 548 km s� 1, respectively. Small plus signs
indicate time intervals of 1 Myr, and the square and asterisk symbols show the point on the
tracks where the surface He abundance reachesy = 0:2 and 0:4, respectively. The diamond
and X symbols mark the observed average temperature and luminosity for VFTS 102 and
VFTS 285, respectively, from model �ts of the spectral lines.

et al. (2011) are based upon an average over the surface of the star assuming a von Zeipel

gravity darkened 
ux, so they are not exactly comparable to our results for the! -model

(but the di�erence is small; see the two gravity darkening cases for VFTS 285 in Table 3.4).

Furthermore, the model equatorial velocities are somewhat smaller than our estimates for

the stars, so trends related to rotation might be even more extreme for evolutionary tracks at
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higher rotation speeds. The position of VFTS 102 is somewhat overluminous for its estimated

mass (18� 6M � ) and is slightly cooler than predicted for the age of the nearby stars in the

vicinity of the LH 99 OB association of 5:7 Myr (Schneider et al. 2018). Furthermore, an

enhanced He abundance ofy = 0:2 is obtained at an older age of 6:9 Myr (or longer for masses

lower than 19M � ) and at a hotter temperature than is observed for VFTS 102. The position

of VFTS 285 is cooler and less luminous than predicted for its estimated mass (28� 8M � ), and

the observed He over-abundance ofy = 0:34� 0:14 only occurs at much higher temperatures

in the 25M � track. This comparison between the observed and model tracks for VFTS 102

and VFTS 285 indicates that these stars are likely di�erent than predicted for models of

stars with fast rotation at birth.

Stars may also become rapid rotators towards the terminal age main sequence (TAMS)

stage due to the transfer of angular momentum from core to surface by meridional currents

(Ekstr•om et al. 2008). However, this spin-up occurs over a relatively short time near the

TAMS, and both VFTS 102 and VFTS 285 appear to be too young to have reached the

TAMS. Consequently, we doubt that their fast rotation is related to mixing and spin-up

associated with the TAMS phase.

3.6.2 Binary Star Models

There are several processes involving interacting binary stars that can lead to the spin up

of the mass gainer star (de Mink et al. 2013). Binary systems born with short periods

will probably enter a mass transfer stage during slow core-H burning expansion (Case A),

and in many circumstances this will result in a merger through a common envelope event

(CEE). Population synthesis models by de Mink et al. (2014) suggest that 8% of massive stars
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drawn from a constant star formation sample are, in fact, such merger products. Menon et al.

(2021) present models for binary mergers in the LMC, and they show that many binaries

with initial periods less than two days will produce a merger. Our understanding of the

physical processes leading up to a CEE is still developing (Ivanova et al. 2013), however the

merged star is likely to exhibit rapid rotation, equatorial mass loss, an enriched surface He

abundance, and overluminosity for its mass (Ivanova & Podsiadlowski 2003). The properties

of the merger product depend critically on the extent of He dredged up into the envelope and

the time since the merger (Glebbeek et al. 2013). One key example is the hot merger remnant

model that is successful in describing the properties of the B-supergiant progenitor of SN

1987A (Podsiadlowski et al. 1992; Menon & Heger 2017). Another example is the magnetic

star � Sco that may have formed through a merger that generated a strong magnetic �eld

as described by Schneider et al. (2019, 2020). Their models suggest that the merger product

will spin-down on a thermal timescale (� 104 years) as a result of redistribution of angular

momentum in the stellar interior.

Massive binaries with periods greater than a few days will begin mass transfer as the

larger mass donor star expands in the H-shell burning stage (Case B). Mass transfer will

lead to the spin up of the mass gainer which becomes a rejuvenated star of larger mass

than it initially started with (de Mink et al. 2014). When the donor explodes as a SN,

the binary may become unbound (if the donor mass remained large after the mass transfer

episode or the donor experiences an asymmetric kick during the SN) or the SN remnant

may remain to orbit the mass gainer. The latter systems are observed as massive X-ray

binaries in which reverse mass transfer occurs to the neutron star or black hole remnant.

Both circumstances will impart a runaway velocity to the surviving gainer that is comparable
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to the orbital velocity at the time of the SN. Many of the fast-moving OB runaway stars

appear to be rapid rotators and are often single stars (Blaauw 1961, 1993; Gies & Bolton

1986; Hoogerwerf et al. 2001; Platais et al. 2018; Schneider et al. 2018).

3.6.3 Dynamical Processes

The central region of the R136 cluster in the 30 Dor region has a very high spatial number

density of massive stars (Massey & Hunter 1998; Crowther 2019), and dynamical encounters

between stars and binaries can play an important role in their evolution. In rare cases, a

physical stellar collision can lead to the formation of a rapidly rotating star with properties

similar to those formed by a close binary merger (Sills et al. 2005; Fujii et al. 2012). Gravita-

tional encounters between wider binary and single stars (and binary and binary stars) o�er

another way to eject a high velocity star through an interaction that transforms the orbital

binding energy of a target binary into the kinetic energy of the escapee (Gualandris et al.

2004).

In the following subsections, we will compare the predictions from these di�erent processes

with the observed properties of the three rapid rotators investigated in this paper.

3.6.4 � Oph

� Oph is the closest Galactic O-star and it is a well-known runaway star (Blaauw 1961).

Its trajectory across the sky shows that it was ejected from the Upper-Centaurus-Lupus

(UCL) Association (Hoogerwerf et al. 2001). van Rensbergen et al. (1996) argue that it was

a member of an interacting binary system that spun up the mass gainer (� Oph) prior to

a SN explosion that disrupted the system and imparted a runaway velocity. The fact that
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there is no evidence of orbital motion (Gies & Bolton 1986) is consistent with its status as

a single star. Neuh•auser et al. (2020) presented an analysis of the motions of� Oph and

nearby pulsars, and they argue that the SN that created the radio pulsar PSR B1706-16

caused the ejection of� Oph, in addition to the release of a signi�cant amount of60Fe gas

(some of which was eventually captured on Earth). Thus,� Oph is a prime example of a star

that was spun up to near critical rotation (
 =
 c = 0:95) by mass transfer from a companion

that exploded as a SN and imparted a runaway velocity to the survivor.

3.6.5 VFTS 102

The SN ejection mechanism that explains the properties of� Oph was explored as the origin

of the rapid rotation of VFTS 102 in the discovery paper by Dufton et al. (2011). They

noted that the nearby pulsar PSR J0537-6910 is surrounded by an X-ray emitting bow

shock that appears to be directed away from the position of VFTS 102, and this implies

that the pulsar is a runaway object from the vicinity of VFTS 102. Furthermore, they

argued that their measurement of radial velocity, 228 km s� 1, was su�ciently di�erent from

the mean for the region that VFTS 102 was also a runaway object. However, the runaway

status of VFTS 102 is controversial. Our derived average radial velocity is 267� 3 km s� 1,

and this is the same within errors as the mean for stars in the region around the LH 99

association, 274� 13 km s� 1 (Evans et al. 2015). Furthermore, the apparent proper motions

of VFTS 102 from Gaia EDR3 (Gaia Collaboration et al. 2021) are� RA = 1:73 � 0:04

mas yr� 1 and � DEC = 0:71 � 0:03 mas yr� 1 which agree with the mean values for other

nearby massive stars. For example, we formed a sample of 65 O-type stars within a 2 arcmin

separation from the massive star Brey 73, which lies near the center of the OB-association
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LH 99 that is close in the sky to VFTS 102 (Lortet et al. 1991). The mean proper motions

of these stars from Gaia EDR3 are� RA = 1:63 � 0:16 mas yr� 1 and � DEC = 0:63 � 0:18

mas yr� 1, i.e., the same within errors as those for VFTS 102. These results suggest that

VFTS 102 is not a runaway star. The di�erence between its spatial velocity and that of the

LH 99 association stars is no more than� 30 km s� 1, which is smaller than we would expect

from a runaway star.

Jiang et al. (2013) presented a binary merger model for VFTS 102, and they showed how

a close binary with an initial primary star mass of 12� 15M � , mass ratioM 2=M1 > 0:63,

and orbital period P < 1:5 d can evolve into contact and merge to create a rapidly rotating

star. These parameters are consistent with the current mass of 18M � provided some mass

loss occurred during the CEE. VFTS 102 does display the properties predicted for a merger:

very rapid rotation, enhanced He abundance, overluminosity, and evidence of ongoing mass

loss into a large equatorial gas disk. Furthermore, our analysis suggests that it is rotating

at essentially the critical rate, so little time has elapsed since the spin-up event for active

spin-down processes to occur that are related to evolution (Brott et al. 2011), wind mass

loss (Gagnier et al. 2019b), angular momentum loss into the circumstellar disk (Krti�cka

et al. 2011), and internal restructuring (Schneider et al. 2020). These facts, combined with

the lack of a substantial runaway velocity, suggest that a recent binary merger is the best

explanation for the rapid rotation of VFTS 102. An example of a possible merger progenitor

is the nearby contact binary VFTS 352 with an orbital period of 1:1 d (Almeida et al. 2015).
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3.6.6 VFTS 285

VFTS 285 is among some ten objects that appear to be 
eeing from the R136 cluster at the

center of 30 Dor (Evans et al. 2010; Lennon et al. 2018; Platais et al. 2018; Renzo et al. 2019;

Gebrehiwot & Teklehaimanot 2021). These are all examples of ejection by SN or dynamical

encounters. VFTS 285 has a relative tangential velocity in the range of 26 to 48 km s� 1 with

a time of 
ight since ejection of 0:6 to 0:7 Myr if it originated in the R136 complex at the

center of the NGC 2070 cluster (Platais et al. 2018; Gebrehiwot & Teklehaimanot 2021). We

�nd that the radial velocity is 250 � 6 km s� 1 that is only somewhat smaller than the mean

for its cluster of origin, NGC 2070, 271� 12 km s� 1 (Evans et al. 2015), so both the radial

and tangential velocities are consistent with the idea that VFTS 285 is a \slow" runaway

star.

There are several factors to consider in determining how VFTS 285 was ejected. Schneider

et al. (2018) estimate an age of 1:9 � 2 Myr for VFTS 285 (see Platais et al. 2018) that is

consistent with its location in the HRD near the ZAMS position of a track for its mass

(Fig. 3.12). If this is the actual age, then it is too young for su�cient time to have elapsed

for the companion to evolve and explode as a SN (at least 3 Myr for the most massive stars).

This young age would indicate instead that the star was ejected by dynamical processes in

the R136 complex that has a similar age (� 1:2 Myr; Bestenlehner et al. 2020). On the other

hand, VFTS 285 may have been ejected from another site in the NGC 2070 cluster, which

has a median age of 3:6 Myr (Schneider et al. 2018). In this case, there is su�cient time for

a binary companion to reach the SN stage and eject VFTS 285, and then its estimated age

would correspond to that of the rejuvenated star after mass accretion in the binary.
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The other fact to note is the very high He abundance we determined for VFTS 285

(y = 0:34� 0:14). This level of He enrichment is not predicted by single star evolution for

a star of its mass and youth, but it could happen through mass transfer from an evolved

companion or by large scale mixing associated with a merger. The large He abundance

implies an interaction with some kind of evolved object, so the binary path is probably the

most likely one for the evolutionary history VFTS 285. It may have been spun up through

mass transfer from a companion that exploded and disrupted the binary (like the case of

� Oph). Bestenlehner et al. (2020) found that the most massive WN5h-type stars in the core

of R136 are all He enriched at their surfaces even at very young ages (� 1:2 Myr), so mass

transfer from such a progenitor companion could potentially explain the He overabundance

in VFTS 285. There is one other system that may be a post-mass transfer binary in the

30 Dor region. Clark et al. (2015) found that the rapid rotator VFTS 399 is a strong

emitter of variable X-ray emission that is usually associated with thermal emission from an

accreting neutron star, so they suspect that VFTS 399 is a high-mass X-ray binary. This

would indicate that there has been enough time in some parts of 30 Dor for a possible binary

companion of VFTS 285 to explode as a SN, so the formation channel by a SN disruption

of the original binary is a viable and attractive explanation.

We doubt that VFTS 285 is the result of a merger, because it would have formed from two

lower mass, longer-lived stars, which con
icts with the young age derived from its kinematical

and cluster properties. It is possible, however, that a dynamical encounter with another

binary led to the ejection of a binary with such high eccentricity that the pair collided and

merged on an orbital timescale. Thus, the merger scenario should not be entirely ruled out.
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3.7 Conclusions

VFTS 102 and VFTS 285 are the current record holders for the fastest projected equatorial

velocity, and our �ndings have only solidi�ed that standing. We applied a spectrum synthesis

method to create model spectral line pro�les that depend on the physical parameters and

the inclination angle i between the spin axis and our line-of-sight. Fits of these to the

observed pro�les led to determinations of both the projected rotational velocityve sini and

the physical equatorial velocityve (Table 3.4). We found that both stars are exceptionally

fast rotators with VFTS 102 rotating at ve = 649 km s� 1 (
 =
 c = 1:00) and VFTS 285

rotating at ve = 648 km s� 1 (
 =
 c = 0:95). The physical parameters associated with our

best �t for VFTS 102 are: Rp=R� = 5:41� 1:55, M=M � = 18 � 6, and Tp = 40100� 2800

K. VFTS 285 is slightly larger and more massive:Rp=R� = 5:58� 0:39, M=M � = 28 � 8,

and Tp = 40200� 2700 K.

Both stars exhibit very broad and shallow (and often blended) line pro�les due to the

extreme rotational line broadening. We calculated models for 16 line or line blend features,

and from these we selected three H Balmer, three HeI, and three He II lines that could

be modeled with a self-consistent set of parameters. We found that the best �t parameters

also led to predicted pro�les for UV features that matched well with the observed, strongly

blended spectra. The temperature related variations of surface speci�c intensities have a

much greater contrast between the pole and equator in the UV than in the optical, so

the pro�le shapes are expected to di�er (Hutchings 1976). Thus, it is encouraging that

our models which incorporate the wavelength dependence of speci�c intensity are generally

successful in �ts of both the UV and optical lines.
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As a part of our analysis we attempted to measure the He abundance after it became

clear that the models associated with a solar He abundance were far too weak to match our

observed spectra. We found that all of the target stars are He overabundant (� Oph, 2:4�

solar; VFTS 102, 2:0� solar; VFTS 285, 3:4� solar). This general He overabundance is

probably the result of internal mixing promoted by extreme rotation and/or by past mass

transfer of He from an evolved mass donor companion. We caution that while these stars

all appear He enriched, the actual He abundances may have systematic errors because the

�ts were made by simply increasing the He abundance in the radiative transfer solution

for the line pro�les without re-calculating the full atmospheric structure for the revised He

abundance (see Section 3.4.3).

A comparison of the stellar parameters to those of evolutionary tracks for rapid rotators

(Brott et al. 2011) shows that both VFTS 102 and VFTS 285 appear to be somewhat

overluminous for their mass. Furthermore, both stars are much more enriched in He than

predicted by mixing in these model tracks. These characteristics as well as their implied

youth suggest that both VFTS 102 and VFTS 285 may have been rejuvenated by mass

transfer from an interacting binary companion. Their current fast rotation may be the

result of angular momentum accretion during past mass transfer.

VFTS 102 is rotating very close to the critical rate, is shedding mass and angular mo-

mentum into a circumstellar disk, and is enriched in He. These are all the characteristics of

a recent, post-merger object as suggested by Jiang et al. (2013). The star's radial velocity

and proper motion are similar to those of the nearby OB-association LH 99, so we doubt

that VFTS 102 is a runaway star (as suggested by Dufton et al. 2011).

VFTS 285, on the other hand, does appear to be a runaway star ejected from the R136
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cluster based upon its proper motion (Platais et al. 2018). An attractive scenario is that

VFTS 285 was spun up via mass transfer prior to its companion exploding in a supernova.

The binary was disrupted and the orbital motion of the survivor was transformed into the

linear ejection velocity of VFTS 285. In this picture, the extreme overabundance of He in

the atmosphere of the star marks the remains of nuclear-processed gas from the interior of

the mass donor companion. This scenario is similar to the current origin theory for� Oph

(Neuh•auser et al. 2020), which has a similar He abundance to that of VFTS 285. Our work

adds to a growing body of evidence that a signi�cant fraction of the rapid rotators among the

massive stars were spun up through binary mass transfer (Bodensteiner et al. 2020; Wang

et al. 2021; Gies et al. 2022).
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CHAPTER 4

A Spectroscopic and Interferometric Study of W Serpentis

4.1 Introduction

W Serpentis (e.g., HD 166126, BD-15� 4842) is the prototype of the Serpentid binary stars,

a class of interacting binaries experiencing mass transfer and mass loss. It is an eclipsing

binary with an orbital period of 14:16 days (Gaposchkin 1937; Bauer 1945; Guinan 1989;

Erdem & •Ozt•urk 2014). A summary of the long observational history of W Ser is given by

Guinan (1989) and Weiland et al. (1995). Their primary conclusions are outlined here. The

light curve displays only one eclipse and is marked by large stochastic variations (Guinan

1989). The visible spectrum is complex and has six distinct absorption and emission line

kinematical components (Sahade & Struve 1957; Barba 1993) including disk-related emission

features, forbidden line species, and sharp, stationary shell lines. The deep absorption line,

shell component has the appearance of an F8/G2 Iaep star (Houk & Smith-Moore 1988),

and the continuum shape in the visible regime is consistent with a temperature associated

with this classi�cation. Spectroscopic investigations by Sahade & Struve (1957) and Hack

(1958) show that the hotter component is the object that is eclipsed at primary minimum

(phase 0:0). The plethora of emission lines in the visible spectrum indicate the presence of

circumstellar and possibly circumbinary material related to active mass transfer and loss.

One primary distinguishing feature of W Ser and other Serpentids is the presence of UV

emission lines (Wilson 1989) such as NV, Si IV , C IV , C II , O III , Si III , and He II (Plavec

1981, 1982a,b, 1989; Sanad & Bobrowsky 2013). The UV emission lines appear to vary in

strength with orbital phase (Sanad & Bobrowsky 2013). Weiland et al. (1995) analyzed
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the pro�les of the Si IV � 1400 doublet using spectra from HST/GHRS (Goddard High

Resolution Spectrograph), and they developed a model that relates the emission line 
ux to

mass transfer. They and Deschamps et al. (2015) note the presence of an elevated continuum


ux in the FUV, one that exceeds the level expected for an F-supergiant. This suggests that

there is another hot, hidden 
ux component in the system.

The mass loss models created by Lu et al. (2023) are likely applicable to the stage

that W Ser is currently experiencing (see their Fig. 1 and Fig. 6). Several studies have

suggested that the F-supergiant continuum 
ux actually forms in the pseudo-photosphere of

an accretion disk that surrounds and obscures the mass gainer (Guinan 1989; Plavec 1989;

Weiland et al. 1995; Erdem &•Ozt•urk 2014). The emission lines can form in both the hot

plasma found in the inner portion of the accretion disk and at the point of contact between

the mass transfer stream and the disk. The latter can result in a hot spot which would

emit additional 
ux at shorter wavelengths (Weiland et al. 1995). The gas in a circumbinary

disk (CBD) contributes to narrow and stationary \nebular" emission lines. However, the

spectral signatures of the both the mass gainer and mass donor stars remain undetected.

There is considerable uncertainty surrounding the orbital properties, and estimates of the

total mass range from 2:5M � (Mennickent et al. 2016) to 7:1M � (Erdem & •Ozt•urk 2014).

The associated semimajor axis estimates range from 0:16 to 0:22 AU. The estimated distance

from Gaia EDR3 is 857+14
� 15 pc (Bailer-Jones et al. 2021), so the angular semimajor axis is

estimated to be in the range of 0:18 to 0:26 mas. This is smaller than the nominal angular

resolution of the CHARA Michigan InfraRed Combiner-eXeter (MIRC-X) and the Michigan

Young STar Imager at CHARA (MYSTIC), so while we expect the binary and its components

to be mainly unresolved, a larger circumbinary disk might be resolvable.
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This chapter is the �rst in a series of studies that will investigate a sample of systems

that are probable Serpentids. We will analyze their optical spectra with the aim of obtaining

radial velocity curves, and updated orbital periods and elements. We will also present

interferometric data with the aim of estimating the extent of the CBDs, and creating simple

models for each system. This chapter focuses on W Ser itself and is structured as follows.

In Section 4.2 we calculate an updated contemporary ephemeris and orbital period. In

Section 4.3 we delve into the details of the spectroscopy. We discuss the various features

that can be found in the spectrum of W Ser, including the shell lines (Section 4.3.1), emission

lines (Section 4.3.2), features from the mass donor (Section 4.3.3), and lines from the vicinity

of the mass gainer (Section 4.3.4). We discuss their radial velocities and probable origins.

In Section 4.4 we describe our interferometric observations made with the CHARA Array,

and the models we made using these data. Finally, we discuss our �ndings (Section 4.5) and

draw several novel conclusions (Section 4.6) regarding this mysterious system.

4.2 Contemporary Ephemeris

We need an accurate orbital ephemeris in order to study the spectroscopic and interferometric

variations with orbital period. The timing of the middle of the primary eclipse would ideally

come from a contemporary light curve. The most recent light curve is unfortunately over

a decade old. ThisV-band light curve is from the All-Sky Automated Survey (ASAS)

Catalogue of Variable Stars1 (Pojmanski & Maciejewski 2004) and is shown in Figure 4.1.

This conundrum is further exacerbated by the fact that W Ser's orbital period is increasing.

Erdem & •Ozt•urk (2014) collected published times of mid-primary-eclipse for W Ser that

1http://www.astrouw.edu.pl/asas/?page=acvs
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span the past century and compared the data to the predicted eclipse times given the current

estimated orbital period. They found that the Observed - Calculated (O-C) times of primary

eclipse showed a general rate of period increase of 18:8� 0:4 s yr� 1. Due to this period increase

and the lack of an updated orbital period, we need to calculate the current orbital period

given the period in 2006 and the period increase per year.

The epoch of primary eclipse in the ASAS Catalogue isT(ASAS) = HJD 2 ; 451; 950:3

and the associated orbital period isP(ASAS) = 14:174658 days. First we checked the

reported epoch by �tting an Eclipsing Light Curve (ELC) model (Orosz & Hauschildt 2000)

to the ASAS V-band photometry. This �t, and an additional �t we tested (discussed in

Section 4.5.3), are overplotted on top of the ASAS data in Figure 4.1. Using the ASAS

period and the light curve �t, we �nd a revised epoch of the primary eclipse for a time near

the middle for the ASAS observations ofT(MID ) = HJD 2 ; 453; 268:7632 (or 0:22 days later

than the reported ASAS epoch). We then extrapolated forward in time to the approximate

epoch of our observations. This corresponded to 475 orbits after the central ASAS epoch or

18:4 years later. We calculated our updated period as follows:

P(NEW ) = P(ASAS) + _P4 t = 14:17867 days: (4.1)

Next we calculated the predicted O-C di�erence after this elapsed time:

O � C = 0:5P(ASAS) _P �2 = 0:9526 days (4.2)

where � = 475 elapsed orbital cycles (Kalimeris et al. 1994). Finally, we calculated the

contemporary epoch,

T(NEW ) = T(MID ) + �P (ASAS) + ( O � C) = HJD 2 ; 460; 002:6783: (4.3)
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We will useP(NEW ) and T(NEW ) to determine orbital phase throughout this work. Phase

0:0 is the time of primary eclipse when the hotter object is eclipsed by the cooler object.

-0.5 0.0 0.5 1.0 1.5
ORBITAL PHASE

10.0

9.5

9.0

8.5
V

 (
m

ag
)

Figure 4.1 The V-band light curve from the ASAS Catalogue of Variable Stars with two
ELC �ts overplotted. The solid line is a �t made by assuming that the gainer has a typical
B-type star temperatureT(gainer) = 20000 K (no disk). The dotted line is a second �t with
a small gainer (Rg = 4:0 R� ) surrounded by an optically thick disk.

4.3 Spectroscopy

We obtained 10 optical spectra of W Ser between 2021 and 2023. These were made with the

Astrophysical Research Consortium Echelle Spectrograph (ARCES) mounted on the 3:5 m

telescope at Apache Point Observatory (APO). These are high-resolution (R� 31500) optical

spectra (Wang et al. 2003) covering 3200-10000�A over 107 orders. Our exposure times were

20 minutes on average, yielding a S/N = 200 in the better exposed portions of the spectrum.

Heliocentric Julian dates at mid-exposure are listed in Table 4.1. The wavelength calibration
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was set by comparing the Thorium-Argon (ThAr) spectrum taken closest to the time of

observation. Spectra were reduced using the reduction guide written by Julie Thorburn

and the reduction cookbook by Karen Kinemuchi2. These guides describe standard IRAF

procedures, including bias subtraction, 
at-�elding, scattered light subtraction, spectrum

extraction, and wavelength calibration. We divided out the echelle blaze function present in

the shape of the continuum for each order by making polynomial �ts of the orders that are

free of strong absorption or emission features. We then used these �ts to interpolate new

�ts for the orders that contained strong lines, such as the H-Balmer series (Kolbas et al.

2015). The 
ux-normalized spectra were then transformed to the heliocentric frame, and the

individual echelle orders were merged onto a standard logarithmic wavelength grid. Finally,

the telluric features in the vicinity of H� were removed.

The spectrum of W Ser is complex making detection of spectral features originating

from either stellar component very di�cult. Our aim is to determine the origin of the main

spectral components. These features include very deep and narrow \shell" lines (found in

Table 4.1: Radial Velocities for W Serpentis

Date Orbital Vr (Shell) Vr (Donor) Residuals (O-C)
(HJD - 2; 400; 000) Phase (km s� 1) (km s� 1) (km s� 1)

59336.9653 0.0483� 27:0 � 0:7 14:1 � 3:4 3:8
59358.8160 0.5894� 18:0 � 1:3 � 102:3 � 3:1 � 8:1
59364.8298 0.0135� 27:2 � 0:8 � 14:9 � 2:9 1:7
59409.6750 0.1764� 27:9 � 0:8 91:9 � 5:2 6:6
59741.8275 0.6026� 19:0 � 1:0 � 112:5 � 3:0 � 9:7
60098.8330 0.7816� 22:3 � 1:0 � 129:6 � 5:8 20:9
60106.8775 0.3490� 32:3 � 1:0 84:6 � 3:8 9:7
60108.9064 0.4921� 25:0 � 1:1 � 11:8 � 5:2 9:2
60202.5941 0.0998� 29:6 � 0:9 26:4 � 3:7 � 20:1
60223.5706 0.5792� 22:0 � 1:2 � 101:2 � 3:2 � 13:9

2Both can be found on the APO Wiki: http://astronomy.nmsu.edu/apo-wiki/doku.php
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metal transitions such as FeI and Ti II and the cores of the H-Balmer lines), H-Balmer

emission lines, and forbidden transitions (Bauer 1945; Sahade & Struve 1957; Hack 1958;

Barba 1993). In the following we present examples of the shell lines (Section 4.3.1), emis-

sion lines (Section 4.3.2), photospheric lines associated with the mass donor (Section 4.3.3),

and features that track the predicted motion of the mass gainer and its circumstellar disk

(Section 4.3.4).

4.3.1 Shell Lines

Sharp, deep absorption lines dominate the continuum throughout the spectrum of W Ser.

These lines mainly consist of transitions of FeI, Fe II , and Ti II . The strongest features

are listed by Bauer (1945) (see his Table 2). Several of these shell lines are close neighbors

to H
 � 4340, such as TiII �� 4337; 4341; 4344. These features are visible in the left plot of

Figure 4.2. They appear consistently blue-shifted at a velocity of approximately� 25 km s� 1.

In the past, measurements of shell line velocities have been used as possible indicators

of orbital motion. In the case of W Ser, many of the features are blends, so we are not

able to measure individual lines easily. Instead we measured the shell line velocities by

cross-correlating a model with a region of the spectrum. We selected a wavelength range

of 4550 - 4600�A (see Fig. 4.6 below) because it lacked emission lines and the unblended,

moderate-strength shell features all showed similar behavior. We utilized a model spectrum

from the Pollux Synthetic Stellar Spectra Database3. We selected an AMBRE/MARCS

model (Gustafsson et al. 2008) withTe� = 6750 K, logg = 1, microturbulence = 1 km s� 1,

and solar abundances. We rebinned this model onto our observed wavelength grid. The

3https://pollux.oreme.org
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Figure 4.2Left - the top panel shows each spectrum as a function of radial velocity for H

� 4340 with the normalized continuum o�set to the associated orbital phase of the observa-
tion. The bottom panel shows the same plotted as a grayscale intensity between deepest
absorption (black) and brightest emission (white) interpolated across orbital phase. H
 ap-
pears in the center and is 
anked by shell lines of TiII � 4337:925 (� 201 km s� 1), Ti II
� 4341:371 (+37 km s� 1), and Ti II � 4344:290 (+239 km s� 1), among other weaker lines.
Right - Cross-correlation functions of the shell lines with a model template spectrum o�set
vertically with the local background shifted to the associated orbital phase of the observa-
tion. The lower panel is a grayscale representation of the CCFs with the orbital velocity
curve from Bauer (1945) overplotted as a solid white line.

resulting cross-correlation functions (CCFs) are shown on the right side of Figure 4.2. We

determined the radial velocity of the shell lines by �tting a parabola to the peak of the CCFs.

These radial velocities are listed in column 3 of Table 4.1.

The shell line CCFs show small radial velocity variations, and we doubt these velocities

are related to orbital motion of the stellar components. First, the variation we see is much

smaller than expected for binary motion. Second, the largest variation occurs immediately

after phase� = 0:5, instead of during the expected extrema at� = 0:25 and � = 0:75
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for a circular orbit. Third, if we interpret this motion as Keplerian motion in an elliptical

orbit, then the implied time of conjunction is inconsistent with the light curve ephemeris,

as discussed by Bauer (1945). Note that the observed motion was previously measured by

Bauer (1945), and the maximum amplitude of this motion has changed noticeably since his

observations made in 1943. The bottom portion of the right panel in Figure 4.2 illustrates

the motion we see as a thick, hazy white line, while the historical orbital solution from Bauer

(1945) is overplotted as a solid, thin white line. Bauer used photographic plates to record

his spectra and obtain his measurements. Therefore when comparing his results to ours it

is important that we only focus on the very peak of our CCFs, since Bauer would have

measured the corresponding deep cores of the shell absorption lines. Bauer (1945) measured

a maximum velocity for the shell lines of approximately +20 km s� 1 in spectra obtained

in 1943. Additionally, he found that if one assumes an elliptical orbit and estimates the

longitude of periastron, the eclipse occurs almost a full day later than what is predicted.

This led Bauer to conclude that the motion of the shell lines is not connected to the orbital

motion of the binary. Approximately 80 years later, in spectra obtained between 2021 and

2023, we measure a peak radial velocity that is about 40 km s� 1 smaller at the same phase

of maximum motion. Only a weak excess in the red wing of the CCF reaches a velocity

comparable to that observed by Bauer. We suggest that the shell lines are not formed

within the inner binary, but form instead in a large CBD that is centered on the binary's

center of mass and partially obscures the stellar 
ux. The CBD gas motions are orthogonal

to the line of sight towards the binary, so no orbital motion is observed.
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4.3.2 Emission Lines

The second kind of feature that dominates the spectra of W Ser are strong emission lines.

The emission lines in the visible-band include H� � 4861, He I � 5875, H� � 6563, Ca II

� 8498, and P11� 8862 (among the Paschen H lines). The H� and Ca II lines appear to be

double peaked, indicating the presence of a large disk. Figure 4.3 shows a compilation of

the orbital variation diagrams for some of these lines. Neither the plot of H� nor Ca II show

radial velocity variations similar to what we would expect for binary motion. Therefore we

conclude from the lack of orbital motion that these lines are formed in the CBD. However,

we do see distinct changes in the lines that appear to depend on phase. For example, the

plot of H� shows an extended red wing at� = 0:0 and a slight excess in the blue wing

around � = 0:5 (discussed below in Section 4.5).

Additionally, the grayscale plot for He I � 5876 shows obvious complexity. The spectral

feature is occasionally double peaked (around� = 0:1 and � = 0:6) but most of the time it

only has a single peak. Even when only a single peak, there is signi�cant 
uctuation in the

strength and extent of the wings. In the next section, we discuss our method for obtaining

a radial velocity curve for the mass donor, which together with the mass ratio leads to an

estimated radial velocity curve for the mass gainer. The estimated radial velocity curve for

the mass gainer is overplotted on the gray-scale panel for HeI � 5876 as a solid black line. We

suggest that the similarities between the predicted radial velocity motion of the mass gainer

and the observed radial velocity motion of the HeI line at several orbital phases indicate

that the emission originates in the gas surrounding the mass gainer. We expect that the

mass gainer has reached a mass and temperature similar to that of a B-star, and its 
ux
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Figure 4.3 A composite of spectral features (top panels) and their associated gray-scale
diagrams (bottom panels) in the same format as Fig. 4.2. The normalized continuum sur-
rounding each spectral feature is shifted to the orbital phase of observation. Moving from
left to right, we include H� � 6563, HeI � 5876, CaII � 8498, and OI � 7775. Each pro�le is
rescaled to �t on the graph. The HeI � 5876 feature includes our estimated radial velocity
curve for the mass gainer overplotted on the grayscale diagram as a solid black line.

would heat the surrounding shell. Because this emission line is produced by hot gas, we can

safely assume that it does not form out in the CBD where the gas has a cooler temperature

than gas closer to the stars. This supports the idea that the HeI line originates in the heated

area surrounding the hot mass gainer.

We caution the reader on the appearance of enhanced emission lines at� = 0:0. This

is not physical, but is a result of the 
ux normalization process. During the eclipse, the

brighter star is eclipsed by the fainter star and the overall continuum 
ux from the system

decreases. By normalizing the continuum to unity, we arti�cially enhance any other 
ux

sources. This results in stronger emission pro�les as seen in Figure 4.3 around� = 0:0. This

enhanced emission at the eclipse phase is also seen in H
 � 4340 (left panel of Fig. 4.2).
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4.3.3 Donor Star Photospheric Lines

The mass transfer rate will peak when the stars attain their minimum separation and the

mass ratio reverses. By this stage, the donor star will have a cooler surface temperature

(see the predicted HRD track in Fig. 2 of G•otberg et al. 2018). This large di�erence in

temperature between the components is the reason for the contrast between the deep primary

eclipse and the hidden secondary eclipse (see Fig. 4.1).

Based on the predictions for the expected temperature of the mass donor, we selected a

model spectrum for the donor from the AMBRE/MARCS grid from the Pollux Synthetic

Stellar Spectra Database. The adopted parameters of the model for the donor areTe� =

5000 K, logg = 2:5, microturbulence = 1 km s� 1, and solar abundances. The model was

subsequently rebinned onto the observed wavelength grid. We then compared the model to

the observed spectrum obtained during primary eclipse when the donor contributes relatively

more light.

Locating line features similar to those seen in the model proved challenging. This is

due to the overwhelming and consistent presence of the shell lines, the donor contributing

less light at shorter wavelengths, and the presence of emission and telluric lines at longer

wavelengths. We found that the 5550� 5630�A range is relatively free of shell lines, contains

no emission or telluric lines, and appears to show several prominent stellar lines (mostly

Fe I). There is a strong resemblance between the observed and model spectra in this region

(Fig. 4.4).

We expect the spectrum of the mass donor to be present also, although weaker, at other

orbital phases. Therefore, we calculated the CCFs of the observed and model spectra for the
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Figure 4.4 Top - Observed APO/ARCES spectrum of W Ser obtained near the primary
eclipse (HJD 2,459,364.830,� = 0:014) with identi�cations of several prominent lines.Lower
- MARCS model spectrum forTe� = 5000 K, rebinned to the observed wavelength, broadened
to the apparent projected rotational velocity of the donor star, shifted to the appropriate
radial velocity at this phase, and rescaled for additional continuum 
ux from the system.

region plotted in Figure 4.4 to determine radial velocities for the donor star. We succeeded in

�nding a measurable peak for each of our observations. We then �t a parabola to the peak of

each CCF to measure the radial velocity. These velocities and their estimated uncertainties

are provided in column 4 of Table 4.1 and are plotted in Figure 4.5. We �nd that the radial

velocities follow the expected motion of the mass donor (maximum positive redshift around

� = 0:25, and a maximum negative blueshift around� = 0:75).

The radial velocities for the donor were then used in thesbcm orbit �tting code from

Morbey & Brosterhus (1974) to make a restricted orbital �t. We assumed a circular orbit

with equal weights, and set the epoch and period using the light curve results (Section 4.2).

We �nd a systemic velocity of
 = � 27:2� 4:2 km s� 1, orbital semiamplitudeK d = 125:8� 6:9

km s� 1, and rms of �t = 13 :4 km s� 1. The residuals (O-C) of this �t are provided in the

�nal column of Table 4.1. Allowing the epoch and eccentricity to vary did not improve the
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Figure 4.5 Radial velocity CCF measurements (points) for the donor's spectral lines in the
region seen in Fig. 4.4, overplotted with a circular orbital �t (solid line) generated bysbcm
from Morbey & Brosterhus (1974).

results. The observed radial velocities and the model �t are shown in Figure 4.5. The scatter

observed is expected given the faintness and width of the lines we are measuring.

We expect the mass donor's absorption lines will be broadened due to synchronous rota-

tion with the orbit. However the complexity of W Ser's spectrum in addition to the shallow

nature of the donor's spectral features hindered our ability to measure rotational broadening

of individual lines. Instead, we �rst cross-correlated the model of the mass donor's spectral

features with the observed spectra. We measured the average Gaussian dispersion� for these

CCFs. Then we made a grid of model spectra that were rotationally broadened for a set of

assumedV sini values with an adopted limb darkening coe�cient of� = 0:68 (Wade & Rucin-

ski 1985). We then cross-correlated these broadened and limb-darkened models with that

for no rotation. We again measured the Gaussian dispersion� for each of the CCFs to form

the relationship between� and V sini . Finally, we used this relationship and the average

observed� to determine the projected rotational velocity of the donor:V sini = 59:6 � 6:4
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km s� 1. We will use this value in Section 4.5 to estimate the binary mass ratio.

A comparison of the line depths of the observed eclipse spectrum with the broadened

model spectrum revealed that the donor lines are weaker than expected due to the extra 
ux

within the system that will tend to reduce the contrast of the line depths. Assuming that

the model Te� is accurate, then a simple depth scaling indicates that the donor spectrum

is diluted by an additional continuum 
ux at 5600 �A that is approximately 1:9 times larger

than that of the donor. This dilution is more apparent in spectra obtained at out-of-eclipse

phases. This additional 
ux probably originates in the circumstellar disk surrounding the

mass gainer.

4.3.4 Doppler Tomography Search for Gainer Star Lines

The spectral lines of the mass gainer star have eluded observers in prior spectroscopic studies.

This is most likely due to the presence of an optically thick accretion torus that surrounds

the gainer and blocks the gainer's 
ux from our view. Nevertheless, the torus itself may

present its own unique spectral features that move with the same orbital velocity curve of

the underlying gainer star. For example, the presence of double-peaked emission lines with a

central absorption component is a common disk signature. These features may be relatively

weak. Therefore, in order to search for spectral lines associated with gas in the vicinity of

the gainer, we used a Doppler Tomography algorithm to reconstruct the spectral component

that displays the orbital Doppler shifts of the gainer (Bagnuolo et al. 1994). The main

spectral components of this system are the shell lines (Section 4.3.1), the mass donor's lines

(Section 4.3.3), and the lines produced by the mass gainer's circumstellar disk. The radial

velocities of the �rst two components were described above, but we also need to estimate the
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radial velocity curve of the mass gainer. We can make an initial estimate by assuming that

the motion of the mass gainer is opposite to that of the mass donor with a semiamplitude

that depends on the mass ratio. We argue in Section 4.5 that the mass ratio can be estimated

from the donor star's projected rotational velocity (V sin i ) and orbital semiamplitude (K ),

by assuming that the mass donor �lls its Roche lobe and rotates synchronously with the

orbit. This results in a mass ratio q = M (donor)=M(gainer) = 0:49 � 0:07. Thus, the

mass gainer's radial velocity curve is the mirror image of the donor's velocity curve with a

semiamplitudeK (gainer) = qK(donor). We will use this assumed velocity curve to run the

tomography algorithm to reconstruct all three spectral components: the shell, donor, and

gainer.

The observed spectra are mainly the sum of the stellar and torus components attenuated

by the CBD shell absorption. However for this application, we make the simplifying assump-

tion that the spectrum is represented by the sum of the shell, donor, and gainer components.

In order to avoid instances of strong shell lines reaching near zero 
ux, we added 1 to the

continuum of the observed spectra prior to running the algorithm, and then we renormalized

the derived reconstructed spectra by dividing by two. Half of the total 
ux in this repre-

sentation is assigned to the shell component while each stellar component is assigned one

quarter of the 
ux. This 
ux allocation is arbitrary and will only in
uence the apparent line

depths in the reconstructed spectra.

We then assigned a radial velocity curve to each of these components: the measured CCF

velocities for the shell component, the orbital �t velocities for the donor, and the adopted

anti-phase velocities for the gainer using the assumed mass ratio. We ran the tomography

algorithm for 100 iterations and a gain of 0:9 although the convergence of the solution is
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Figure 4.6 A section of the tomographic reconstructed spectra of the shell component (bot-
tom) and the gainer torus component (above, o�set by +1 for clarity) along with line identi�-
cations of the most prominent lines. An AMBRE/MARCS model spectrum forTe� = 8000 K
is included between these (o�set by +0:5). The absorption features for the gainer torus are
similar to those of a stellar spectrum that is hotter than that for the circumbinary disk
component.

insensitive to these choices. The reconstructed shell spectrum appears the same as observed

in the individual spectra (Fig. 4.6). The reconstructed donor star spectrum appears weak

and noisy, but does show the same absorption lines that are visible in the eclipse spectrum

(Fig. 4.4). The reconstructed gainer star spectrum is also weak, but there are a number of

features that do appear to be related to its circumstellar torus (Fig. 4.6, 4.7).

A number of narrow absorption lines are found in the reconstructed spectrum for the

mass gainer that may form in a pseudo-photosphere of the optically thick circumstellar

torus surrounding the gainer (Fig. 4.6). Also shown in Figure 4.6 is an AMBRE/MARCS

model spectrum forTe� = 8000 K, logg = 2:5, and solar metallicity that was rebinned to
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Figure 4.7 Several features in the reconstructed spectrum of the mass gainer star, with two
appearing disk-like. They are o�set for clarity by +1:2, +0:5, 0, and � 0:6 for H
 � 4340,
Fe II � 4924, SiII � 6371, and HeI � 6678, respectively. The latter two features appear weak
in the reconstructed spectra, so their normalized 
uxes are enlarged by factors of 5 and 4,
respectively. These features probably form in the torus surrounding the gainer star.
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the resolution and wavelength grid of the ARCES spectra. There are a number of lines in

common in all three spectra presented in Figure 4.6, however the relative line strengths di�er.

The model lines make a good match to the reconstructed gainer spectrum. The absorption

lines found in the reconstructed gainer spectrum appear similar to those for aTe� = 8000 K

star, while the CBD shell lines resemble those for aTe� = 6750 K star (Section 4.3.1). This

is consistent with the idea that the features associated with the mass gainer form in the

disk surrounding it, where the gas is heated to a hotter temperature than the gas in the

circumbinary disk.

Ak et al. (2007) found a number of lines in the spectrum of the mass gainer in the W Ser

system � Lyr that appear disk-like: central absorption bordered by emission wings. We

�nd a number of similar disk-related features in the reconstructed spectrum of the mass

gainer. Figure 4.7 shows a representative sample of these. H
 � 4340 shows a deep central

absorption with asymmetric emission wings. In individual spectra, this central absorption

forms extended absorption wings at� = 0:25 (blue wing) and� = 0:75 (red wing). Similar

features are seen in H� and Fe II �� 4924; 5018, although the FeII lines have smaller emission

wings. H� � 4861 and H� � 6563 have a much more complex appearance in the reconstructed

gainer spectrum, presumably due to orbital phase-related variations that are unrelated to

Keplerian motion. The SiII �� 6371; 6347 lines are both weak but show a trace of emission

wings similar to those seen in the stronger lines. Ak et al. (2007) found these SiII lines to

be associated with the torus surrounding the gainer in� Lyr.

Unlike the H-Balmer, FeII , and Si II features that have a morphology indicative of a disk,

the He I �� 6678; 5876 features appear to be single-peaked in the reconstructed spectrum.

This emission may originate from hot gas that is closer to the mass gainer and may be
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located in the inner part of the accretion torus surrounding the mass-gainer. In this case we

may be seeing the inner edge of the torus on the opposite side of the star. At this location

the local gas motion is primarily tangential to our line of sight, creating a single emission

peak. Some of these features are visible in both the individual spectra and the reconstructed

gainer spectrum (for example, H
 � 4340 and HeI � 5876). These similarities indicate that

these features are among the strongest examples of spectral lines that form in the accretion

torus surrounding the mass gainer.

4.4 CHARA Array Interferometry

Despite the long observational history of W Ser, no interferometric studies have been pub-

lished to date. This is an oversight, because interferometric data of W Ser o�er us the

best chance of resolving either the CBD or the inner binary itself. The successful resolution

of either component would allow us to improve greatly upon the current estimates of the

system's parameters and further our understanding of its rapid stage of evolution.

The Georgia State University Center for High Angular Resolution Astronomy (CHARA)

Array is the world's largest optical/near-IR interferometer with baselines ranging from 34 m

to 331 m (ten Brummelaar et al. 2005). It is composed of six 1-meter telescopes arranged in

a Y-shaped con�guration (ten Brummelaar et al. 2005; Schaefer et al. 2020) that provides

15 possible baselines and up to 10 possible closure phases. Our sample of interferometric

observations consists of four nights: 2021 July 28 (� = 0:18), 2023 July 26 (� = 0:53), 2023

July 27 (� = 0:60), and 2023 July 28 (� = 0:67). We used the MIRC-X beam combiner

(H -band) in all four observations plus the MYSTIC combiner (K -band) for the 2023 obser-

vations. The MIRC-X beam combiner (Anugu et al. 2020) combines the light from up to six
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telescopes across 8 spectral channels (in the prismR = 50 spectral mode). The MYSTIC

beam combiner (Monnier et al. 2018; Setterholm et al. 2023) combines the light from up to

six telescopes at low-resolution (the prismR = 49 spectral mode). MIRC-X and MYSTIC

are capable of operating simultaneously, allowing for increased sensitivity to di�erent por-

tions of the near-IR spectrum. A set of calibrator stars (Table 4.2) was also observed each

night.

Both the MIRC-X and MYSTIC data were reduced with the standard pipeline4 (Anugu

et al. 2020) (version 1:4:0) using the reduction manual written by J.-B. Le Bouquin and C.

L. Davies5. The pipeline produces OIFITS �les that contain both the squared visibilities

(V 2) and the closure phases (CP). The reduced data are then calibrated using the interactive

IDL calibration routine created by Dr. John Monnier. This utilizes speci�ed calibrator stars

selected before observing in order to estimate the instrumental transfer function and remove

it from the reduced data. Additionally, we calibrated our calibrators using one another to

check for binarity. We performed this check for every night in addition to searching the

JMMC Bad Calibrators catalogue6. Our calibrators were selected using JMMC's Search Cal

tool7 and the parameters used for calibration were obtained from Bourges et al. (2017). Ta-

ble 4.2 lists the date of observation, the HD name of the calibrator, its spectral classi�cation,

right ascension (RA) and declination (DEC), JohnsonH -band magnitude, JohnsonK -band

magnitude, the uniform disk diameter inH -band (UD(H )) and in K -band (UD(K )), and

the uncertainty in the uniform disk diameter (� (UDD)).

4https://gitlab.chara.gsu.edu/lebouquj/mircx_pipeline.git
5https://docs.google.com/document/d/1zenNelkhVGTlm1v1tFRvtnb8i0EghIAUeX9F3t5asYU/edit#

heading=h.tnf1bt8jyiiy
6https://www.jmmc.fr/badcal/
7http://www.jmmc.fr/search-cal

https://gitlab.chara.gsu.edu/lebouquj/mircx_pipeline.git
https://docs.google.com/document/d/1zenNelkhVGTlm1v1tFRvtnb8i0EghIAUeX9F3t5asYU/edit#heading=h.tnf1bt8jyiiy
https://docs.google.com/document/d/1zenNelkhVGTlm1v1tFRvtnb8i0EghIAUeX9F3t5asYU/edit#heading=h.tnf1bt8jyiiy
https://www.jmmc.fr/badcal/
http://www.jmmc.fr/search-cal
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Our observedV 2 and CP measurements are plotted as a function of spatial frequency

in the Appendix (Fig. ??). For most of our observations of W Ser, the visibilities are

unresolved,V 2 � 1, on all baselines except for a small apparent decrease in the longest

east-west baselines. Our best night of data is 2023 July 28, when our calculated orbital

phase corresponds to an approach towards maximum angular separation. On this night the

V 2 values obviously decrease to below 1 for most baselines and especially for the longer

east-west baselines.

4.4.1 Binary Fits

We began by running a basic grid search, binary �t for each night of interferometric data

from both MIRC-X and MYSTIC. The binary modeling code gridsearchwas developed by

Dr. Gail Schaefer8 and is described by Schaefer et al. (2016). It performs an adaptive grid

search for a range of separation in RA and DEC, both speci�ed by the user, and at each point

within this grid performs a Levenberg-Marquardt least-squares minimization using the IDL

routine mp�t 9 to calculate the� 2 for the model generated by that position in the grid. These

� 2 values are then compared and the RA and DEC position that produced the lowest� 2 is

passed to the user as the result. The program will generally �nd two best �t locations in the

grid, o�set by 180� on either side of the origin. This ambiguity is dependent on whether the

brighter or fainter star is adopted as the primary component of the binary. We will assume

that the brighter component placed at the origin is the gainer star and its circumstellar

8https://www.chara.gsu.edu/analysis-software/binary-grid-search
9http://cow.physics.wisc.edu/craigm/idl/idl.html

https://www.chara.gsu.edu/analysis-software/binary-grid-search
http://cow.physics.wisc.edu/∼ craigm/idl/idl.html
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Table 4.2: Calibrator Parameters

Date Name Spectral RA DEC H K UD(H ) UD(K ) � (LDD)
Class. (HH:MM:SS) (DD:MM:SS) (mag) (mag) (mas) (mas) (mas)

2021 Jul 28 HD 180876 M3 III 19:18:44 -12:39:37 4.38 4.16 1.012 1.035 0.088
2023 Jul 26 HD 189462 K3 III 20:00:36 -15:52:56 5.87 5.67 0.385 0.387 0.010
2023 Jul 27 HD 189462 � � � � � � � � � � � � � � � � � � � � � � � �
2023 Jul 28 HD 177238 K3 III 19:04:20 -12:33:44 5.41 5.13 0.514 0.517 0.014
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torus. Several plots that illustrate these �ts are included in the Appendix (Fig.??).

Although the binary is not fully resolved in any of our data, it is helpful to make simple

binary �ts in order to see if a change in the orbital separation is a viable explanation for

the changes between nights in our data. There are nine parameters that de�ne the �t:

the spatial o�set in RA and in DEC, the 
ux contributions from each star and from any

over-resolved background 
ux (all summing to unity), and the angular diameters and limb

darkening coe�cients of each star. The observations of W Ser only partially resolve the

source, so it is unrealistic to solve for all these parameters. Instead we decided to �x all the

parameters except the spatial o�sets to a default set of parameters in order to make a highly

constrained solution of the binary position only. We then tested how changes to the default

set of parameters a�ect the derived binary position.

The ratio of the 
ux contributions of the two components in the NIR is poorly known.

We found in Section 4.3.3 that the weak appearance of the donor star's absorption lines

indicated that there is about � 1:9 times more 
ux in the V-band than from the donor

star alone. However, this estimate was made for an eclipse-phase observation when other


ux sources are partially occulted. Furthermore, the estimate is based upon a comparison

to a model with an assumed temperature, and the depths of the model lines may not be

applicable if the donor's temperature di�ers from our estimate. Consequently, there is a large

uncertainty surrounding the donor's 
ux contribution in the NIR. We make the simplifying

assumptions that the extra 
ux implicated by the donor line depths can be assigned to the

gainer and its torus, that the continuum contribution of the CBD is minimal, and that the

V-band component 
ux ratio of f 2=f 1 = f (donor)=f (gainer) = 1=2 applies across the visible

and NIR bands.
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Initial �ts of the MIRC-X and MYSTIC V 2 data indicate that V 2(0) < 1 at zero spatial

frequency, meaning that there is a component of 
ux that is over-resolved (generally larger

than � 20 mas). The average value of third light 
ux that best �ts the decreasedV 2 at

spatial frequency zero isf 3 = 0:041� 0:019. We include this as part of the default parameter

set, and using the component 
ux ratio given above, the other 
ux components were assigned

f 1 = 0:64 (gainer) andf 2 = 0:32 (donor).

The �nal parameters to establish are the angular diameters of the components. Since

the binary separation is only partially resolved, we expect the smaller components, such as

the gainer, its surrounding torus, and the donor, to be unresolved. Nevertheless, their �nite

angular size does in
uence the �nal results. We used the projected torus and donor areas from

the ELC model (Section 4.5.3) and the Gaia EDR3 distance (Table 4.4) to �nd equivalent

angular diameters of� (1) = � (gainer) = 0:187 mas and� (2) = � (donor) = 0:156 mas.

The binary separation and position angle �ts resulting from the default set of parameters

are listed in the top part of Table 4.3. During the �tting process, we divided the wavelengths

in the OIFITS �les by systematic correction factors of 1.0054� 0.0006 for MIRC-X and

1:0067� 0:0007 for MYSTIC (J. D. Monnier, priv. comm.). We note that the separations

listed in Table 4.3 are below the formal resolution limits of both MIRC-X and MYSTIC. We

obtained reasonable �ts for all of the MIRC-X data, but the derived separation is signi�cantly

larger than the uncertainty for only the �nal night, 2023 July 28. The MYSTIC results were

unresolved except on the �nal night, and the derived separation and position angle are

consistent with those from MIRC-X. We next varied the parameters in the default set to

determine how the binary positions change for di�erent adopted values. These test results

were performed for the 2023 July 28 MIRC-X data, and the results are listed for comparison



123

in the lower rows of Table 4.3. The test results show that the �ts to the observed decline in

the V 2 curves are sensitive to the choice of adopted parameters that are highlighted in bold

face type. We found that the separation is dependent on three parameters: it increases as

the 
ux ratio f 2=f 1 decreases, the angular diameters decrease, or the third light decreases.

Thus, the derived binary separations are dependent on the choices for the parameter set.

We also explored �ts for uniform disk models, uniform elliptical disk models, elliptical

Gaussian spatial distributions, and simple image reconstructions (see Appendix Fig. A.1).

The size and orientation of the elongated ellipse models are consistent with the binary sep-

aration and position angle. While our resulting separations are below the formal resolution

limit, they do suggest that we are resolving the binary, and our best �t separations are

similar to the separation expected for the binary at the observed orbital phases. If the in-

terferometric measurements were resolving the CBD, then the spatial size would be much

larger than the binary dimensions. Finally, theV 2 data changes from unresolved to partially

resolved at an orbital phase that corresponds to the binary nearing maximum separation.

This supports our conclusion that we are beginning to resolve the binary.

4.4.2 Angular Orbit

Section 4.5 discusses our analysis of the ASAS light curve (Section 4.5.3) and our mass ratio

estimate (Section 4.5.2). This allows us to predict the angular size (dependent on the masses,

period, and distance) and projection (dependent on inclination) of the orbit of the binary.

The predicted values are an angular semimajor axis ofa" = 0 :294 mas and an inclination of

i = 75:� 8 (Table 4.4). We can use these results to obtain a preliminary angular orbit for
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Table 4.3: Interferometric Binary Fits

Date Orbital Beam f 1 f 2 f 3 � (1) � (2) Separation PA � 2
�

(HJD-2,400,000) Phase Comb. (mas) (mas) (mas) (deg)
59423.720 0:1817 MIRC-X 0:64 0:32 0:04 0:187 0:156 0:352� 0:137 90:9 � 0:7 0:570
60151.731 0:5272 MIRC-X 0:64 0:32 0:04 0:187 0:156 0:154� 0:058 296:4� 1:817
60152.697 0:5964 MIRC-X 0:64 0:32 0:04 0:187 0:156 0:183� 0:063 298:1 � 4:2 3:092
60153.698 0:6661 MIRC-X 0:64 0:32 0:04 0:187 0:156 0:256� 0:004 276:8 � 1:9 2:927

60153.698 0:6661 MYSTIC 0:64 0:32 0:04 0:187 0:156 0:242� 0:007 273:6 � 4:6 0:953

60153.698 0:6661 MIRC-X 0.80 0.16 0:04 0:187 0:156 0:319� 0:006 277:8 � 2:2 2:905

60153.698 0:6661 MIRC-X 0:64 0:32 0:04 0.000 0.000 0:272� 0:004 274:6 � 1:8 3:402

60153.698 0:6661 MIRC-X 0.67 0.33 0.00 0:187 0:156 0:313� 0:006 282:5 � 1:9 8:189
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W Ser to compare with the interferometric results (Table 4.3). This comparison requires

determining the sense of motion and the orientation of the orbit in the sky. The 2023 MIRC-

X measurements indicate a progressive decrease in position angle with time. This indicates

a clockwise orbital motion that is associated with an inclination> 90� or i (CHARA) =

180� � i (ELC) = 104:� 2. The orientation of the orbit is set by the longitude of the ascending

node 
 (measured east from north in the sky). We used the IDL codenewt raph ell.pro10

described by Schaefer et al. (2016) to �t the MIRC-X positions by varying only 
 with all

of the other orbital elements �xed. The derived result is 
 = 86� � 6� , and the predicted

orbit is compared to the CHARA measurements in Figure 4.8. We �nd that the CHARA

measurements appear to be consistent with the predicted orbit, although we caution that

our measurements are sensitive to the adopted parameters used in the �ts (Table 4.3).

4.5 Discussion

4.5.1 Summary of the System Components

Here we review the observational results presented above that support the presence of three

main components in the binary: the accretion torus around the gainer, the photosphere of

the donor star, and an extended circumbinary disk. The component with the intrinsically

brightest 
ux is probably the hot mass gainer star, however most of its 
ux is blocked by a

surrounding optically thick accretion torus. The torus itself is probably the dominant 
ux

source across most of the visible and near-IR spectrum, and a tomographic reconstruction

of spectral features that share the orbital motion of the gainer shows evidence of absorption

lines that are formed in the pseudo-photosphere and emission lines formed in hotter regions

10https://www.chara.gsu.edu/analysis-software/orbfit-lib

https://www.chara.gsu.edu/analysis-software/orbfit-lib
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Figure 4.8 Estimated angular positions of the donor (fainter) relative to the gainer (placed at
the origin) from partially resolved interferometry with the CHARA Array. The black circles
show the measured positions from �ts of the visibility and closure phase (Table 4.3). The
surrounding red ellipses show the nominal error ellipses. The observations are connected to
X-symbols that show the predicted positions along the orbit (solid blue) determined from
the spectroscopic and light curve analyses and a �t for the longitude of the ascending node

.

of the torus (Section 4.3.4). Additionally, we identi�ed for the �rst time the photospheric

lines of the mass donor (Section 4.3.3). The line strengths of the donor vary with orbital

phase, and the lines are most visible during the primary eclipse. The associated velocity

curve (Fig. 4.5) indicates that the mass donor is the occulting object at primary eclipse.
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The donor is probably a cool star that �lls its Roche lobe and is actively transferring mass

to the region surrounding the mass gainer. The circumbinary disk (CBD) adds a background


ux and is responsible for the strong shell lines seen in the spectrum. The shell lines exhibit

little orbital motion (Fig. 4.2 and Table 4.1) because the Keplerian motions of the CBD are

mainly orthogonal to our line of sight and the resulting Doppler shifts are small. Below we

discuss the derivation of the component mass ratio (Section 4.5.2) and the orbital inclination

(Section 4.5.3) that we use to determine the masses and other parameters of the binary

(Section 4.5.4). We then present a conceptual model of the mass transfer and mass loss

from the binary (Section 4.5.5), and we discuss the spectroscopic evidence supporting the

existence of mass out
ow.

4.5.2 Mass Ratio Estimation

Although the velocity curve for the gainer is unavailable, we can estimate the mass ratio

indirectly (Gies & Bolton 1986). If we assume that the donor is �lling its Roche lobe, then

the donor will be tidally locked with its companion and will rotate synchronously with the

orbit. The projected rotational velocity of the donor is then

Vd sini = !R d sini = !r L asini (4.4)

where ! is the orbital frequency, ! = 2�=P , Rd is the average radius of the donor,rL is

the fractional Roche lobe radius that depends on the mass ratioq = M (donor)=M(gainer)

(from Eggleton 1983),a is the binary semimajor axis, andi is the orbital and rotational

axis inclination. If we compare equation 4.4 to the measured semiamplitude of the donor's

orbital motion, K d = ( !a sini )=(1 + q), then their ratio is independent of inclination and
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depends only on the mass ratio:

Vd sini
K d

= (1 + q)rL (q): (4.5)

Using Vd sini and K d from Section 4.3.3, we derive a mass ratioq = 0:49 � 0:07. This

indicates that the donor has transferred most of its mass to the mass-gainer. This mass

ratio inversion from q > 1 to q < 1 is consistent with an increasing orbital period (Erdem

& •Ozt•urk 2014). We used this value ofq in Section 4.3.4 to estimate the velocity curve of

the gainer and make a tomographic reconstruction of spectral features associated with the

motion of the gainer.

4.5.3 Preliminary Light Curve Analysis

In order to determine individual masses from the mass ratio and the mass function (from

the radial velocity curve of the donor), we need to estimate the orbital inclination of the

system. We expecti � 80� from the extreme depth of the primary eclipse (Guinan 1989).

We made preliminary �ts of the V-band light curve from ASAS (Fig. 4.1) using theELC

code described by Orosz & Hauschildt (2000). We limited these �ts by setting all but a few

parameters in the light curve model. The parameters we �xed includeP, T, K d, q, e = 0,

and T(donor) = 5000 K. We additionally assumed that the donor �lls its Roche lobe, and

the radiative intensity has a Planck curve distribution.

For our �rst trial, we assumed that the gainer is a simple star with a typical B-type

star temperature of T(gainer) = 20000 K, and that there is no third light contributing to

the 
ux. This leaves two parameters available for �tting: the �ll-out factor for the gainer

that is needed to match the eclipse duration (and determine gainer radiusRg), and the
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orbital inclination i that is varied to match the eclipse depth. Our results for this �t are

Rg = 13:5 R� and i = 75:� 6. The associated �t is overplotted as the solid line in Figure 4.1.

The secondary eclipse, which occurs when the donor is eclipsed by the gainer, is shallow due

to the relatively low temperature of the donor and its low surface intensity.

For our second trial, we noted that the large size of the gainer produced by the �rst

�t is unrealistic for a main sequence B-type star. We therefore reduced the size of the

gainer to a �xed Rg = 4:0 R� and introduced an optically thick disk surrounding the

gainer. This accretion torus is implemented inELC as a 
ared disk with a temperature that

decreases with distance from the gainer (Orosz & Bailyn 1997). The disk blocks 
ux from

all sources behind it, and adds 
ux according to the projection of the disk elements in the

sky, their temperature, and orientation to the line of sight. In general, this is seen as the

unocculted disk edge in front of the gainer star, and the opposite face of the disk projected

behind the star. The disk extends from the surface of the gainerR[torus](inner) = Rg to

R[torus](outer), which is predicted to be approximately half of the gainer's Roche radius (Lu

et al. 2023). The disk temperature is set to vary as/ (r=R[torus](inner)) � 0:425 from 13800 K

at R[torus](inner) to 8000 K at R[torus](outer). The outer disk temperature is the same as

the temperature associated with the model spectrum that matched the shell features in the

reconstructed spectrum for both the gainer and the torus (Section 4.3.4). The opening angle

of the upper disk rim was set to� rim = 25� . This parameter primarily controls the portion

of the photosphere of the gainer that is blocked from view by the disk. Most the gainer is

obscured from view for this disk 
are angle and the derived orbital inclination.

We are again left with two �tting parameters: R[torus](outer) which sets the duration of

the eclipse of the disk by the donor, andi which determines the eclipse depth. Our results
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for this second �t are i = 75:� 8, R[torus](outer)=(a rL (1=q)) = 0 :6, and R[torus](outer) =

14:3R� . This model is overplotted as the dotted line in Figure 4.1. Despite the di�erent

kinds of 
ux sources being occulted by the donor at primary eclipse, both light curve models

give reasonable �ts and both are associated with a similar inclination angle.

4.5.4 System Dimensions

We can now utilize the orbital mass function, the mass ratio, and the inclination from the

disk model of the light curve to obtain the individual masses of the binary. These masses

and other system parameters are presented in Table 4.4. The uncertainties for a number

of the results are not listed due to the inherent dependence on certain assumptions that

are di�cult to quantify (such as the Roche lobe �lling and synchronous rotation of the

donor). Table 4.4 lists the following: the orbital elements of period, time of primary eclipse,

the systemic velocity
 and semiamplitude of the donor's orbital motion, eccentricity, mass

function F(M ) = ( M 3
g sin3 i )=(M d + M g)2, the mass ratio obtained from the (Vd sini )=(K d)

ratio, the inclination obtained from ELC models of the ASAS light curve, the semimajor axis,

the masses, radii, adopted e�ective temperatures of the stars, the mass gainer's circumstellar

disk temperature range and radial and vertical dimensions, the Gaia EDR3 distance (Bailer-

Jones et al. 2021), and the estimated angular semimajor axis associated with this distance.

The �nal two rows give the longitude of the ascending node 
 and the orbital inclination for

clockwise motion in the sky that we derived from CHARA Array interferometric observations.

Figure 4.9 shows the relationship between the gainer and donor mass based upon the the

derived mass functionF(M ) and its uncertainty. The solid line tracks the relationship for

the inclination from the light curve analysis,i = 75:� 8, and the dot-dashed line shows that
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Table 4.4: System Parameters

Parameter Unit Value
P days 14:1787
T HJD-2,400,000 60002:678

 km s� 1 � 27� 4

K d km s� 1 126� 7
e � � � 0

F(M ) M � 2:9 � 0:5
q Md=Mg 0:49� 0:07

i (ELC) deg 75:8
a R� 54:0

M d M � 3:5
M g M � 7:2
Rd R� 17:2
Rg R� 4:0
Td kK 5
Tg kK 20

T[torus](outer) kK 8
T[torus](inner) kK 13:8
R[torus](outer) R� 14:3
R[torus](inner) R� 4:0
z[torus](outer) R� 6:7
z[torus](inner) R� 1:7

d pc 857
a" mas 0:294

 deg 86 � 6

i (CHARA) deg 104.2

for the minimum mass case ofi = 90� . The dashed diagonal line shows the mass ratio derived

from the (Vd sini )=Kd ratio. The best estimate of the masses occurs at the intersection of the

solid and dashed lines at a donor mass ofM d = 3:5M � and a gainer mass ofM g = 7:2M � .

These estimates are much larger than have been quoted in past studies (Erdem &•Ozt•urk

2014; Mennickent et al. 2016; Davidge 2023). The mass of the hidden gainer is comparable

to that of an early B-type star, which supports our assumption regarding the star's hot

temperature.
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Figure 4.9 Mass of the donor versus mass of the gainer based upon the donor star spec-
troscopic mass functionF(M ). The curved lines correspond to the best �t inclination of
i = 75:� 8 (solid line) and the lower limit for i = 90� (dash-dot line). The dotted lines rep-
resent the range given the uncertainty inF(M ). The dashed diagonal line indicates a mass
ratio of q = 0:49 � 0:07 (dotted lines for uncertainty). The intersection point of the solid
and dashed lines marks the best �t, and the gray shaded region indicates the error limited
range of solutions.

The CHARA Array interferometric measurements appear to con�rm the expectations

about the angular orbit from the semimajor axis, inclination, and distance as summarized

in Table 4.4 (Fig. 4.8). Because the binary is not fully resolved in the CHARAH -band

observations, the uncertainty in the angular semimajor axis is substantial and depends upon

assumptions made about the 
ux ratio, background 
ux, and component angular sizes.

However, the interferometry does provide �rst estimates about the orientation of the orbit in

the sky and evidence for a small 
ux component in the near-IR from an over-resolved source

(possibly the CBD).
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4.5.5 Mass Loss Model for W Ser

The results outlined above rely on the assumption that the donor star �lls its Roche lobe.

This is a secure assumption given the presence of circumstellar and circumbinary gas as

evidenced in the strong emission line spectrum, the lack of gainer star spectral features due

to a surrounding torus, and the deep shell lines formed in a CBD. The picture that emerges

is sketched out in the diagram in Figure 4.10. This portrayal depicts the approximate system

dimensions as viewed from above the orbital plane. The donor (right) �lls its Roche lobe

and over
owing gas forms a mass transfer stream towards the gainer (left). This gas stream

encounters a large and thick torus surrounding the gainer. The gainer itself is similar to a

main sequence star and is much smaller than its Roche lobe. We expect that the gainer has

been spun up by previous mass transfer to near critical rotation making it di�cult for the

gainer to accrete any additional gas from the surrounding torus. Consequently, the torus

acts as a holding zone for accreted gas until some of the material leaks out through the

outer L3 Lagrangian point on the opposite (left) side of the gainer. We see this out
ow best

when it is in the foreground around� = 0:5. Any gas lost through this Lagrangian point

gradually spirals outwards and merges into the CBD. The projection of the CBD against the

components of the binary produces the main shell spectrum that is observed.

Hydrodynamical simulations of gas 
ows in Roche-�lling binaries o�er some insights

about the mass transfer and mass loss processes. For example, Nazarenko et al. (2005)

present simulations in two and three dimensions of gas 
ows in massive Algol-type binaries,

and these account for gas cooling processes in systems of di�ering separation and gainer

radius. The general result is the presence of an out
owing and trailing gas stream that
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Figure 4.10 A graphical representation of the con�guration of W Ser as seen from above.
The mass donor is on the right and is �lling its Roche lobe. The mass gainer is on the
left and is surrounded by its accretion torus. The mass transfer stream lies between the
stars, and the center of mass is indicated by a tick mark. Material leaking out of the region
near the mass gainer forms a spiral structure starting at the L3 point. This spiral gradually
progresses outwards until it joins the circumbinary disk. The orbital phases for di�ering
view orientations are labelled on the periphery.

emerges in the vicinity of L3. Their example of a simulation of the RZ Sct system (see their

Fig. 3) may be relevant for the case of W Ser. In this model, the mass 
ow from the donor

to the gainer is de
ected by the dense torus around the gainer and into an axial out
ow

through L3. The gas is expected to be hot where the gas stream strikes the accretion disk,

while on the opposite side of the gainer near the L3 point, the gas is cooler, denser, and has

an outwards velocity. This gas out
ow forms a spiral structure that follows behind the mass

gainer and progresses outwards into the CBD.

There are a number of spectral features that provide clues about the L3 mass stream.
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Consider, for example, the very strong H� emission line shown in Figure 4.3. The H�

pro�le displays excess emission in the redshifted wing around� = 0:0. Half an orbit later

at � = 0:5, we see the opposite, a slight excess emission in the blueshifted wing. Both of

these extended wings appear to reach a velocity of approximately 200 km s� 1. This Doppler

shift is similar to that observed in the SiIV � 1400 feature at the same phases by Weiland

et al. (1995). The OI � 7775 line (Fig. 4.3) shows similar redshifted emission at� = 0:0, but

instead shows extended blueshifted absorption at� = 0:5 (suggesting gas projected against

a brighter background). These features are best explained as the result of an extended gas

out
ow near L3 that appears redshifted at� = 0:0 and blueshifted at� = 0:5 (see Fig. 4.10).

The gas stream crossing the gap between the stars has a similarly directed 
ow velocity, but

we doubt that this contributes signi�cantly to the observed pro�les at conjunctions because

that region is occulted by the donor and torus at� = 0:0 and � = 0:5, respectively.

We also see evidence of a greater velocity dispersion in features formed near L3 that may

re
ect increased gas pressure and turbulence in this vicinity. For example, we observe that

the individual absorption components of the OI � 7775 feature become much more blended

in spectra obtained around� = 0:5 (Fig. 4.3). Broadening of the absorption core around

� = 0:5 is also observed in the upper members of the Paschen series, such as P11� 8862. We

expect that most of the shell line formation occurs in the CBD, but it is possible that cooler

gas in the vicinity of L3 may also contribute. Recall that we observed the development of a

weak but extended red wing in the CCFs constructed from the shell lines that occurs after

� = 0:5 (Fig. 4.2). This variation was much more apparent 80 years ago when Bauer (1945)

obtained spectra of W Ser. We suggest that some of the cool gas near L3 that moves with the

gainer is projected against the torus to create shell features that share some of the motion
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of the gainer after the conjunction at� = 0:5.

The gas lost through the L3 region will accumulate in a large and probably vertically

extended circumbinary disk (CBD). The spectrum displays many disk-like but stationary

features that are probably formed in the large CBD. The H� , Ca II , and Fe II ions all

display double peaked emission. These lines form at di�erent temperatures that probably

correspond to the changing disk temperature over a range in radius (cooler at larger radius).

We see this re
ected in the separations of their emission peaks. The emission lines with

smaller peak separation, which tend to be weaker lines, form further out in the disk where

the gas is cooler (fainter) and moving slower. The outer regions of the CBD may be excellent

environments for the production of dust that can emit in the mid- and far-infrared (Geisel

1970). In fact, Davidge (2023) found mid-IR dust emission in the WISE W2 images of W Ser

that extends over 20 arcseconds from the star. The CBD represents the net gas lost and

funneled out through the L3 zone during the current phase of non-conservative mass transfer

and mass loss.

4.6 Conclusions

W Serpentis is a key example of how interacting binary stars are transformed during a

short but critical stage of intense mass transfer. The new spectroscopic and interferometric

observations presented here have led to the �rst detection of the mass donor. This has

allowed us to make estimates of the previously unknown system parameters. We �nd the

deepest absorption (shell) lines in the visible spectrum are formed in a dense circumbinary

disk. These lines show small radial velocity variations that are unrelated to orbital motion.

We have discovered a set of weak absorption lines that are associated with a cool temperature
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� 5000 K, whereas the strong shell lines are associated with a temperature closer to� 6750

K. These weak lines show the orbital velocity variations expected for the cool, mass donor

that eclipses the mass gainer at primary eclipse,� = 0:0. The donor star spectral lines

are rotationally broadened, and assuming the donor �lls its Roche lobe and is rotating

synchronously with the orbit, we use the ratio of its projected rotational velocity to the

orbital semiamplitude to derive a mass ratioM d=Mg = 0:49� 0:07.

We also �t the ASAS eclipsing light curve of W Ser by adopting all of the orbital and

physical properties of the components except for the inclination and radius of the gainer.

Two trial �ts were made by assuming �rst a large star for the gainer and then a smaller

gainer surrounded by a thick accretion disk. Both models yield an inclination ofi � 76� and

masses ofM d = 3:5M � and M g = 7:2M � . The binary orbital elements, mass estimates, and

Gaia EDR3 distance predict an angular orbit that appears to be consistent with the partial

angular resolution of the binary in CHARA Array interferometric measurements.

We did not detect any spectral features directly related to the gainer star. However,

we used a Doppler tomography algorithm to reconstruct the spectral lines of a component

with the predicted Doppler shifts of the gainer. This reconstructed spectrum is marked by

shell lines associated with a hotter plasma (� 8000 K) and by several emission features that

have a double-peaked structure that is associated with disks. We suggest that these spectral

features form in an optically thick accretion torus that surrounds the gainer and e�ectively

blocks it from view.

Many of the spectral lines show features of blue-shifted out
ow around� = 0:5 when the

mass gainer is in the foreground. We interpret these Doppler shifts as evidence of systemic

mass loss in the vicinity of the L3 Lagrangian point that feeds gas into a much larger CBD.
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Dust formation in the outskirts of the CBD forms a mid-infrared halo that is detected in

WISE observations (Davidge 2023). This indicates that much of the mass lost by the donor

escapes from the binary instead of being accreted by the gainer.

W Ser is at a key stage of systemic mass loss in its binary evolution. As the donor

is further stripped of its envelope, its tidal in
uence will wane, and large scale mass loss

through the L3 location may shut down (Lu et al. 2023). Depending on the outcome of this

mass transfer stage, we expect that the system will become a longer period binary consisting

of a rapidly rotating B-type star and a hot companion stripped of its envelope. Thus W Ser

is a probable progenitor of the Be + sdO binaries that have recently been detected through

FUV spectroscopy (Wang et al. 2021) and CHARA interferometry (Klement et al. 2024).
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CHAPTER 5

Summary

The purpose of this work was to study both the products of binary interaction and the

unstable period of binary evolution when mass transfer occurs. Here, we presented spectra

taken in both the UV, the visible, and the NIR for the two fastest rotating stars ever discov-

ered. We �nd that VFTS 102 shows no wind features, but does have a large circumstellar

disk, while VFTS 285 has no disk, but shows interesting wind features. We conclude that

VFTS 285 has a two-wind regime, with the slow, dense wind at the equator and a fast, sparse

wind at the poles. The latter is expected for O-type stars, while the former is the primary

means of angular momentum loss (see Chapter 2).

We then modelled the spectra of VFTS 102 and 285 in order to determine their stellar

parameters. We �nd that VFTS 102 is rotating at critical velocity (ve = 649 km s� 1) while

VFTS 285 is rotating slight below critical velocity (ve = 648 km s� 1). We determined the

radii, masses, and polar temperatures for both stars. For VFTS 102, we �ndRp=R� =

5:4 � 1:6, M=M � = 18 � 6, and Tp = 40100� 2800 K, and for VFTS 285, the parameters

are Rp=R� = 5:6 � 0:4, M=M � = 28 � 8, and Tp = 40200� 2700 K. We additionally �nd

that while both stars are enriched in He, VFTS 285 has an exceptionally large enrichment of

3:4� solar (VFTS 102 is 2:0� solar). Finally, we conclude that VFTS 285 is a runaway star

that was enriched and spun up through binary mass transfer before it was ejected when its

companion exploded in a supernova. The fast rotation of VFTS 102 is probably the result

of a merger event.

Next, we studied the nature of mass loss in the currently interacting binary W Serpentis

using spectroscopy and interferometry. We successfully identi�ed the spectral lines of the
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mass donor and measured their radial velocities. We also performed a Doppler tomography

reconstruction of spectral components. We adopted a radial velocity curve for the mass

gainer by using the mass ratio and the radial velocity curve measured for the donor. The

reconstructed spectrum associated with the gainer displays spectral features that probably

form in the optically thick torus that surrounds and obscures the gainer itself.

Interferometric observations from the CHARA Array partially resolve the components of

the binary. We ran a grid search binary �tting model for our interferometry data, and the

derived separations and position angles are consistent with the angular orbit predicted from

the spectroscopic and light curve analyses and the Gaia EDR3 distance.

We now have a much better understanding of the basic parameters of the W Ser binary

system. We calculated an updated orbital period of 14:1787 days, and derived individual

masses for the stars ofM d = 3:5M � and M g = 7:2M � , and an inclination of 104:� 2. The

CHARA interferometry indicates the presence of a faint and over-resolved third light source

that we associate with the circumbinary disk surrounding the system. The CBD contributes

about 4% of the total 
ux in the H - and K -bands, but emits a much larger fraction at longer

wavelengths. Additional high resolution observations will con�rm our detection of the binary,

while observations taken at shorter baselines and longer wavelengths are necessary to provide

more information about the CBD. The example of W Ser demonstrates that massive binaries

may lose a signi�cant fraction of their mass during the mass transfer stage. The stars and

their remnants will be smaller than predicted by models of conservative mass transfer, and

their surrounding environment will be shaped by the binary out
ows that occur during the

intense stages of mass transfer.
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CHAPTER 6

Future Work

6.1 High Angular Resolution Observations of Rapid Rotators

CHARA has previously been utilized to study a number of rapidly rotating stars. For

instance, McAlister et al. (2005) obtained K-band observations of the B7 V (Johnson &

Morgan 1953) or B8 IVn (Gray et al. 2003) star Regulus and found the �rst interferometric

evidence for gravity darkening in rapidly rotating stars. This was followed by Zhao et al.

(2009), who imaged and modelled the rapid rotators� Cephei and � Ophiuchi. They

were able to measure the inclinations, polar and equatorial temperatures, fractional rotation

speeds, true e�ective temperatures, masses, and ages. They additionally investigated the

e�ect of gravity darkening on the measured inclination, which was an important factor in

our Chapter 3 investigation. Finally, they produced image reconstructions for the systems

(see their Fig. 2). Additionally, Che et al. (2011) imaged a number of rapidly rotating stars

including � Cassiopeiae (F2 IV) and� Leonis (Regulus). They estimated their masses and

ages, and produced image reconstructions of both stars (see their Fig. 4 for� Cas and their

Fig. 5 for � Leo). These studies illustrate the e�ectiveness of interferometric studies of

rapidly rotating stars.

The stars VFTS 102 and 285 discussed earlier in this work are located in the Large

Magellanic Cloud galaxy and are too distant to image with interferometry. However, a

closer Galactic rapid rotator is� Oph (see Chapter 3).� Oph has previously been observed

with CHARA by Gordon et al. (2018), who were successful in resolving the star. Their

measurements con�rm previous results that the star is oblate due to rapid rotation with
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a measured major axis of 0:56 mas and a minor axis of 0:48 mas. � Oph is one of the

closest rapid rotators in our galaxy. Additional interferometric observations would allow us

to test our predictions and models of the amount of rotational distortion, limb darkening,

and gravity darkening expected in this massive rapid rotator. We can accomplish this by

imaging the star at lower wavelengths (better resolving power) with MIRC-X in the J-band

and with SPICA in the R-band.

6.2 Mass Loss in W Serpentis

The analysis presented in this work indicates that the CHARA Array observations partially

resolved the inner binary of W Ser. However, additional observations are necessary in order

to con�rm this. We are currently scheduled to observe W Ser again with the CHARA

Array in 2024 August at approximate orbital phases 0:91, 0:12, 0:40, 0:54, 0:04, and 0:60.

This series of observations will hopefully con�rm the same pattern we observed in the 2023

data, where the visibilities were more resolved around the quadrature phases, 0:25 and 0:75.

Additionally, we plan on utilizing the new operational mode for MIRC-X for observations

in the J-band. By observing at a lower wavelength, we will have higher resolution, and so

should be able to resolve the binary more than we were able to with H-band data.

The spectroscopic data presented in Chapter 4 were limited to visible wavelengths. How-

ever, UV emission lines, such as NV, Si IV , C IV , C II , O III , Si III , and He II (Plavec

1981, 1982a,b, 1989; Sanad & Bobrowsky 2013; Weiland et al. 1995), have previously been

observed in W Ser. Additionally the continuum 
ux in the FUV appears to be elevated

(Deschamps et al. 2015; Weiland et al. 1995). These ultraviolet spectral features probably

originate in the hot gas surrounding the mass gainer. We plan to propose to observe W Ser
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using the NASA Hubble Space Telescope and the Cosmic Origins Spectrograph to obtain

high-resolution spectra for the 1360� 1775�A range. This will allow us to probe the dynamics

and composition of gas close to the gainer and explore the nature of any winds or out
ows

of hot gas.

Finally, the NASA Transiting Exoplanets Survey Satellite (TESS) is scheduled to observe

W Ser in the upcoming cycle (cycle 7, sectors 80, 91, 92). This will provide a new, high

cadence light curve for the system. Since a decade has passed since the last light curve was

obtained for W Ser, we will investigate what long-term changes have occurred and we will

search for the secondary eclipse. Additionally, by comparing the TESS observations from

di�erent temporal sectors and the ASAS light curve, we can begin to investigate the nature

of the stochastic variations that dominate the light curve outside of the eclipses.

6.3 The Serpentid Class

� Lyrae is the closest and most extensively studied Serpentid system. It is an interacting,

eclipsing binary in which the mass donor is �lling its Roche lobe and the gainer is embedded

in a thick accretion disk with bipolar jet-like structures (Zhao et al. 2008). Zhao et al. (2008)

successfully resolved the individual components and performed image reconstruction on the

inner binary of � Lyrae (see their Fig. 2) using CHARA Array interferometry. They were

able to measure the individual masses of the components, the 
ux ratio, the separation of

the components, and map the projected orbit of the binary. Mourard et al. (2018) also used

CHARA interferometric observations to create models of the accretion disk surrounding the

mass gainer. They were able to obtain estimates for the disk radius, thickness, inclination,

position angle, and an updated distance measurement. These studies exemplify the
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Table 6.1: Orbital Parameters for the Serpentid Sample

Target HD Period a" Epoch Epoch De�nition Reference
Name Number (days) (mas) (HJD)
W Ser HD 166126 14.17867 0.294 2460002.4583 Primary Minimum This work (Section 4.2)
� Sgr HD 166937 180.55 0.8 2457397.4 Periastron Johnson et al. (2018)
RY Scuti HD 169515 11.1 0.2 2452509.203 Primary Minimum Kreiner (2004)
V1429 Aquilae BD+14 3887 60.753 0.18 2454951.80 Periastron Richardson et al. (2016)
� Sgr HD 181615/181616 137.938 1.448 2419648.72 Max Radial Velocity Hack (1960)
V729 Cyg BD+40 4220 6.6 0.12 2452501.14 Primary Minimum Kreiner (2004)
V367 Cyg HD 198287/198288 18.59783 0.147 2436051.718 Primary Minimum Lloyd (2018)
14 Lac HD 216200 10.08 0.374 2441170.285 Primary mid-Eclipse Hill et al. (1997)
KX And HD 218393 38.9 0.283 2442675.2 Primary Minimum Taranova & Shenavrin (2005)
W Ser - a" = 0 :294 mas is the angular semimajor axis estimate from the derived masses and distance
� Sgr - Resolved,V 2 down to 0.3, possibly 4-star system
RY Scuti - 3 baselines resolved, the rest is unresolved, Contact binary, extended dust formation
V1429 Aquilae - Binary signatures resolved,V 2 starts at 0.6 indicating presence of f3, minimumV 2 is 0.25,

semi-detached binary, huge surrounding bipolar nebula
� Sgr - Disk signatures (V 2 starts at a lower value and increases),V 2 starts at 0.15 indicating f3 light, max V 2 is 0.45,

H-de�cient binary
V729 Cyg - binary signatures clearly visible, range from 0.2 to 1.0, initialV 2 at 0.4, de�nitely resolving the tertiary,

Lanthermann et al. (2023) found companions at 12:18 and 6:51 mas
V367 Cyg - Resolving an elliptical disk (twoV 2 slopes, one decreases faster than the other), initialV 2 at 1.0,

min V 2 at 0.2, expect large shell
14 Lac - Beginning to resolve something, initialV 2 at 0.8 and min V 2 at 0.4, might be resolving the binary
KX And - Resolving multiple components,V 2 starts at 1.0, one component is pretty much unresolved, another

decreases much faster and reachesV 2 of 0.0, before reaching 0.0, the slope splits and one baseline is
approximately 0.2 above the other, this split converges atV 2 0.0
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Figure 6.1 A grid of SEDs for our sample of Serpentid systems. Plus signs indicate down-
loaded SIMBAD/VizieR photometric 
uxes, and the solid line is our model binary �t. The
di�erence between the observed SED and the model indicates the presence of an IR-excess.
For instance, the IR-excess seen in� Sgr originates in the circumbinary disk gas surrounding
the inner binary.

usefulness of interferometric observations for probing the properties of the binary and the

accretion disk.

The next stage of our investigation is to apply the analysis we have done for W Ser to the

rest of our initial sample. Table 6.1 lists our sample of 9 stars and Figure 6.1 shows our SED

binary �ts for each of these systems. The number of observations we have already obtained

for each system are listed in Appendix Tables A.1 (CHARA) and A.2 (APO). We also have

some older CHARA MIRC data on several of these systems as well as VLTI/GRAVITY

observations of� Sgr and � Sgr. These stars all show signs of mass transfer and possible

mass loss into an extended circumbinary disk (CBD). We aim to determine which of these
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systems have a CBD and measure the size of the CBD for those that are resolved. A number

of these systems are estimated to have a binary separation that is smaller than the resolving

power of MIRC-X (H-band) or MYSTIC (K-band). However, since we were able to resolve

partially the binary in W Ser, we may be able to resolve the binaries or disks in other

systems. This project will determine the nature of CBDs in these systems, establish which

are actually Serpentids, and test the limits for the smallest binary separations that can be

detected with MIRC-X.

6.4 Importance for Astronomy

The e�ciency of mass transfer remains one of the main points of uncertainty in our knowledge

of binary evolution. It directly in
uences the possible outcomes of binary interaction and

therefore has an impact on the predicted populations of neutron stars and black holes.

By studying this sample of probable Serpentids, we can begin to probe the prevalence of

systemic mass loss during large-scale mass transfer. The number of systems we �nd that have

experienced mass loss will provide a foundation for additional studies, with the ultimate goal

of accurate predictions for the type and number of objects produced from binary evolution,

including massive white dwarfs, neutron stars, and black holes. Mass loss can also a�ect

whether the remnants produced at the end of binary evolution will remain in a binary,

be ejected as single objects, or will merge. This is especially important for understanding

the probability of creating a black hole merger event in the �nal stage of massive binary

evolution. We can accomplish these goals by producing updated estimates for the individual

parameters for each system, in particular the individual masses, and by studying the extent

of the mass loss into the surroundings. The �nal goal is to establish the current evolutionary
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phase that each system is experiencing. Gauging the fractional amount of mass lost at each

stage will help us understand the relationship between mass loss processes and the outcome

of further evolution.
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Appendices
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A Supplemental Tables and Figures

Figure A.1 MACIM image reconstructions of the three 2023 nights of CHARA MIRC-X data
for W Ser provided by Dr. John Monnier. Each image has 0:04 mas per pixel. These images
illustrate not only the change in PA we have referred to throughout this paper as possible
binary movement, but also how di�cult it is to resolve this system.
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Figure A.2 The CHARA Array data for W Ser are plotted as black points, while the best �t
result from gridsearchis overplotted in red. The visibilities are plotted in the left column,
the closure phases are plotted in the second column, the positions associated with the best �t
result from gridsearchare plotted in the third column (RA on the x-axis, and DEC on the y-
axis), and the spatial frequency (u; v) coverage is plotted in the fourth column. Since we �xed
the 
uxes of each component, the brighter component (not shown) is located at the origin
in the position diagrams, and the code generally �nds two solutions for the companion that
di�er by 180 � in position angle. The large red circle in the chi2 maps identi�es the solution
with the lowest chi2 and gives the preferred position angle of the fainter companion relative
to the brighter component. The �rst four rows show data from MIRC-X, and the bottow row
shows data from MYSTIC on the best night. From top to bottom, the data were obtained
on 2021 July 28, 2023 July 26, 2023 July 27, and 2023 July 28 (for MIRC-X and MYSTIC).
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Table A.1: Interferometric Observations with the CHARA Array

Target UT Date UT Time HJD Orbital Phase Calibrator Used

W Ser 2021 Jul 28 05:03:03 2459423.7105 0.1817 HD 180876
� � � 2023 Jul 26 05:18:43 2460151.7211 0.5272 HD 189462
� � � 2023 Jul 27 04:49:51 2460152.7012 0.5964 HD 189462
� � � 2023 Jul 28 04:33:38 2460153.6900 0.6661 HD 177238

� Sgr 2014 Jul 31 06:59:37 � � � � � � � � �
� � � 2016 Jun 18 07:07:16 � � � � � � � � �
� � � � � � 08:33:26 � � � � � � � � �
� � � 2016 Jun 19 06:58:24 � � � � � � � � �
� � � � � � 07:26:13 � � � � � � � � �
� � � 2016 Jul 16 05:08:27 � � � � � � � � �
� � � 2018 Jun 06 11:44:31 � � � � � � � � �
� � � � � � 12:02:23 � � � � � � � � �
� � � � � � 12:17:36 � � � � � � � � �
� � � 2021 Jul 24 04:57:49 2459419.7064 0.2008 HD 155846
� � � 2021 Jul 26 04:37:35 2459421.6925 0.2118 HD 180274

RY Scuti 2016 Jul 16 05:53:57 � � � � � � � � �
� � � 2019 Jun 24 07:19:34 � � � � � � � � �
� � � 2021 Jul 12 05:13:22 � � � � � � � � �
� � � 2022 Jun 30 06:28:59 � � � � � � � � �
� � � 2022 Jul 23 05:32:03 2459783.7297 0.3627 HD 186625
� � � 2022 Jul 25 05:26:37 2459785.7262 0.5426 HD 186625

V1429 Aquilae 2010 � � � � � � � � � � � �
� � � 2012 � � � � � � � � � � � �
� � � 2021 Jul 28 07:02:48 2459423.7919 0.6101 HD 190323
� � � 2023 Jul 27 06:27:47 2460152.7675 0.6084 HD 200547
� � � 2023 Jul 28 05:52:05 2460153.7428 0.6244 No Cal

� Sgr 2007 May 12 10:24:19 � � � � � � � � �
� � � � � � 10:30:32 � � � � � � � � �
� � � 2007 May 13 10:14:26 � � � � � � � � �
� � � � � � 10:33:01 � � � � � � � � �

Continued on next page
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Table A.1 { continued from previous page

Target UT Date UT Time HJD Orbital Phase Calibrator Used

� � � 2014 Jul 31 08:09:35 � � � � � � � � �
� � � 2016 Jun 18 10:43:26 � � � � � � � � �
� � � 2016 Jun 19 10:00:05 � � � � � � � � �
� � � � � � 10:32:56 � � � � � � � � �
� � � 2016 Jul 16 06:52:17 � � � � � � � � �
� � � � � � 07:57:47 � � � � � � � � �
� � � 2017 Jul 01 06:36:36 � � � � � � � � �
� � � � � � 07:02:30 � � � � � � � � �
� � � � � � 07:30:29 � � � � � � � � �
� � � � � � 07:59:38 � � � � � � � � �
� � � 2017 Aug 04 04:48:00 � � � � � � � � �
� � � � � � 04:55:15 � � � � � � � � �
� � � � � � 05:18:37 � � � � � � � � �
� � � 2017 Aug 05 04:11:00 � � � � � � � � �
� � � � � � 04:39:57 � � � � � � � � �
� � � � � � 05:04:57 � � � � � � � � �
� � � � � � 05:29:18 � � � � � � � � �
� � � 2018 Jun 18 10:32:24 � � � � � � � � �
� � � 2021 Jul 24 06:24:20 2459419.7649 0.3255 HD 169621
� � � 2023 Jul 25 05:56:57 2460150.7459 0.6248 HD 201351

V729 Cyg 2014 Jul 29 � � � � � � � � � � � �
� � � 2014 Jul 30 � � � � � � � � � � � �
� � � 2014 Aug 01 � � � � � � � � � � � �
� � � 2016 Jul 15 � � � � � � � � � � � �
� � � 2016 Jul 17 � � � � � � � � � � � �
� � � 2018 Jun 10 08:19:52 � � � � � � � � �
� � � 2019 Jun 23 09:24:17 � � � � � � � � �
� � � 2021 Jul 28 08:34:20 2459423.8546 0.8961 HD 199693
� � � 2021 Sep 14 05:54:25 2459471.7457 0.1523 HD 200031
� � � 2022 Jul 24 07:48:28 2459784.8226 0.5882 HD 204050
� � � 2022 Jul 25 08:00:03 2459785.8307 0.7410 HD 204050
� � � 2023 Jul 26 07:03:37 2460151.7915 0.1896 HD 199693
� � � 2023 Jul 27 08:09:55 2460152.8376 0.3481 HD 204050
� � � 2023 Jul 29 09:48:10 � � � � � � � � �
� � � � � � 09:48:13 � � � � � � � � �
� � � 2024 Jun 29 09:42:33 � � � � � � � � �
� � � 2024 Jun 29 09:42:36 � � � � � � � � �
� � � 2024 Jun 30 08:27:06 � � � � � � � � �

Continued on next page
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Table A.1 { continued from previous page

Target UT Date UT Time HJD Orbital Phase Calibrator Used

� � � 2024 Jun 30 08:27:07 � � � � � � � � �
� � � 2024 Jul 01 09:22:41 � � � � � � � � �
� � � 2024 Jul 01 09:22:39 � � � � � � � � �
� � � 2024 Jul 11 06:31:42 � � � � � � � � �
� � � 2024 Jul 11 06:31:41 � � � � � � � � �

V367 Cyg 2014 Aug 01 08:51:07 � � � � � � � � �
� � � � � � 09:14:54 � � � � � � � � �
� � � 2016 Jul 15 08:29:45 � � � � � � � � �
� � � 2016 Jul 17 08:02:53 � � � � � � � � �
� � � 2021 Jul 24 09:25:33 2459419.8897 0.4999 HD 196642
� � � 2021 Jul 28 09:47:54 2459423.9054 0.7158 HD 211645
� � � 2021 Sep 04 07:14:43 2459461.8007 0.7534 HD 190771
� � � 2022 Jul 23 08:51:13 2459783.8659 0.0708 HD 204050
� � � 2023 Jul 24 10:27:50 2460149.9330 0.7541 BD+46 3750
� � � 2023 Jul 25 08:13:27 2460150.8397 0.8028 BD+46 3750
� � � 2023 Jul 26 08:46:00 2460151.8623 0.8578 BD+46 3750
� � � 2023 Jul 27 09:38:54 2460152.8991 0.9136 BD+46 3750

14 Lac 2014 Jul 29 10:36:56 � � � � � � � � �
� � � 2014 Jul 30 11:46:02 � � � � � � � � �
� � � � � � 12:07:30 � � � � � � � � �
� � � 2014 Jul 31 10:18:05 � � � � � � � � �
� � � 2014 Aug 01 10:41:52 � � � � � � � � �
� � � 2015 Jul 30 12:12:10 � � � � � � � � �
� � � 2016 Jul 15 10:45:15 � � � � � � � � �
� � � 2021 Jul 24 10:46:42 2459419.9450 0.4821 HD 220575
� � � 2022 Jul 23 10:15:56 2459783.9237 0.5911 HD 224342
� � � 2022 Jul 24 09:02:33 2459784.8727 0.6852 HD 221293
� � � 2022 Jul 25 10:22:44 2459785.9284 0.7900 HD 224342

KX And 2014 Jul 29 12:07:33 � � � � � � � � �
� � � 2014 Jul 31 11:21:43 � � � � � � � � �
� � � � � � 11:41:37 � � � � � � � � �
� � � 2014 Aug 01 11:39:35 � � � � � � � � �
� � � 2015 Jul 26 08:33:15 � � � � � � � � �
� � � 2016 Jul 15 11:58:15 � � � � � � � � �

Continued on next page
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Table A.1 { continued from previous page

Target UT Date UT Time HJD Orbital Phase Calibrator Used

� � � 2021 Jul 24 12:03:33 2459419.9989 0.4575 HD 216206
� � � 2021 Jul 25 11:16:29 2459420.9662 0.4824 BD+49 3865
� � � 2021 Jul 28 11:07:19 2459423.9598 0.5593 HD 224870
� � � 2022 Jul 23 11:46:25 � � � � � � � � �
� � � � � � 11:46:27 � � � � � � � � �
� � � 2022 Jul 24 12:04:18 2459784.9994 0.8406 No Cal
� � � 2022 Jul 25 12:12:28 2459786.0051 0.8664 No Cal
� � � 2023 Jul 24 12:07:34 2460150.0017 0.2236 HD 225172
� � � 2023 Jul 25 11:31:27 2460150.9766 0.2487 HD 225172
� � � 2023 Jul 26 10:29:45 2460151.9337 0.2733 HD 225172
� � � 2023 Jul 27 10:53:06 2460152.9499 0.2994 HD 225172
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Table A.2: Spectroscopic Observations with APO/ARCES

Target UT Date UT Time HJD Orbital Period (d) Orbital Phase

W Ser 2021 May 02 10:52:28 2459336.9653 14.1787 0.0483
� � � 2021 May 24 07:15:22 2459358.8160 � � � 0.5894
� � � 2021 May 30 07:34:53 2459364.8298 � � � 0.0135
� � � 2021 Jul 14 03:51:45 2459409.6750 � � � 0.1764
� � � 2022 Jun 11 07:31:09 2459741.8275 � � � 0.6026
� � � 2023 Jun 03 07:39:22 2460098.8330 � � � 0.7816
� � � 2023 Jun 11 08:43:04 2460106.8775 � � � 0.3490
� � � 2023 Jun 13 09:24:42 2460108.9064 � � � 0.4921
� � � 2023 Sep 15 02:02:15 2460202.5941 � � � 0.0998
� � � 2023 Oct 06 01:31:21 2460223.5706 � � � 0.5792

� Sgr 2020 Jun 15 07:42:23 2459015.8172 180.55 0.9633
� � � 2020 Jun 29 07:35:40 2459029.8137 � � � 0.0408
� � � 2020 Aug 26 03:19:33 2459087.6413 � � � 0.3611
� � � 2021 May 02 11:20:33 2459336.9669 � � � 0.7420
� � � 2021 May 24 08:21:50 2459358.8433 � � � 0.8632
� � � 2021 May 30 07:28:57 2459364.8069 � � � 0.8962
� � � 2021 Jul 19 03:44:10 2459414.6547 � � � 0.1723
� � � 2022 Jun 11 07:58:37 2459741.8282 � � � 0.9844
� � � 2023 Jun 03 07:34:05 2460098.8106 � � � 0.9616
� � � 2023 Jun 11 08:37:15 2460106.8550 � � � 0.0061
� � � 2023 Jun 13 09:20:38 2460108.8853 � � � 0.0174

RY Scuti 2020 Jun 07 11:03:58 2459007.9566 11.1 0.4690
� � � 2020 Jun 15 07:47:25 2459015.8206 � � � 0.1775
� � � 2020 Aug 12 05:14:52 2459073.7198 � � � 0.3937
� � � 2020 Aug 26 02:45:44 2459087.6175 � � � 0.6457
� � � 2021 May 02 10:17:58 2459336.9236 � � � 0.1057
� � � 2021 May 24 07:46:41 2459358.8189 � � � 0.0783
� � � 2021 May 30 08:02:23 2459364.8300 � � � 0.6198
� � � 2022 Jun 11 08:06:23 2459741.8334 � � � 0.5841
� � � 2022 Sep 15 04:16:12 2459837.6819 � � � 0.2191
� � � 2023 Jun 11 09:14:09 2460106.8805 � � � 0.4712
� � � 2023 Jun 13 09:54:01 2460108.9083 � � � 0.6539

Continued on next page
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Table A.2 { continued from previous page

Target UT Date UT Time HJD Orbital Period (d) Orbital Phase

V1429 Aquilae 2022 Jun 10 07:24:38 2459740.8045 60.753 0.8283
� � � 2022 Jun 11 08:49:15 2459741.8632 � � � 0.8457
� � � 2023 Jun 03 08:50:28 2460098.8639 � � � 0.7220
� � � 2023 Jun 11 09:54:12 2460106.9083 � � � 0.8544

� Sgr 2020 Jun 07 08:01:50 2459007.8294 137.938 0.3391
� � � 2020 Jun 15 08:19:50 2459015.8422 � � � 0.3972
� � � 2020 Jun 29 07:40:12 2459029.8155 � � � 0.4985
� � � 2020 Aug 12 06:37:15 2459073.7757 � � � 0.8172
� � � 2020 Aug 26 03:43:23 2459087.6563 � � � 0.9178
� � � 2021 May 02 11:24:43 2459336.9701 � � � 0.7253
� � � 2021 May 24 08:28:26 2459358.8475 � � � 0.8839
� � � 2021 May 30 08:39:13 2459364.8551 � � � 0.9274
� � � 2022 Jun 11 08:39:01 2459741.8553 � � � 0.6606
� � � 2022 Sep 15 04:11:48 2459837.6778 � � � 0.3552
� � � 2023 Jun 03 08:13:27 2460098.8373 � � � 0.2485
� � � 2023 Jun 11 09:45:24 2460106.9014 � � � 0.3070

V729 Cyg 2020 Jun 29 09:36:03 2459029.8969 6.6 0.1889
� � � 2020 Aug 12 03:31:43 2459073.6450 � � � 0.8174
� � � 2020 Aug 26 06:53:39 2459087.7859 � � � 0.9600
� � � 2020 Dec 31 00:51:33 2459214.5390 � � � 0.1650
� � � 2021 Jan 02 00:56:07 2459216.5421 � � � 0.4685
� � � 2021 Nov 18 04:19:40 2459536.6829 � � � 0.9747
� � � 2021 Nov 20 03:09:49 2459538.6345 � � � 0.2704
� � � 2021 Nov 22 03:29:35 2459540.6483 � � � 0.5755
� � � 2021 Nov 26 02:07:15 2459544.5912 � � � 0.1729
� � � 2023 Jun 13 08:42:45 2460108.8600 � � � 0.6682

V367 Cyg 2020 Jun 29 09:27:54 2459029.8910 18.6 0.5281
� � � 2020 Aug 12 04:08:06 2459073.6700 � � � 0.8821
� � � 2020 Aug 26 06:46:17 2459087.7805 � � � 0.6408
� � � 2020 Dec 25 01:29:11 2459208.5654 � � � 0.1354
� � � 2020 Dec 31 01:22:01 2459214.5604 � � � 0.4577
� � � 2021 Jan 02 01:27:37 2459216.5643 � � � 0.5655

Continued on next page
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Table A.2 { continued from previous page

Target UT Date UT Time HJD Orbital Period (d) Orbital Phase

� � � 2021 Nov 22 03:20:48 2459540.6423 � � � 0.9910
� � � 2021 Nov 26 02:41:55 2459544.6154 � � � 0.2047
� � � 2022 Jun 10 09:33:56 2459740.8953 � � � 0.7586
� � � 2022 Sep 15 08:16:37 2459837.8443 � � � 0.9715
� � � 2022 Oct 04 07:32:09 2459856.8145 � � � 0.9915
� � � 2023 Jan 22 00:49:57 2459966.5378 � � � 0.8913
� � � 2023 Jun 30 05:24:53 2460125.7222 � � � 0.4506

14 Lac 2020 Jun 07 08:52:27 2459007.8673 10.08 0.6049
� � � 2020 Jun 15 09:35:19 2459015.8966 � � � 0.4015
� � � 2020 Aug 12 07:59:33 2459073.8290 � � � 0.1487
� � � 2020 Aug 26 04:59:23 2459087.7043 � � � 0.5252
� � � 2020 Dec 03 05:36:52 2459186.7362 � � � 0.3498
� � � 2020 Dec 25 02:11:56 2459208.5950 � � � 0.5184
� � � 2020 Dec 31 02:07:28 2459214.5921 � � � 0.1133
� � � 2021 Jan 02 02:01:45 2459216.5882 � � � 0.3114
� � � 2021 Nov 18 04:59:53 2459536.7096 � � � 0.0694
� � � 2021 Nov 20 03:53:16 2459538.6635 � � � 0.2633
� � � 2021 Nov 22 04:16:29 2459540.6797 � � � 0.4633
� � � 2022 Feb 15 01:14:38 2459625.5558 � � � 0.8835
� � � 2022 Jun 10 10:06:24 2459740.9185 � � � 0.3282
� � � 2022 Jun 11 10:46:22 2459741.9462 � � � 0.4302
� � � 2022 Sep 02 04:49:52 2459824.6979 � � � 0.6397
� � � 2022 Oct 04 08:05:40 2459856.8355 � � � 0.8279
� � � 2022 Oct 13 07:47:37 2459865.8236 � � � 0.7196
� � � 2022 Nov 26 03:30:17 2459909.6479 � � � 0.0673
� � � 2023 Jan 13 02:58:16 2459957.6278 � � � 0.8272
� � � 2023 Jan 22 01:59:50 2459966.5873 � � � 0.7160
� � � 2023 Jan 30 01:33:29 2459974.5691 � � � 0.5079
� � � 2023 Jun 03 10:16:42 2460098.9261 � � � 0.8449
� � � 2023 Jun 11 10:20:58 2460106.9286 � � � 0.6388

KX And 2020 Jun 07 09:46:38 2459007.9057 38.9 0.8626
� � � 2020 Jun 15 10:05:03 2459015.9180 � � � 0.0686
� � � 2020 Jun 29 09:05:31 2459029.8760 � � � 0.4274
� � � 2020 Aug 12 07:47:13 2459073.8208 � � � 0.5571

Continued on next page
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Table A.2 { continued from previous page

Target UT Date UT Time HJD Orbital Period (d) Orbital Phase

� � � 2020 Aug 26 05:21:21 2459087.7196 � � � 0.9144
� � � 2020 Dec 03 05:42:10 2459186.7391 � � � 0.4599
� � � 2020 Dec 25 03:41:04 2459208.6561 � � � 0.0233
� � � 2020 Dec 31 02:46:07 2459214.6182 � � � 0.1765
� � � 2021 Jan 24 02:40:26 2459238.6150 � � � 0.7934
� � � 2021 May 24 11:29:17 2459358.9778 � � � 0.8876
� � � 2021 May 30 10:42:08 2459364.9447 � � � 0.0410
� � � 2021 Nov 22 04:46:27 2459540.6997 � � � 0.5591
� � � 2021 Nov 26 03:59:25 2459544.6673 � � � 0.6611
� � � 2022 Feb 15 01:20:45 2459625.5598 � � � 0.7406
� � � 2022 Feb 19 01:15:03 2459629.5558 � � � 0.8433
� � � 2022 Jun 10 10:55:39 2459740.9535 � � � 0.7070
� � � 2022 Jun 11 11:17:46 2459741.9688 � � � 0.7331
� � � 2022 Sep 02 05:23:49 2459824.7215 � � � 0.8604
� � � 2022 Oct 04 08:38:49 2459856.8581 � � � 0.6866
� � � 2022 Oct 13 08:25:32 2459865.8494 � � � 0.9177
� � � 2023 Jan 13 03:05:20 2459957.6320 � � � 0.2772
� � � 2023 Jan 22 01:44:18 2459966.5760 � � � 0.5071
� � � 2023 Jan 30 01:38:25 2459974.5720 � � � 0.7126
� � � 2023 Jun 03 10:22:55 2460098.9312 � � � 0.9095
� � � 2023 Jun 11 10:26:14 2460106.9330 � � � 0.1152
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B Tips for Observing and Working with CHARA Data

The CHARA team have put together a very helpful step by step guide to observing. Follow

that and you should be okay. Just a few tips are listed below to emphasize as you are

preparing, observing, and working with the data. These are from my own experiences.

ˆ Make sure you check the name of the star the telescopes are pointed at before beginning

to collect data EVERY TIME. The one time you forget to check is the one time they

will be on the wrong star. I would have had an additional observation for W Ser if I

had done this.

ˆ Dr. Gail Schaefer kindly helped me repeatedly with reducing the MIRC-X and MYS-

TIC data from CHARA. The basic reduction command sets the thresholds too high for

MIRC-X and MYSTIC data, and so I ended up losing a lot of useful data. The settings

she suggested I use are as follows: {
ux-threshold=5 {max-integration-time-oi�ts=30

{bbias=TRUE {ncoherent=5 {snr-threshold=3 {min-tracking-fraction=0.25

ˆ When choosing calibrators for your run, you have to balance a number of properties

such as nearby RA, DEC, magnitudes, and UD(H) (or UD(K)). I generally selected

my calibrators using JMMC's Search Cal program.

{ You need to choose calibrators that have a small UD.

{ The calibrator selection depending on the RA of the target. You should have two

calibrators that rise 1 hour before your science target, two calibrators that rise

at the same time as your object, and two calibrators that rise 1 hour after your

object.
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{ The DEC for each of your cals should be close to the DEC of your science target.

Your calibrators should all be within� 10� of the declination of your science target.

{ The magnitudes of your calibrators should be as close to the magnitude of your

science target as possible. If you have to choose a calibrator that has a larger

magnitude di�erence, double check that that magnitude is within the limit for

the instrument and dispersion grating you are using.

ˆ Once you have selected your calibrators, make sure to check them against JMMC's Bad

Cal catalogue. This is a user supported catalogue of calibrators that have turned out

to be binaries, variable systems, etc. If you �nd a bad calibrator, make sure to report

it to the catalogue for future observers. You can also check your calibrators against

the Kervella et al. (2019) catalog on Vizier. Stars that are possible binaries are 
agged

based on Hipparcos and Gaia astrometry. You should avoid stars with BinH= 1 and

BinG= 1 
ags. These are more likely to be a binary.

ˆ When calibrating your data, whether with the Python script or Dr. Monnier's IDL

code, you will be asked to provide the estimated UD and errors for your calibrators.

SearchCal does provide the estimated UD and eLDD, but do not use this error value.

Instead go to vizier and query the Bourges et al. 2017 catalogue (NASA ADS list-

ing here: https://ui.adsabs.harvard.edu/abs/2017yCat.2346....0B/abstract ,

and Catalogue here:https://cdsarc.cds.unistra.fr/viz-bin/cat/II/346 .) Use

these errors for your calibrations. Dr. Gail Schaefer also recommends that you use Dr.

Monnier's IDL calibration script instead of the Python script. It is more interactive

and it allows for deep cleaning of the data.
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C APO Reduction Guide

APO provides a very useful reduction guide written by Dr. Karen Kinemuchi. This is very

helpful, unless you are completely new to working with iraf (as I was when I started) and

do not know basic commands. Below I have included my expanded version of this reduction

guide as well as a new section at the end for troubleshooting errors I have encountered. This

is not an o�cial guide, merely a tool for anyone who wants to use it.

ARC Echelle Spectrograph (ARCES) Data Reduction Cookbook

Karen Kinemuchi (Contributors: Kathryn Lester, Katherine Shepard)

Apache Point Observatory, Sunspot, NM

Version 1.4 - April 2022

Notes:

ˆ Requires PyRAF, b/c cosmic ray removal does not work in IRAF.

ˆ Doesn't include a vhelio correction, which should be done later in IDL.

ˆ To see in image header in IRAF:

imhead star.�ts long+

ˆ To replace words in a list:

!sed \s/.�ts/.m.�ts/" �le1.in > �le2.in

ˆ Combine multiple exposures with scombine:

scombine HD109510B.*.�ts HD109510.190619.�ts
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ˆ Must run by hand once before using script in order to setup parameters

ˆ (epar) for each step... Will be saved for future use with script.

ˆ There is a debugging section at the end of this cookbook started by Katherine Shepard.

If you run into errors during the reduction process, feel free to add them to the section

so future users have an easier time with data reduction.

Setup:

ˆ copy \database" directory into working directory

ˆ copy \reduction script.cl" into working directory

ˆ edit script to use that night's �lenames and dates (see header)
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DISCLAIMER: \I have made this write up to reduce my raw spectra from the ARCES

spectrograph using IRAF/PyRAF. It is assumed the user of this cookbook is familiar with

the IRAF environment and the basic steps of data reduction for CCD images. If not, please

refer to the excellent manuals provided by the folks at IRAF1. My nomenclature for many

of the input and output �les were made to keep things simple and less confusing for me, and

my choices may not be the best for you.

A data reduction pipeline exists at NMSU Department of Astronomy. On the APO wiki, a

tar ball exists for the ARCES data reduction pipeline. Please contact Jean McKeever (email:

jeanm12@nmsu.edu) for any questions regarding the NMSU ARCES reduction pipeline.

If you use this manual for reducing data from other echelle spectrographs, please keep in

mind that Steps # 8, 9, 12, 14 are only for ARCES. Applying these steps may mess up your

spectra and your analysis.

Please visually inspect your data throughout the processing to make sure you are getting

things that are sensible. If not, step back and check if the previous task did not screw up or

introduce something wrong.

To use this cookbook, all IRAF tasks are in ALL CAPS for readability. I also provide

the parameters for many of the IRAF tasks for convenience, but the user is encouraged to

play around with some of the parameters to optimize the steps for their individual science.

Keep in mind, I do variable stars, so I have optimized the parameters for my science.

** Many of the tips and tricks for reducing ARCES data comes from the original data

reduction many written by Julie Thorburn. It is recommended that this document be �rst

1http://iraf.noao.edu/docs/spectra.html { A User's Guide to CCD Reductions with IRAF and A
Beginner's Guide to Using IRAF
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read before using this cookbook. You can download this manual from the APO wiki page

or from the APO website.

If you would like to cite this document in a publication, please cite Julie Thorburn's

ARCES data reduction document along with this cookbook. A footnote to the APO wiki

page should be su�cient, or an acknowledgement to the NMSU Astronomy Department for

providing these documents.

If you have any questions or suggestions, feel free to contact me: kinemuchi@apo.nmsu.edu

To get started, you will need to load the following IRAF packages: NOAO, IMRED,

CCDRED, ECHELLE, CRUTIL, ASTUTIL, IMAGES, IMGEOM, TWOD- SPEC, APEX-

TRACT, and ONEDSPEC

Also have a ds9 or saoimage window up to visually inspect all your data. " - from Karen

Kinemuchi's Original Reduction Guide

I have used the italicize function to indicate what text you should type into the terminal.

This text is always inside quotation marks. You do not need to type the quotation marks

into the terminal, only the command within them.
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A Pre-Check: Check if your �les have the header keyword LST.

Type \ vi �lename.xxxx.�ts " and expand the viewing box/terminal window until you can see

everything that's in the header. If you see a keyword titled \LST" with a time you can begin

data reduction. If not, go to the debugging section and follow the steps in item number 2.

This will add the LST keyword and the correct value for LST for your data. Then you may

proceed with the data reduction.

B Setting the DISPAXIS header. Set the header keyword DISPAXIS to equal
1 by using HEDIT.

hedit *.�ts dispaxis 1 add=yes verify=no show=yes update=yes

C First-pass cosmic ray removal.

Run COSMICRAYS for the �rst time on all the object and 
at �eld images. Be sure to

set 
uxratio=10.0 in this �rst pass. See the Thorburn manual (see note in the introduction

about this document) to get more details regarding this process of removing cosmic rays

from your 2-D images. The Input @-�le contains obj and blue/red 
at �eld images. Output

@-�les contain �les called CR1*.�ts

ˆ To load the cosmic rays function, �rst load the NOAO package by typing \noao",

then do the same with \imred", and \ crutil ". The whole path to COSMICRAYS is

NOAO.IMRED.CRUTIL.COSMICRAYS.

ˆ Then create a list of �ts �les by typing \ !ls *.�ts > cr1.in "

ˆ Edit this �le by typing \ vi cr1.in " and delete all bias �les in the list (you can quickly

do this by typing \dd" on each line you want to delete). When you are done press
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\esc" to exit editing mode, and then \shift + zz" to close the editing program.

ˆ Create a new list of what our output �les will be named by typing \!sed \s/.�ts/.cr1.�ts/"

cr1.in > cr1.out". This command takes the �le names from cr1.in and changes their

names to include \.cr1" in the name. We will use this command repeatedly throughout

this reduction.

Now type \epar cosmicrays" to begin editing the parameters.

epar cosmicrays

input = \ @cr1.in" List of images in which to detect cosmic rays

output = \ @cr1.out" List of cosmic ray replaced output images (optional)

(crmasks = \ ") List of bad pixel masks (optional)

(threshold = 50.0) Detection threshold above mean

(
uxratio = 10.0) Flux ratio threshold (in percent)

(npasses =20) Number of detection passes

(window = \ 5") Size of detection window

(interactive = no) Examine parameters interactively?

(train = no) Use training objects?

(objects = \") Cursor list of training objects

(save�le = \") File to save train objects

(plot�le = \") Plot �le

(graphics = \ stdgraph") Interactive graphics output device
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(cursor = \") Graphics cursor input

answer = \yes" Review parameters for a particular image?

(mode = \ ql")

Type \ cosmicrays" to run COSMICRAYS.

Once you've �nished editing the function using epar you can either press the \Save and

Quit" button and then run the function by typing the name in the terminal, or you can click

\Execute". This saves, quits, and executes the function without any additional input from

the user. Or, if neither button is visible, you can type \:q" which will save and exit the editor,

and then type the name of the function to run the function. If additional input lines pop up

in the window, you can simply type the input that is listed in the parenthesis. Cosmic ray

removal can be done in many di�erent ways. Another useful discussion of robustly removing

cosmic rays can be found in Pych (2003) (arXiv:astro-ph/0311290). This paper can be found

also on the APO wiki page.

D Creating the master bias.

Check if your biases have reasonable numbers by running IMSTAT and then make a master

bias frame. You should see the following text listed in the terminal after you type the IM-

STAT command.

imstat Bias*

# IMAGE NPIX MEAN STDDEV MIN MAX

bias.0001.�ts 4400704 1282. 7.136 1269. 4749.

bias.0002.�ts 4400704 1282. 6.011 1268. 4026.

bias.0003.�ts 4400704 1281. 5.942 1269. 4547.
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bias.0004.�ts 4400704 1282. 7.495 1268. 5047.

bias.0005.�ts 4400704 1282. 7.43 1269. 5770.

bias.0006.�ts 4400704 1282. 46.48 1270. 39423.

bias.0007.�ts 4400704 1282. 6.75 1268. 4577.

bias.0008.�ts 4400704 1282. 41.07 1269. 37410.

bias.0009.�ts 4400704 1281. 15.8 1269. 25718.

bias.0010.�ts 4400704 1282. 7.311 1269. 6800.

To make the master bias frame, use ZEROCOMBINE. The input @-�le contains all the

bias frame taken during the observing run. The output is masterbias.�ts. Visually inspect

this image to make sure no abnormal 2-d structure or other anomalies are seen.

ˆ ZEROCOMBINE is located inside NOAO.IMRED.CCDRED.ZEROCOMBINE, so you

need to load CCDRED in order to access ZEROCOMBINE.

ˆ Now create a list of the bias images by typing \!ls *Bias*.�ts > bias.in"

epar zerocombine

input = \ @bias.in" List of zero level images to combine

(output = \ masterbias.�ts") Output zero level name

(combine = \ average") Type of combine operation

(reject = \ avsigclip") Type of rejection

(ccdtype = \") CCD image type to combine

(process =no) Process images before combining?

(delete = no) Delete input images after combining?
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(clobber = no) Clobber existing output image?

(scale = \none") Image scaling

(statsec = \") Image section for computing statistics

(nlow = 0) minmax: Number of low pixels to reject

(nhigh = 1) minmax: Number of high pixels to reject

(nkeep = 1) Minimum to keep (pos) or maximum to reject (neg)

(mclip = yes) Use median in sigma clipping algorithms?

(lsigma = 3.0) Lower sigma clipping factor

(hsigma = 3.0) Upper sigma clipping factor

(rdnoise = \ 7") ccdclip: CCD readout noise (electrons)

(gain = \ 3.8") ccdclip: CCD gain (electrons/DN)

(snoise = \0.") ccdclip: Sensitivity noise (fraction)

(pclip = -0.5) pclip: Percentile clipping parameter

(blank = 0.0) Value if there are no pixels

(mode = \ ql")

Type \ zerocombine" to run ZEROCOMBINE.

E Bias subtract, bad pixel �x, and trim.

Run CCDPROC to perform the bias subtraction to the rest of the calibration and object

images. In addition to the bias subtraction, do the bad pixel mask correction and trimsec on

the arcs, objects, and 
ats. The input @-�les are called inprocobj, inprocarc, and inproc
at,

in my example. There are corresponding output @-�les and all the processed �les have a

pre�x \ .p".
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ˆ Note that the trim section is set to [200:1850, 1:2048] for 1x1 binned data.

ˆ For the bad pixel mask, you can create your own or use ones provided on the APO

wiki (�le \badpix.txt" located in the database folder).

ˆ In order to do this step you need to move the \badpix.txt" �le into your work folder.

ˆ CCDPROC is located within NOAO.IMRED.CCDRED.CCDPROC. You do not need

to load any additional packages.

ˆ Create a new list of output �le names by typing \!sed \s/.cr1.�ts/.p.�ts/" cr1.out >

ccdproc.out". The output �les for running this step will have a \ .p" in the name.

epar ccdproc

images = \@cr1.out" List of CCD images to correct

(output = \ @ccdproc.out") List of output CCD images

(ccdtype = \") CCD image type to correct

(max cache = 0) Maximum image caching memory (in Mbytes)

(noproc = no) List processing steps only?

(�xpix = yes) Fix bad CCD lines and columns?

(overscan = no) Apply overscan strip correction?

(trim = yes) Trim the image?

(zerocor = yes) Apply zero level correction?

(darkcor = no) Apply dark count correction?

(
atcor = no) Apply 
at �eld correction?
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(illumcor = no) Apply illumination correction?

(fringecor = no) Apply fringe correction?

(readcor = no) Convert zero level image to readout correction?

(scancor = no) Convert 
at �eld image to scan correction?

(readaxis = \ line") Read out axis (column|line)

(�x�le = \ badpix.txt") File describing the bad lines and columns

(biassec = \") Overscan strip image section

(trimsec = \ [200:1850,1:2048]") Trim data section

(zero = \ masterbias.�ts") Zero level calibration image

(dark = \") Dark count calibration image

(
at = \") Flat �eld images

(illum = \") Illumination correction images

(fringe = \") Fringe correction images

(minreplace = 1.0) Minimum 
at �eld value

(scantype = \ shortscan") Scan type (shortscan|longscan)

(nscan = 1) Number of short scan lines

(interactive = no) Fit overscan interactively?

(function = \ legendre") Fitting function

(order = 3) Number of polynomial terms or spline pieces

(sample = \ * ") Sample points to �t

(naverage = 1) Number of sample points to combine
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(niterate = 3) Number of rejection iterations

(low reject = 3.0) Low sigma rejection factor

(high reject = 3.0) High sigma rejection factor

(grow = 0.0) Rejection growing radius

(mode = \ ql")

Type \ ccdproc" to run CCDPROC.

F Second-pass cosmic ray removal.

Rerun COSMICRAYS on all the 
at �elds and object frames. This time set the parameter


uxratio to 10.95. Don't forget to modify the input and output @-�les, in case you do not

want to overwrite your �les! Using the example in my dataset, the input �les have the pre�x

\ .p" and the output �les will have the pre�x \ .cr2 ".

ˆ COSMICRAYS is located within NOAO.IMRED.CRUTIL.COSMICRAYS. You do not

need to load any additional packages.

ˆ Create a list of output �le names by typing \!sed \s/.p.�ts/.cr2.�ts/" ccdproc.out >

cr2.out". These output �les will have a \ .cr2 " in their name.

epar cosmicrays

input = \ @ccdproc.out" List of images in which to detect cosmic rays

output = \ @cr2.out" List of cosmic ray replaced output images (optional)

(crmasks = \") List of bad pixel masks (optional)

(threshold = 50.0) Detection threshold above mean
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(
uxratio = 10.95) Flux ratio threshold (in percent)

(npasses =20) Number of detection passes

(window = \ 5") Size of detection window

(interactive = no) Examine parameters interactively?

(train = no) Use training objects?

(objects = \") Cursor list of training objects

(save�le = \") File to save train objects

(plot�le = \") Plot �le

(graphics = \ stdgraph") Interactive graphics output device

(cursor = \") Graphics cursor input

answer = \yes" Review parameters for a particular image?

(mode = \ ql")

Type \ cosmicrays" to run COSMICRAYS.

G Create red and blue 
at �elds.

Create separate master red and blue 
at �eld frames using FLATCOMBINE. The input �les

are the 
at �elds that have been bias subtracted, trimsec'd, and cosmic ray cleaned twice.

In my example, the input �les have the pre�x \ .cr2 ". The output �les are \redFlat" and

\blueFlat". Please visually inspect the blue and red master 
ats.

ˆ Create a list of blue 
ats by typing \ !ls FlatBlue.*.cr2.�ts > blue
ats.list ".

ˆ Create a list of red 
ats by typing \ !ls FlatRed.*.cr2.�ts > red
ats.list ".
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epar 
atcombine

input = \ @blue
ats.list" List of 
at �eld images to combine

(output = \ masterblue.�ts") Output 
at �eld root name

(combine = \ median") Type of combine operation

(reject = \ avsigclip") Type of rejection

(ccdtype = \") CCD image type to combine

(process =no) Process images before combining?

(subsets = no) Combine images by subset parameter?

(delete = no) Delete input images after combining?

(clobber = no) Clobber existing output image?

(scale = \mode") Image scaling

(statsec = \") Image section for computing statistics

(nlow = 1) minmax: Number of low pixels to reject

(nhigh = 1) minmax: Number of high pixels to reject

(nkeep = 1) Minimum to keep (pos) or maximum to reject (neg)

(mclip = yes) Use median in sigma clipping algorithms?

(lsigma = 3.0) Lower sigma clipping factor

(hsigma = 3.0) Upper sigma clipping factor

(rdnoise = \ 0.") ccdclip: CCD readout noise (electrons)

(gain = \ 1.") ccdclip: CCD gain (electrons/DN)

(snoise = \0.") ccdclip: Sensitivity noise (fraction)

(pclip = -0.5) pclip: Percentile clipping parameter

(blank = 1.0) Value if there are no pixels



175

(mode = \ ql")

Type \ 
atcombine" to run FLATCOMBINE.

Do the above step again for your red 
ats.

H Create a combined 
at�eld.

Now we do some image arithmetic to create a super master 
at �eld. This super 
at �eld

combines the blue and red 
ats. The output �le is called \master
at.�ts". You must include

the spaces on either side of the divide sign in step two below.

At the IRAF prompt, do the following:

imarith masterblue.�ts + masterred.�ts junk

imarith junk = 2.0 master
at.�ts

imdel junk

Please visually inspect the master
at to make sure it looks okay. Figure C.1 below shows an

example of the red and blue 
at and a combined master \super 
at".

I ARCES SPECIFIC STEP: Magnify the combined 
at �eld.

Please refer to the Thorburn data reduction document regarding the magni�cation that

needs to be done on the ARCES data. The magni�cation process is speci�c to ARCES data

only.

We will �rst magnify the master 
at �eld we just created. To do this, we will use the IRAF

task MAGNIFY. In this example, the output �le is called \master
at.m.�ts".

ˆ MAGNIFY is located within IMAGES.IMGEOM.MAGNIFY. So we need to load IM-

AGES, and then IMGEOM in order to access it.
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Figure C.1 Upper left: Red master 
at. Note the re
ected light in this 
at �eld frame.
Upper right: Blue Master 
at. Lower: Combined master 
at (blue + red 
at �eld)

epar magnify

input = \ master
at.�ts " Input two dimensional images

output = \ master
at.m.�ts " Output magni�ed images

xmag = 1.0 X magni�cation factor

ymag = 4.0 Y magni�cation factor

(x1 = INDEF ) X window origin relative to input image

(x2 = INDEF ) X window end point relative to input image

(dx = INDEF ) X Pixel interval relative to input image
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(y1 = INDEF ) Y window origin relative to input image

(y2 = INDEF ) Y window end point relative to input image

(dy = INDEF ) Y Pixel interval relative to input image

(interpolatio = \ linear ") Interpolation type (nearest, linear, poly3,

poly5, spline3, sinc, lsinc, drizzle)

(boundary = \ nearest") Boundary extension type

(constant, nearest, re
ect, wrap)

(constant = 0.0) Boundary extension constant

(
uxconserve = yes) Preserve total image 
ux?

(log�le = \ STDOUT ") Log �le

(mode = \ ql")

Type \ magnify" to run MAGNIFY.

In your IRAF window, you will see output that looks something like this:

master
at.m.�ts

Magnify image master
at.�ts to image master
at.m.�ts

Interpolation is linear.

Boundary extension is nearest.

Output coordinates in terms of input coordinates:

x1=1. , x2=1651. , dx=1.

y1=1. , y2=2048. , dy=0.25
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You can check the dimension of your �le to see that it has indeed increased in size by using

IMHEAD:

imhead master
at.m.�ts

master
at.m.�ts [1651,8189][real]:

J ARCES SPECIFIC STEP: Modify CCDSEC headers.

To modify the FITS header to show this magni�cation, you must modify the header with

HEDIT.

epar hedit

images = \master
at.m.�ts " Images to be edited

�elds = \ CCDSEC" Fields to be edited

value = \ [200:1850,1:8189]" Value expression

(add = yes) Add rather than edit �elds

(addonly = yes) Add only if �eld does not exist

(delete = no) Delete rather than edit �elds

(verify = no) Verify each edit operation

(show = yes) Print record of each edit operation

(update = yes) Enable updating of the image header

(mode = \ ql")

Type \ hedit" to run HEDIT.



179

K Run APALL on the master 
at �eld.

To �nd the apertures (center, trace, and extract), we use the magni�ed 
at �eld. We use

the task APALL in the TWODSPEC or ECHELLE package. If you are using this cookbook

and want to save some time, we have determined an optimized aperture trace �le for the

ARCES data. Of course, you may rigorously determine this �le yourself if our �le does not

work for your science.

Instead of letting APALL create the \database" directory in your working directory, you

must make it yourself. Download the �le apechtrace130522 from the wiki page and place in

your newly created database directory. This trace �le was determined by J. McKeever of

NMSU.

ˆ For GSU observers - rather than downloading the database folder from the wiki page,

copy it from the previous APO Observer's working directory into your own.

ˆ APALL is located inside the TWODSPEC or ECHELLE packages. Load either of

these by typing their name in the terminal.

ˆ The extracted spectrum is called \master
at.m.ec.�ts".

epar apall

input = \ master
at.m.�ts " List of input images

(output = \ master
at.m.ec.�ts ") List of output spectra

(apertures = \") Apertures

(format = \ echelle") Extracted spectra format

(references = \echtrace130522") List of aperture reference images
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(pro�les = \") List of aperture pro�le images

(interactive = no) Run task interactively?

(�nd = no) Find apertures?

(recenter = yes) Recenter apertures?

(resize = yes) Resize apertures?

(edit = no) Edit apertures?

(trace = yes) Trace apertures?

(�ttrace = no) Fit the traced points interactively?

(extract = yes) Extract spectra?

(extras = no) Extract sky, sigma, etc.?

(review = no) Review extractions?

(line = INDEF ) Dispersion line

(nsum = 10) Number of dispersion lines to sum or median

# DEFAULT APERTURE PARAMETERS

(lower = -14.0) Lower aperture limit relative to center

(upper = 14.0) Upper aperture limit relative to center

(apidtable = \") Aperture ID table (optional)
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# DEFAULT BACKGROUND PARAMETERS

(b function = \ chebyshev") Background function

(b order = 2) Background function order

(b sample = \-22:-15,15:22") Background sample regions

(b naverage =-3) Background average or median

(b niterate = 3) Background rejection iterations

(b low reject = 3.0) Background lower rejection sigma

(b high rejec = 3.0) Background upper rejection sigma

(b grow = 0.0) Background rejection growing radius

# APERTURE CENTERING PARAMETERS

(width = 18.0) Pro�le centering width

(radius = 18.0) Pro�le centering radius

(threshold = 0.0) Detection threshold for pro�le centering

# AUTOMATIC FINDING AND ORDERING PARAMETERS

n�nd = \" Number of apertures to be found automatically

(minsep = 5.0) Minimum separation between spectra

(maxsep = 100000.0) Maximum separation between spectra

(order = \ increasing") Order of apertures
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# RECENTERING PARAMETERS

(aprecenter = \") Apertures for recentering calculation

(npeaks = INDEF ) Select brightest peaks

(shift = no) Use average shift instead of recentering?

# RESIZING PARAMETERS

(llimit = INDEF ) Lower aperture limit relative to center

(ulimit = INDEF ) Upper aperture limit relative to center

(ylevel = 0.05) Fraction of peak or intensity for automatic width

(peak = yes) Is ylevel a fraction of the peak?

(bkg = yes) Subtract background in automatic width?

(r grow = 0.0) Grow limits by this factor

(avglimits = no) Average limits over all apertures?

# TRACING PARAMETERS

(t nsum = 10) Number of dispersion lines to sum Tracing step

(t step = 10) Tracing step

(t nlost = 3) Number of consecutive times pro�le

is lost before quitting
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(t function = \ legendre") Trace �tting function

(t order = 10) Trace �tting function order

(t sample = \1:1651") Trace sample regions

(t naverage =1) Trace average or median

(t niterate = 0) Trace rejection iterations

(t low reject = 3.0) Trace lower rejection sigma

(t high rejec = 3.0) Trace upper rejection sigma

(t grow = 0.0) Trace rejection growing radius

# EXTRACTION PARAMETERS

(background = \ �t ") Background to subtract

(skybox = 1) Box car smoothing length for sky

(weights = \ variance") Extraction weights (none|variance)

(p�t = \ �t1d ") Pro�le �tting type (�t1d|�t2d)

(clean = yes) Detect and replace bad pixels?

(saturation = 35000.0) Saturation level

(readnoise = \RDNOISE") Read out noise sigma (photons)

(gain = \ GAIN ") Photon gain (photonsdata number)

(lsigma = 4.0) Lower rejection threshold

(usigma = 4.0) Upper rejection threshold

(nsubaps = 1) Number of subapertures per aperture

(mode = \ ql")
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Type \ apall" to run APALL.

L Normalize your extracted 
at �eld.

Next we normalize the extracted spectrum of the master 
at �eld with SFIT. This IRAF

task is located in the ONEDSPEC package. SFIT is located within the ONEDSPEC package

inside NOAO.

ˆ You need to load ONEDSPEC. The full path to SFIT is NOAO.ONEDSPEC.SFIT.

epar s�t

input = \ master
at.m.ec.�ts " Input images

output = \ master
at.norm.ec.�ts " Output images

(lines = \ * ") Image lines to be �t

(bands = \ 1") Image bands to be �t

(type = \ ratio ") Type of output

(replace = no) Replace rejected points by �t?

(wavescale =no) Scale the X axis with wavelength?

(logscale = no) Take the log (base 10) of both axes?

(override = yes) Override previously �t lines?

(listonly = no) List �t but don't modify any images?

(log�les = \ log�le ") List of log �les

(interactive = no) Set �tting parameters interactively?

(sample = \ * ") Sample points to use in �t

(naverage = -5) Number of points in sample averaging

(function = \ spline3") Fitting function
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(order = 9) Order of �tting function

(low reject = 3.5) Low rejection in sigma of �t

(high reject = 3.5) High rejection in sigma of �t

(niterate = 10) Number of rejection iterations

(grow = 1.0) Rejection growing radius in pixels

(markrej = yes) Mark rejected points?

(graphics = \ stdgraph") Graphics output device

(cursor = \") Graphics cursor input

ask = \ yes"

(mode = \ ql")

Type \ s�t " to run SFIT.

M Get rid of extreme values.

The following step is optional. If you want to view your normalized, extracted 1-D spectrum

of the master 
at �eld, you can adjust the y-axis range. To do this, you will use the IRAF

task IMREPLACE.

ˆ IMREPLACE is located in IMAGES.IMUTIL.IMREPLACE, so we need to load IMU-

TIL in order to access it.

For the upper values:

epar imreplace

images = \master
at.norm.ec.�ts " Images to be edited

value = 2.0 Replacement pixel value

(imaginary = 0.0) Imaginary component for complex
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(lower = 2.0) Lower limit of replacement window

(upper = INDEF ) Upper limit of replacement window

(radius = 0.0) Replacement radius

(mode = \ ql")

Type \ imreplace" to run IMREPLACE for the upper values.

For the lower range (and to avoid any extreme negative values):

epar imreplace

images = \master
at.norm.ec.�ts " Images to be edited

value = 0.5 Replacement pixel value

(imaginary = 0.0) Imaginary component for complex

(lower = INDEF ) Lower limit of replacement window

(upper = 0.5) Upper limit of replacement window

(radius = 0.0) Replacement radius

(mode = \ ql")

Type \ imreplace" to run IMREPLACE for the lower values.

N ARCES SPECIFIC STEP: Magnify your arc calibration �les.

Now we magnify the arc calibration images using the same procedure as we used for the

master 
at �eld. For the arcs, we create the input @-�le containing EchelleThAr.*.p.�ts �les

and the output @-�le has �le names with the pre�x \ .m".

ˆ MAGNIFY is located within IMAGES.IMGEOM.MAGNIFY. We do not need to load

any additional packages.
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ˆ Create a list of input arc calibration images (Thorium Argon Images) by typing \!ls

EchelleThAr.*.p.�ts > arcmag.in". This will use the Thorium Argon images with a

\ .p" in their names.

ˆ Create a list of output �le names by typing \!sed \s/.p.�ts/.m.�ts/" arcmag.in >

arcmag.out". These output �les will have a \ .m" appended to their �le name.

epar magnify

input = \ @arcmag.in" Input two dimensional images

output = \ @arcmag.out" Output magni�ed images

xmag = 1.0 X magni�cation factor

ymag = 4.0 Y magni�cation factor

(x1 = INDEF ) X window origin relative to input image

(x2 = INDEF ) X window end point relative to input image

(dx = INDEF ) X Pixel interval relative to input image

(y1 = INDEF ) Y window origin relative to input image

(y2 = INDEF ) Y window end point relative to input image

(dy = INDEF ) Y Pixel interval relative to input image

(interpolatio = \ linear ") Interpolation type(nearest, linear, poly3,

poly5, spline3, sinc, lsinc, drizzle)

(boundary = \ nearest") Boundary extension type

(constant, nearest, re
ect, wrap)

(constant = 0.0) Boundary extension constant

(
uxconserve = yes) Preserve total image 
ux?



188

(log�le = \ STDOUT ") Log �le

(mode = \ ql")

Type \ magnify" to run MAGNIFY.

Example output from IRAF:

EchelleThAr.0001.m.�ts

Magnify image EchelleThAr.0001.p.�ts to image EchelleThAr.0001.m.�ts.

Interpolation is linear.

Boundary extension is nearest.

Output coordinates in terms of input coordinates:

x1 = 1. , x2 = 1651. , dx = 1.

y1 = 1. , y2 = 2048. , dy = 0.25

EchelleThAr.0002.m.�ts

Magnify image EchelleThAr.0002.p.�ts to image EchelleThAr.0002.m.�ts.

Interpolation is linear.

Boundary extension is nearest.

Output coordinates in terms of input coordinates:

x1 = 1. , x2 = 1651. , dx = 1.

y1 = 1. , y2 = 2048. , dy = 0.25

As with the master 
at �eld, we must modify the CCDSEC header parameter in all the

magni�ed arc images. Use HEDIT to do this.
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epar hedit

images = \@arcmag.out" images to be edited

�elds = \ CCDSEC" �elds to be edited

value = \ [200:1850,1:8189]" value expression

(add = yes) add rather than edit �elds

(addonly = yes) add only if �eld does not exist

(delete = no) delete rather than edit �elds

(verify = no) verify each edit operation

(show = yes) print record of each edit operation

(update = yes) enable updating of the image header

(mode = \ ql")

Type \ hedit" to run HEDIT.

O Extract your arc calibration spectra with APALL.

Extract the spectra from the magni�ed arc images with APALL. Use your master 
at �eld

frame (unextracted) as your reference image. The extracted spectra of the arc images will

have the su�x \ *.ec.�ts ".

ˆ APALL is located within NOAO.IMRED.CCDRED.ECHELLE.APALL (or

NOAO.IMRED.CCDRED.TWODSPEC.APALL). You do not need to load any addi-

tional packages.

ˆ Create a list of output �le names by typing \!sed \s/.m.�ts/.m.ec.�ts/" arcmag.out >

arcextract.out". These output �les will have \ .m.ec." in their names.
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epar apall

input = \ @arcmag.out" List of input images

(output = \ @arcextract.out") List of output spectra

(apertures = \") Apertures

(format = \ echelle") Extracted spectra format

(references = \master
at.m.�ts ") List of aperture reference images

(pro�le = \") List of aperture pro�le images

(interactive = no) Run task interactively?

(�nd = no) Find apertures?

(recenter = no) Recenter apertures?

(resize = no) Resize apertures?

(edit = no) Edit apertures?

(trace = yes) Trace apertures?

(�ttrace = no) Fit the traced points interactively?

(extract = yes) Extract spectra?

(extras = no) Extract sky, sigma, etc.?

(review = no) Review extractions?

(line = INDEF ) Dispersion line

(nsum = 10) Number of dispersion lines to sum or median
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# DEFAULT APERTURE PARAMETERS

(lower = -14.0) Lower aperture limit relative to center

(upper = 14.0) Upper aperture limit relative to center

(apidtable = \") Aperture ID table (optional)

# DEFAULT BACKGROUND PARAMETERS

(b function = \ chebyshev") Background function

(b order = 2) Background function order

(b sample = \-22:-15,15:22") Background sample regions

(b naverage =-3) Background average or median

(b niterate = 3) Background rejection iterations

(b low reject = 3.0) Background lower rejection sigma

(b high rejec = 3.0) Background upper rejection sigma

(b grow = 0.0) Background rejection growing radius

# APERTURE CENTERING PARAMETERS

(width = 18.0) Pro�le centering width

(radius = 18.0) Pro�le centering radius

(threshold = 0.0) Detection threshold for pro�le centering
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# AUTOMATIC FINDING AND ORDERING PARAMETERS

n�nd = Number of apertures to be found automatically

(minsep = 5.0) Minimum separation between spectra

(maxsep = 100000.0) Maximum separation between spectra

(order = \ increasing") Order of apertures

# RECENTERING PARAMETERS

(aprecenter = \") Apertures for recentering calculation

(npeaks = INDEF ) Select brightest peaks

(shift = no) Use average shift instead of recentering?

# RESIZING PARAMETERS

(llimit = INDEF ) Lower aperture limit relative to center

(ulimit = INDEF ) Upper aperture limit relative to center

(ylevel = 0.05) Fraction of peak or intensity for automatic width

(peak = yes) Is ylevel a fraction of the peak?

(bkg = yes) Subtract background in automatic width?

(r grow = 0.0) Grow limits by this factor

(avglimits = no) Average limits over all apertures?
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# TRACING PARAMETERS

(t nsum = 10) Number of dispersion lines to sum

(t step = 10) Tracing step

(t nlost = 3) Number of consecutive times pro�le

is lost before quitting

(t function = \ legendre") Trace �tting function

(t order = 10) Trace �tting function order

(t sample = \1:1651") Trace sample regions

(t naverage =1) Trace average or median

(t niterate = 0) Trace rejection iterations

(t low reject = 3.0) Trace lower rejection sigma

(t high rejec = 3.0) Trace upper rejection sigma

(t grow = 0.0) Trace rejection growing radius

# EXTRACTION PARAMETERS

(background = \ �t ") Background to subtract

(skybox = 1) Box car smoothing length for sky

(weights = \ none") Extraction weights (none|variance)

(p�t = \ �t1d ") Pro�le �tting type (�t1d|�t2d)

(clean = yes) Detect and replace bad pixels?
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(saturation = 35000.0) Saturation level

(readnoise = \RDNOISE") Read out noise sigma (photons)

(gain = \ GAIN ") Photon gain (photons/data number)

(lsigma = 4.0) Lower rejection threshold

(usigma = 4.0) Upper rejection threshold

(nsubaps = 1) Number of subapertures per aperture

(mode = \ ql")

Type \ apall" to run APALL.

P ARCES SPECIFIC STEP: Magnify the object spectra.

Now we magnify the object images as we have done with the master 
at �eld and arc

images. The input �les are the \Obj*.cr2.�ts ", in this example, and the output �les are

called \Obj*.m.�ts ". Again, we utilize the @-�le for the input and output.

ˆ MAGNIFY is located within IMAGES.IMGEOM.MAGNIFY. We do not need to load

any additional packages.

ˆ Copy the stars from \cr2.out" to a new list called \objmag.in". Here stars means only

the object �le names. No Bias', Flats, or Thorium Argon lamp �les.

ˆ Create a new list of output �les by typing \ !sed \s/.cr2.�ts/.m.�ts/" objmag.in >

objmag.out". These output �les will have a \ .m" in the �le name.

epar magnify

input = \ @objmag.in" Input two dimensional images

output = \ @objmag.out" Output magni�ed images
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xmag = 1.0 X magni�cation factor

ymag = 4.0 Y magni�cation factor

(x1 = INDEF ) X window origin relative to input image

(x2 = INDEF ) X window end point relative to input image

(dx = INDEF ) X Pixel interval relative to input image

(y1 = INDEF ) Y window origin relative to input image

(y2 = INDEF ) Y window end point relative to input image

(dy = INDEF ) Y Pixel interval relative to input image

(interpolatio = \ linear ") Interpolation type(nearest, linear, poly3,

poly5, spline3, sinc, lsinc, drizzle)

(boundary = \ nearest") Boundary extension type

(constant, nearest, re
ect, wrap)

(constant = 0.0) Boundary extension constant

(
uxconserve = yes) Preserve total image 
ux?

(log�le = \ STDOUT ") Log �le

(mode = \ ql")

Type \ magnify" to run MAGNIFY.

Example IRAF output:

Obj.0001.m.�ts

Magnify image Obj.0001.cr2.�ts to image Obj.0001.m.�ts.

Interpolation is linear.

Boundary extension is nearest.
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Output coordinates in terms of input coordinates:

x1 = 1. , x2 = 1651. , dx = 1.

y1 = 1. , y2 = 2048. , dy = 0.25

And as before, we must modify the CCDSEC header parameter with HEDIT.

epar hedit

images = \@objmag.out" images to be edited

�elds = \ CCDSEC" �elds to be edited

value = \ [200:1850,1:8189]" value expression

(add = no) add rather than edit �elds

(addonly = no) add only if �eld does not exist

(delete = no) delete rather than edit �elds

(verify = no) verify each edit operation

(show = yes) print record of each edit operation

(update = yes) enable updating of the image header

(mode = \ ql")

Type \ hedit" to run HEDIT.

Q Create some dummy �les in /database with APALL.

To extract the 1-D spectra of the object images, we do this in two steps. First we create

empty entries in the database directory of your working data directory. We can do this with

APALL but turn o� all the subtasks for extraction. We want to correct for scatter light

separately, so we are essentially prepping the object �les to do this outside of APALL.
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ˆ APALL is located inside NOAO.IMRED.CCDRED.ECHELLE. We do not need to load

any additional packages.

ˆ Create a new list of output �les \!sed \s/.m.�ts/.m.ec.�ts/" objmag.out > objex-

tract.out ". These �les will have \ .m.ec" in the �le name.

epar apall

input = \ @objmag.out" List of input images

output = @objextract.out) List of output spectra

apertures = \") Apertures

(format = \ echelle") Extracted spectra format

(references = \master
at.m.�ts ") List of aperture reference images

(pro�les = \") List of aperture pro�le images

(interactive = no) Run task interactively?

(�nd = no) Find apertures?

(recenter = no) Recenter apertures?

(resize = no) Resize apertures?

(edit = no) Edit apertures?

(trace = no) Trace apertures?

(�ttrace = no) Fit the traced points interactively?

(extract = no) Extract spectra?

(extras = no) Extract sky, sigma, etc.?

(review = no) Review extractions?
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(line = INDEF ) Dispersion line

(nsum = 10) Number of dispersion lines to sum or median

# DEFAULT APERTURE PARAMETERS

(lower = -14.0) Lower aperture limit relative to center

(upper = 14.0) Upper aperture limit relative to center

(apidtable = \") Aperture ID table (optional)

# DEFAULT BACKGROUND PARAMETERS

(b function = \ chebyshev") Background function

(b order = 2) Background function order

(b sample = \-22:-15,15:22") Background sample regions

(b naverage =-3) Background average or median

(b niterate = 3) Background rejection iterations

(b low reject = 3.0) Background lower rejection sigma

(b high rejec = 3.0) Background upper rejection sigma

(b grow = 0.0) Background rejection growing radius

# APERTURE CENTERING PARAMETERS
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(width = 18.0) Pro�le centering width

(radius = 18.0) Pro�le centering radius

(threshold = 0.0) Detection threshold for pro�le centering

# AUTOMATIC FINDING AND ORDERING PARAMETERS

n�nd = Number of apertures to be found automatically

(minsep = 5.0) Minimum separation between spectra

(maxsep = 100000.0) Maximum separation between spectra

(order = \ increasing") Order of apertures

# RECENTERING PARAMETERS

(aprecenter = \") Apertures for recentering calculation

(npeaks = INDEF ) Select brightest peaks

(shift = no) Use average shift instead of recentering?

# RESIZING PARAMETERS

(llimit = INDEF ) Lower aperture limit relative to center

(ulimit = INDEF ) Upper aperture limit relative to center

(ylevel = 0.05) Fraction of peak or intensity for automatic width
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(peak = yes) Is ylevel a fraction of the peak?

(bkg = yes) Subtract background in automatic width?

(r grow = 0.0) Grow limits by this factor

(avglimits = no) Average limits over all apertures?

# TRACING PARAMETERS

(t nsum = 10) Number of dispersion lines to sum

(t step = 10) Tracing step

(t nlost = 3) Number of consecutive times pro�le

is lost before quitting

(t function = \ legendre") Trace �tting function

(t order = 10) Trace �tting function order

(t sample = \1:1651") Trace sample regions

(t naverage =1) Trace average or median

(t niterate = 0) Trace rejection iterations

(t low reject = 3.0) Trace lower rejection sigma

(t high rejec = 3.0) Trace upper rejection sigma

(t grow = 0.0) Trace rejection growing radius

# EXTRACTION PARAMETERS

(background = \ �t ") Background to subtract
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(skybox = 1) Box car smoothing length for sky

(weights = \ variance") Extraction weights (none|variance)

(p�t = \ �t1d ") Pro�le �tting type (�t1d|�t2d)

(clean = yes) Detect and replace bad pixels?

(saturation = 35000.0) Saturation level

(readnoise = \RDNOISE") Read out noise sigma (photons)

(gain = \ GAIN ") Photon gain (photons/data number)

(lsigma = 4.0) Lower rejection threshold

(usigma = 4.0) Upper rejection threshold

(nsubaps = 1) Number of subapertures per aperture

(mode = \ ql")

Type \ apall" to run APALL.

R Scatter light correction.

To remove the scatter light, we use APSCATTER. First, we rename the data �les. At the

IRAF prompt, do the following:

\ !sed \s/.m.�ts/.ns.�ts/" objmag.out > scat.in"

\ imcopy @objmag.out @scat.in"

\ cp objmag.out scat.out"

In general, for the ARCES data, we do not need to do scatter correction. So you may stop

here and skip to step 17. However, if you decide you need to do scatter correction, then also

do the following steps.
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ˆ imdel @objmag.out

(Non-corrected �les = ns.�ts Scatter-corrected �les = m.�ts)

Don't worry, we will recreate the Obj*.m.�ts again.

Now we run APSCATTER. You may want to set APSCAT1 and APSCAT2 parameters

before running APSCATTER. You can set these subtasks within APSCATTER. The header

parameters \order", \low reject" and \high reject" values presented here were determined

by Doug Gies of Georgia State University.

epar apscat1

(apertur= )apscatter.apertures)> apall.apertures

(function = \ spline3") Fitting function

(order = 25) Order of �tting function

(sample = \ * ") Sample points to use in �t

(naverage = 1) Number of points in sample averaging

(low reject = 6.0) Low rejection in sigma of �t

(high reject = 1.5) High rejection in sigma of �t

(niterate = 5) Number of rejection iterations

(grow = 1.0) Rejection growing radius in pixels

(mode = \ ql")

epar apscat2

(function = \ spline3") Fitting function

(order = 5) Order of �tting function
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(sample = \ * ") Sample points to use in �t

(naverage = 1) Number of points in sample averaging

(low reject = 3.0) Low rejection in sigma of �t

(high reject = 3.0) High rejection in sigma of �t

(niterate = 2) Number of rejection iterations

(grow = 0.0) Rejection growing radius in pixels

(mode = \ ql")

epar apscatter

input = \ @scat.in" List of input images to subtract scattered light

output = \ @scat.out" List of output corrected images

(apertures = \") Apertures

(scatter = \") List of scattered light images (optional)

(references = \@scat.out") List of aperture reference images

(interactive = no) Run task interactively?

(�nd = no) Find apertures?

(recenter = no) Recenter apertures?

(resize = no) Resize apertures?

(edit = no) Edit apertures?

(trace = no) Trace apertures?

(�ttrace = no) Fit the traced points interactively?

(subtract = yes) Subtract scattered light?
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(smooth = yes) Smooth scattered light along the dispersion?

(�tscatter = yes) Fit scattered light interactively?

(�tsmooth = yes) Smooth the scattered light interactively?

(line = INDEF ) Dispersion line

(nsum = -10) Number of dispersion lines to sum or median

(bu�er = 0.4) Bu�er distance from apertures

(apscat1 = \") Fitting parameters across the dispersion

(apscat2 = \") Fitting parameters along the dispersion

(mode = \ ql")

Type \ apscatter" to run APSCATTER.

S Extract object spectra with APALL.

After correcting for the scattered light, we can �nish the process of extracting the 1-D spectra

of your object spectra. Again we use APALL. The input �le contains all the Obj*.m.�ts �les

and the output �le contains �les with the extra extension of \*.ec.�ts " (i.e. Obj*.m.ec.�ts).

ˆ Create a new list of input �les by typing \ !sed \s/.m.�ts/.m.ec.�ts/" objmag.out >

objextract.out". The output �les will have the extension \ .m.ec" in their �lename.

epar apall

input = \ @scat.out" List of input images

(output = \ @objextract.out") List of output spectra

(apertures = \") Apertures

(format = \ echelle") Extracted spectra format
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(references = \master
at.m.�ts ") List of aperture reference images

(pro�les = \") List of aperture pro�le images

(interactive = no) Run task interactively?

(�nd = no) Find apertures?

(recenter = no) Recenter apertures?

(resize = no) Resize apertures?

(edit = no) Edit apertures?

(trace = no) Trace apertures?

(�ttrace = no) Fit the traced points interactively?

(extract = yes) Extract spectra?

(extras = no) Extract sky, sigma, etc.?

(review = no) Review extractions?

(line = INDEF ) Dispersion line

(nsum = 10) Number of dispersion lines to sum or median

# DEFAULT APERTURE PARAMETERS

(lower = -14.0) Lower aperture limit relative to center

(upper = 14.0) Upper aperture limit relative to center

(apidtable = \") Aperture ID table (optional)
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# DEFAULT BACKGROUND PARAMETERS

(b function = \ chebyshev") Background function

(b order = 2) Background function order

(b sample = \-22:-15,15:22") Background sample regions

(b naverage =-3) Background average or median

(b niterate = 3) Background rejection iterations

(b low reject = 3.0) Background lower rejection sigma

(b high rejec = 3.0) Background upper rejection sigma

(b grow = 0.0) Background rejection growing radius

# APERTURE CENTERING PARAMETERS

(width = 18.0) Pro�le centering width

(radius = 18.0) Pro�le centering radius

(threshold = 0.0) Detection threshold for pro�le centering

# AUTOMATIC FINDING AND ORDERING PARAMETERS

n�nd = Number of apertures to be found automatically

(minsep = 5.0) Minimum separation between spectra

(maxsep = 100000.0) Maximum separation between spectra
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(order = \ increasing") Order of apertures

# RECENTERING PARAMETERS

(aprecenter = \") Apertures for recentering calculation

(npeaks = INDEF ) Select brightest peaks

(shift = no) Use average shift instead of recentering?

# RESIZING PARAMETERS

(llimit = INDEF ) Lower aperture limit relative to center

(ulimit = INDEF ) Upper aperture limit relative to center

(ylevel = 0.05) Fraction of peak or intensity for automatic width

(peak = yes) Is ylevel a fraction of the peak?

(bkg = yes) Subtract background in automatic width?

(r grow = 0.0) Grow limits by this factor

(avglimits = no) Average limits over all apertures?

# TRACING PARAMETERS

(t nsum = 10) Number of dispersion lines to sum

(t step = 10) Tracing step

(t nlost = 3) Number of consecutive times pro�le

is lost before quitting
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(t function = \ legendre") Trace �tting function

(t order = 10) Trace �tting function order

(t sample = \1:1651") Trace sample regions

(t naverage =1) Trace average or median

(t niterate = 0) Trace rejection iterations

(t low reject = 3.0) Trace lower rejection sigma

(t high rejec = 3.0) Trace upper rejection sigma

(t grow = 0.0) Trace rejection growing radius

# EXTRACTION PARAMETERS

(background = \ �t ") Background to subtract

(skybox = 1) Box car smoothing length for sky

(weights = \ variance") Extraction weights (none|variance)

(p�t = \ �t1d ") Pro�le �tting type (�t1d|�t2d)

(clean = yes) Detect and replace bad pixels?

(saturation = 35000.0) Saturation level

(readnoise = \RDNOISE") Read out noise sigma (photons)

(gain = \ GAIN ") Photon gain (photons/data number)

(lsigma = 4.0) Lower rejection threshold

(usigma = 4.0) Upper rejection threshold

(nsubaps = 1) Number of subapertures per aperture

(mode = \ ql")
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Type \ apall" to run APALL.

T Flat �eld your object spectra.

Flat �eld correct the 1-D object spectra with the 1-D, normalized master 
at �eld. Use

IMARITH to do this image arithmetic.

ˆ \ !sed \s/.m.ec.�ts/.mf.ec.�ts/" objextract.out > obj
atten.out "

ˆ \ imarith @objextract.out / master
at.norm.ec.�ts @obj
atten.out "

U Reidentify arc lines in your arcs.

To identify all the lines in the extracted arc spectra, we use ECREIDENTIFY. J. McKeever

has produced a reference �le which allows us to skip the ECIDENTIFY task. You may, of

course, create your own arc line identi�cation �le. To obtain the reference spectrum �le,

download arcnewref.ec from the APO wiki page. Create an @-�le for all the extracted arc

�les:

ˆ cp arcextract.out reid.in

ˆ ECREIDENTIFY is located within NOAO.IMRED.ECHELLE.ECREIDENTIFY. We

do not need to load any additional packages.

And now run ECREIDENTIFY:

epar ecreidentify

images = \@reid.in" Spectra to be reidenti�ed

reference = \arcnewref.ec" Reference spectrum

(shift = INDEF ) Shift to add to reference features
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(cradius = 2.0) Centering radius

(threshold = 50.0) Feature threshold for centering

(re�t = yes) Re�t coordinate function?

(database = \database") Database

(log�les = \ STDOUT,log�le ") List of log �les

(mode = \ ql")

Type \ ecreidentify" to run ECREIDENTIFY.

Here is example output from ECREIDENTIFY (where the \Found" column is the number

of emission lines found in your arcs, and a good RMS score should be between 0.01 and

0.02):

ECREIDENTIFY: NOAO/IRAF V2.14EXPORT

Reference image = arcnewref.ec, Re�t = yes

Image Found Fit Pix Shift User Shift Z Shift RMS
Marc.0001.ec 1214/1370 1214/1214 0.432 -3.19 -5.6E-6 0.0147
Marc.0002.ec 1242/1370 1242/1242 0.269 -2.00 -3.5E-6 0.014
Marc.0003.ec 1242/1370 1242/1242 0.225 -1.67 -3.0E-6 0.0161
Marc.0004.ec 1253/1370 1253/1253 -0.0131 0.0722 1.20E-7 0.0173
Marc.0005.ec 1225/1370 1225/1225 -0.0392 0.265 4.60E-7 0.0104
Marc.0006.ec 1250/1370 1250/1250 -0.159 1.14 2.00E-6 0.0153

V Assign corresponding arcs to your object spectra.

Run REFSPECTRA to assign the reference arc spectra to your object spectra. There are

di�erent ways to run this task. Here is an alternate way of running REFSPECTRA by

providing a list of reference spectra. The list will explicitly assign the spectra rather than

letting IRAF determine which arc spectra is appropriate based on time indices in the FITS
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headers. ARCES data do not have have the UTMIDDLE header parameter. You can also

calculate UTMIDDLE from a variety of IRAF tasks (see step 22 of this manual).

The input �le in this example, \ @wave.in" contains �les with the extracted spectra with the

pre�x \ .mf ".

ˆ cp obj
atten.out wave.in

** This will use LST to determine which arc was closest to object spectra. (no need for

referspec unless each obj has it's own arc.)

As of 03/04/2024 refspec no longer exists. However refspectra does and asks for

the same parameters.

epar refspectra

input = \ @wave.in" List of input spectra

(references = \@reid.in") List of reference spectra

(apertures = \") Input aperture selection list

(refaps = \") Reference aperture selection list

(ignoreaps = yes) Ignore input and reference apertures?

(select = \ nearest") Selection method for reference spectra

(sort = \ LST ") Sort key

(group = \") Group key

(time = yes) Is sort key a time?

(timewrap = 17.0) Time wrap point for time sorting

(override = yes) Override previous assignments?

(con�rm = no) Con�rm reference spectrum assignments?
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(assign = yes) Assign the reference spectra to the input spectrum?

(log�les = \ STDOUT,log�le ") List of log�les

(verbose = no) Verbose log output?

answer = \yes" Accept assignment?

(mode = \ al")

Type \ refspectra" to run REFSPECTRA.

Here is the output on screen from REFSPECTRA:

[FMobj.0001.ec] refspec1=`Marc.0001.ec 0.5'

[FMobj.0001.ec] refspec2=`Marc.0002.ec 0.5'

[FMobj.0002.ec] refspec1=`Marc.0003.ec 0.5'

[FMobj.0002.ec] refspec2=`Marc.0004.ec 0.5'

[FMobj.0003.ec] refspec1=`Marc.0005.ec 0.5'

[FMobj.0003.ec] refspec2=`Marc.0006.ec 0.5'

W Dispersion correction of your object spectra.

Calculate the dispersion correction by running DISPCOR. The input @-�le contains all the

normalized, extracted spectra (Obj*.fm.ec.�ts) and the output @-�le contains �les with the

pre�x \ .ex" (e.g. Obj.*.ex.ec.�ts).

ˆ Create a new a new list of input �les by typing \!sed \s/.mf.ec.�ts/.ex.ec.�ts/" wave.in

> dispcor.out". The output �les will have \ .ex.ec." in the �lename.
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epar dispcor

input = @wave.in List of input spectra

output = @dispcor.out List of output spectra

(linearize = no Linearize (interpolate) spectra?

(database = \database") Dispersion solution database

(table = \") Wavelength table for apertures

(w1 = INDEF ) Starting wavelength

(w2 = INDEF ) Ending wavelength

(dw = INDEF ) Wavelength interval per pixel

(nw = INDEF ) Number of output pixels

(log = yes Logarithmic wavelength scale?

(
ux = no) Conserve total 
ux?

(blank = 0.0) Output value of points not in input

(samedisp = no) Same dispersion in all apertures?

(global = no) Apply global defaults?

(ignoreaps = no) Ignore apertures?

(con�rm = no) Con�rm dispersion coordinates?

(listonly = no) List the dispersion coordinates only?

(verbose = yes) Print linear dispersion assignments?

(log�le = \") Log �le

(mode = \ ql")

Type \ dispcor" to run DISPCOR.
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X Fill your headers with some useful information.

The following steps are optional depending on if you want to include this information in the

headers. If you need it, you can run SETJD to assign the Julian date information into the

FITS headers. If you require the UTMIDDLE keyword to be in the headers, you can run

SETAIRMASS. SETJD and SETAIRMASS are located inside NOAO/ASTUTIL, so we will

need to load ASTUTIL.

epar setjd

images = \@dispcor.out" Images

(observatory = \) .observatory") Observatory of observation

(date = \ date-obs") Date of observation keyword

(time = \ ut ") Time of observation keyword

(exposure = \exptime") Exposure time keyword

(ra = \ ra") Right ascension (hours) keyword

(dec = \ dec") Declination (degrees) keyword

(epoch = \ equinox") Epoch (years) keyword

(jd = \ jd ") Output Julian date keyword

(hjd = \ hjd") Output Helocentric Julian date keyword

(ljd = \ ljd ") Output local Julian date keyword

(utdate = yes) Is observation date UT?

(uttime = yes) Is observation time UT?
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(listonly = no) List only without modifying images?

(mode = \ al")

Type \ setjd" to run SETJD.

Here is the output to the screen after running SETJD on your extracted object spectra.

# Image jd hjd ljd

# SETJD: Observatory parameters for Apache Point Observatory

# timezone = 7

EXobj.0001.ec.�ts 2456768.89360 2456768.89344 2456768

EXobj.0002.ec.�ts 2456768.94037 2456768.94087 2456768

EXobj.0003.ec.�ts 2456768.99016 2456768.98938 2456768

Quickly check your spectra to make sure they look okay at �rst glance. Here we'll plot

the order that contains H-Alpha. It should look relatively like a bell curve with various

stellar features along the line which will be slightly distorted in this view by the curve of the

Echelle order.

ˆ splot star.ex.ec.�ts

ˆ 33 (aperture 33= H alpha)

To obtain the UTMIDDLE parameter, you can run SETAIRMASS. I modi�ed certain

parameters that are read in by this IRAF task so that the original values are not overwritten

(i.e. \airmass2").
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epar setairmass

images = @dispcor.out Input images

(observatory = \ ) .observatory") Observatory for images

(intype = \ beginning") Input keyword time stamp

(outtype = \ e�ective ") Output airmass time stamp

(ra = \ ra") Right ascension keyword (hours)

(dec = \ dec") Declination keyword (degrees)

(equinox = \ equinox") Equinox keyword (years)

(st = \ LST ") Local siderial time keyword (hours)

(ut = \ date-obs") Universal time keyword (hours)

(date = \ date-obs") Observation date keyword

(exposure = \exptime") Exposure time keyword (seconds)

(airmass = \ airmass2") Airmass keyword (output)

(utmiddle = \ utmiddle") Mid-observation UT keyword (output)

(scale = 750.0) The atmospheric scale height

(show = yes) Print the airmasses and mid-UT?

(update = yes) Update the image header?

(override = yes) Override previous assignments?

(mode = \ al")

Type \ setairmass" to run SETAIRMASS.
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Some output to screen:

# Image UT middle e�ective begin middle end updated

# SETAIRMASS: Observatory parameters for Apache Point Observatory

# latitude = 32:46.8

test.ec 9:26:47.3 1.2267 1.2839 1.2249 1.1765 yes

Check your FITS headers to see if the header parameter UTMIDDLE has been created.

Y Debugging

1. If after installing pyraf you get an error along the lines of

Traceback (innermost last):

File \ < CL script CL1> ", line 1, in < module>

IrafError: Unde�ned variable `uparm' in string `uparm$/ imlhedit.par'

then do the following:

ˆ run \ mkiraf ", this makes a new login.cl �le

ˆ in the login.cl �le change \#set imtype \imh" " to \ set imtype \�ts" "

{ aka: get rid of # at beginning of line and change \imh" to \�ts"

2. If when running step 20, you're met with the error \LST is not a header keyword",

then your �le is missing the LST keyword. We can add it back in with some simple

calculations.

ˆ Make a list of all of your object and lamp �les (excluding biases, and 
ats) by

typing \ !ls *.�ts > objects.list".
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ˆ Open that �le in an editing program (ex. Type \vi objects.list" in the terminal)

and delete the biases, and 
ats (this includes the masterbiases and master
ats).

You can do this by typing \dd" on every line you wish to delete.

ˆ Exit the editor by typing \Shift ZZ".

ˆ Make a new list of values of the TAI (International Atomic Time) time reported

in the header using HEDIT.

epar hedit

images = @objects.list Images to be edited

�elds = \ DATE-OBS " Fields to be edited

value = * Value expression

(add = no) Add rather than edit �elds

(addonly = no) Add only if �eld does not exist

(delete = no) Delete rather than edit �elds

(verify = no) Verify each edit operation

(show = yes) Print record of each edit operation

(update = no) Enable updating of the image header

(mode = \ ql")

Type \ hedit > test.list". This will retrieve the information stored in DATE-OBS in

the headers and list it in the new �le, test.list.

ˆ Go into test.list using \vi" and edit the �le by typing \i".

{ Subtract 6 hours from the times, which are currently listed in the format

\year-month-day T hour:minutes:seconds.milliseconds"
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and make sure to remember to also update the day if the time 
ips over

midnight (24 hours). Remember that these times are in 24 hour format, so

if the original time is 2022-06-20T04:35:35.000 by subtracting 6 hours, your

time will be 2022-06-19T22:35:35.000 (take note that this is before midnight,

whereas the original time was after midnight, so we also updated the date

observed).

ˆ Once done, press \esc" (exit editing mode) then \Shift ZZ" (save your edits and

close the vi interface).

ˆ Open test.list in a separate window and for each �lename and time, enter them

into hedit one at a time using the following format (where \EchelleThAr.0016"

is your �lename), the * in the �lename means we will be updating all of the �les

created in this cookbook with this �lename, and you must include the quotation

marks around the time (you might even need to run it twice for every �le to get

the time in the right format)):

hedit EchelleThAr.0016.*.�ts LST \23:59:30.412" add=yes addonly=yes delete=no

verify=no show=yes update=yes

ˆ Repeat this process for all �les and dates in your \objects.list" �le.

ˆ To resume running the reduction script, simply duplicate the script, open the

copy, and delete all of the previous steps. Then go back to your iraf window and

run this new copy.

3. If when running step 16 you get the error \must specify which FITS extension ([�le-
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name].0016.m.�ts)", it means something went wrong when you magni�ed these �les.

Redo that magni�cation after deleting the messed up �les.
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D APO Order Removal and Merging Codes

A Instructions

ARCES blaze function estimation and order merging

Douglas Gies 09/11/2023

The reduction pipeline for ARCES data leads to �les called *.mfx.ec.�ts. These are wave-

length calibrated, relative 
uxes for each echelle order made using \apall" extraction with

local background removal. The next steps are to remove the curvature of the spectral contin-

uum to account for spectrograph illumination (blaze function), combine the orders to make

a single, one-dimensional spectrum, and then remove the absorption lines created Earth's

atmosphere (telluric removal).

These steps can be accomplished through a number of IDL procedures that are included

in an accompanying archive. This document describes their use for ARCES spectra with an

example for observations made on 2022.10.04 by Katherine Shepard, who also performed the

pipeline reductions.

1. Create a blaze function �t of the spectrum (blaze poly, blaze edit)

It is generally feasible to �t the blaze function by making a polynomial �t to the 
uxes in each

order of a given stellar spectrum. However, this can be di�cult or impossible if the target

spectrum has lines with widths comparable to the blaze free spectral range. For example,

many hot, main sequence stars have broad Balmer lines that cover much of the echelle order,
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so that continuum placement is unconstrained. Nevertheless, we can identify such problem

orders and then interpolate across these poor order �ts. If this is not possible (for example,

a nebular spectrum without continuum to �t), then you can use a blaze function constructed

for another star (yet to be successfully implemented).

IDL > .run blaze poly.pro

% Compiled module: BLAZEPOLY.

% Compiled module: GETECHELLE.

% Compiled module: PEVAL.

% Compiled module: BLAZEEDIT.

% Compiled module: GETECHELLE.

% Compiled module: GLITCHEC.

% Compiled module: PEVAL.

% Compiled module: BLAZEPREP.

% Compiled module: BLAZESAMPLE.

% Compiled module: BLAZETRANSFORM.

% Compiled module: GSMOOTH.

% Compiled module: GETECHELLE.

% Compiled module: PEVAL.

% Compiled module: ARCESONED.

% Compiled module: GSMOOTH.

IDL > cd,`Work' ; or wherever the �les reside
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Copy into this directory the following �les:

ˆ pixbnd def.dat ; list of starting/ending pixels in each order

ˆ goodorders.txt ; list of the problem-free orders created by blazeedit.pro if needed

ˆ telluric wave.�ts ; wavelength grid for telluric spectrum removal

ˆ telluric �nt.�ts ; integrated 
ux vector for telluric spectrum removal

Begin by �tting 9th order polynomials to each order of the spectrum.

IDL > in�le=`HD199579.0025.mfx.ec.�ts' ; stellar extracted spectrum

IDL > blazepoly,in�le,w,s,bl

This creates �le blazetemplate.�ts as the �rst estimate of the blaze functions for each order.

Some of the orders have features that result in a bad representation of the blaze. The

procedure blazeedit.pro will interpolate between good orders to replace the bad order func-

tions. The bad orders may include H Balmer lines or atmospheric bands for example. You

can select the good/bad orders interactively (good
ag=0) or use a previously selected set

saved in the �le goodorders.txt (good
ag=1). Here is an example for an interactive run

(good
ag=0).

IDL > temp�le=`blaze template.�ts' ; made with blaze poly.pro

IDL > good
ag=0

IDL > goodordersFile=`goodordersHD149757'
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IDL > blazeedit,in�le,temp�le,good
ag,goodordersFile,spmat,blmat,w,s

Select good orders to use in blaze template

Please click to indicate if this is a good order

On the graphics screen you can review the spectrum (white) and the polynomial �t (red).

A dashed line indicates GOOD (above) and BAD (below). Click the cursor at a position

above or below the line for your selection. In this case, I omitted the main H Balmer lines,

some atmospheric bands, and the extreme blue (weak signal) and red orders (fringing). Note

that the order merging program uses only the range 3700 to 9000 Angstroms. The good set

contains 81 orders in this example.

The resulting blaze functions (interpolated across bad orders) are saved in the �le blaze�nal.�ts

and the good orders are saved in goodorders.txt.

Note that you only need run the interactive version once for a given target or if the tar-

get spectra are similar (for example, all hot stars). Then set good
ag= 1 for subsequent

runs.

2. Divide the stellar spectrum by the blaze function and merge orders (arces oned)

In many cases it is helpful to merge the individual orders into a single and long spectrum.

This can be done with arcesoned.pro that includes the following steps:

ˆ transforms the wavelength reference frame from topocentric to heliocentric
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ˆ divides the stellar spectrum by the blaze function to normalize each order

ˆ sets up a standard wavelength grid, 3700-9000 Angstroms, 5 km s� 1 per pixel (53300

wavelength points)

ˆ creates a weighting function for 
ux contributions from each order that is proportional

to the square of the custom blaze function

ˆ determines the 
ux contributions to each wavelength point from orders that record the

wavelength and then forms weighted average

ˆ creates output �les oned[original name].�ts (spectrum) and woned.�ts (wavelength grid

that is always the same)

IDL > temp�le=`blaze �nal.�ts' ; created by blaze edit.pro

IDL > arcesoned,in�le,temp�le,w,f,lambda,foned,hjd

% CHECK FITS: NAXIS keywords in FITS header have been updated

IDL > plot,lambda,foned,xrange=[4000,4500]

The wavelength grid is always the same and saved as woned.�ts.

3. Remove the telluric line components (arces tellccf)

The spectra are inscribed with many lines from Earth's atmosphere, particularly towards

the red end of the spectrum. These can be removed using the code arcestellccf.pro that �ts

portions of the spectrum to the sky atmospheric transmission spectrum from Hinkle et al.

(2003). The code �ts for broadening of the transmission spectrum (to match ARCES spectral

resolution), pixel o�set (with wavelength in heliocentric frame), and line depth scaling (to
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account for varying water vapor and column depth through the atmosphere at the time of the

observation). The line depth scaling may be di�erent for the telluric lines near H-alpha, the

O2 bands, and the H2O bands, so the program �nds line depth scaling parameters for each

of these three groups. The H-alpha scaling is critical to remove the lines in the vicinity of

the H-alpha pro�le, so it is the default value. The O2 and H2O scaling parameters are used

for those strong absorption bands, but they are so strong that the corrections are generally

only partially successful and one should avoid making measurements in those parts of the

spectrum (> 7000 Angstroms).

This procedure uses the Hinkle et al. data in local �les called telluricwave.�ts and tel-

luric �nt.�ts. These can be copied into the local subdirectory or you can change the path to

a speci�ed location in the code trans.pro (see lines 292 and 293 in arcestellccf.pro).

IDL > $cp ../telluric*.�ts ; if not copied previously

IDL > arcestellccf,lambda,foned,fonedcor

% Compiled module: MEAN.

% Compiled module: GAUSSFIT.

% Compiled module: CURVEFIT.

ARCES TELLCCF telluric �tting:

FWHM = 1.76 pixels

Shift = 0.10 pixels

Normalization near H-alpha = 1.46

Normalization O2 bands = 0.49

Normalization H2O bands = 0.61
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IDL > plot,lambda,foned,xrange=[6500,6650] ; original

IDL > oplot,lambda,fonedcor-0.3 ; telluric corrected

Note the result \fonedcor" is saved as a variable in your IDL session, but is not saved to a

�le. This would require the following steps.

IDL > sponed = read�ts(`onedHD199579.0025.mfx.ec.�ts', head, /silent) ; get header

IDL > write�ts,`tellHD199579.0025.mfx.ec.�ts',fonedcor,head ; write FITS �le

4. Repeat steps #1 to #3 for each stellar spectrum from the night

Use arceslistrun.pro to repeat the above steps for all the stellar spectra listed in a �le called

\list" with �rst row giving the number of spectra.

IDL > $ls *.�ts > list

IDL > $vi list [add number of spectra to �rst line]

IDL > arceslistrun

The �le spectra have a pre�x \tell".

B blaze poly.pro

pro blaze\_poly,infile,w,s,bl
; Make polynomial fit the blaze function of stellar echelle spectra
; based upon Katie Lester's blazefit.pro
; Input:
; infile = FITS file with stellar spectrum
; Output:
; w = wavelength grid
; s = raw spectra grid for one night
; bl = derived blaze function
; also saved as blaze_template.fits
; Usually run blaze_edit after this to interpolate over bad orders.
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; Version:
; 8/27/2023 by Doug Gies
; -----------------------------------------
; read in spectrum
getechelle,infile,w,s
glitchec,s

; Create new arrays
nw = n_elements(w(*,0)) ; Number of wavelength points
no = n_elements(w(0,*)) ; Number of echelle orders
xx = findgen(nw) ; Index array
bl = s

; Polynomial fits
for i=0,no-1 do begin ; order by order

; get sample
sample=fix(xx)
x=xx(sample)
t=reform(s(sample,i))

; first try - avoid structures with rapid changes
good = where(abs(deriv(t)) le 0.005*max(t)) ; smooth points only
c=poly_fit(x(good),t(good),9) ; fits coeff of blaze
tt=poly(x,c) ; blaze function estimate

; second try - avoid points far from fit
good = where((t-tt) ge -0.1*stddev(t-tt) AND (t-tt) le 2.*stddev(t-tt))
c=poly_fit(x(good),t(good),9) ; fits coeff of blaze
tt=poly(x,c)

; third try - avoiding points far from last fit
good = where((t-tt) ge -0.1*stddev(t-tt) AND (t-tt) le 2.*stddev(t-tt))
c=poly_fit(x(good),t(good),9) ; fits coeff of blaze
bl(*,i)=poly(xx,c) ; final estimate of blaze

endfor

writefits,'blaze_template.fits',bl

return
end

@getechelle.pro
@glitchec.pro
@blaze_edit.pro
@arces_oned.pro
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@arces_tellccf.pro
@arces_tellccf.pro
@arces_listrun.pro

C blaze edit.pro

pro blaze_edit,infile,tempfile,goodflag,goodordersFile,spmat,blmat,w,s

; Review fits of the blaze function of echelle spectra
; and select good/bad orders.
; Use good orders to interpolate over bad orders.
; Use final blaze functions to normalize spectrum.
; Based upon Katie Lester's blazefit.pro
; Input:
; infile = name of stellar spectrum FITS file
; tempfile = name of fitted blaze functions
; usually 'blaze_template.fits' from blaze_poly.pro
; goodflag = 0 to review interactively for good and bad orders
; 1 to use previously created file 'goodorders.txt'
; goodordersFile = file name for good orders file you want to
; use or save as
; Output:
; spmat = normalized stellar spectrum matrix
; blmat = blaze functions for each order
; saved as blaze_final.fits
; w = wavelength matrix
; s = original spectrum

; written by Douglas Gies 9/11/23
; updated by Katherine S. 9/29/23 to save and read different goodorder.txt
; files depending on what you input
; -----------------------------------------
device, decompose=0
loadct,39, /silent

; read in stellar spectrum file
getechelle,infile,w,s
glitchec,s

; read in the blaze fits file
ss=readfits(tempfile)

; Create new arrays
nw = n_elements(w(*,0)) ; Number of wavelength points
no = n_elements(w(0,*)) ; Number of echelle orders
xx = findgen(nw) ; Random index array
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spmat = s
blmat = ss

if (goodflag eq 0) then begin ; select good/bad orders
print, ' Select good orders to use in blaze template'
goodorders = [-1] ; temporary

; Review fits
for i=0,no-1 do begin ; order by order

plot, w(*,i), s(*,i), ystyle=3, xstyle=1, title=i
oplot, w(*,i), ss(*,i), color=250
xyouts, 0.8, 0.8, "GOOD", color=90, /normal, charsize=3
xyouts, 0.81, 0.7, "BAD", color=250, /normal, charsize=3
xyouts, 0.75, 0.75, "-------", /normal, charsize=3
print,'Please click to indicate if this is a good order'
cursor,x0,y0
print,'Click received'
wait,1.
y0norm=(convert_coord(x0,y0,/data,/to_norm))[1]
if y0norm gt 0.75 then goodorders = [goodorders, i]

endfor
goodorders=goodorders(1:*)

; save, filename='.goodorders', goodorders
openw, 1, goodordersFile+'.txt'
printf,1, n_elements(goodorders)
printf,1, transpose(goodorders)
close,1

endif

if (goodflag eq 1) then begin ; read in previously determined good orders
openr,1,goodordersFile+'.txt'
norder=0
readf,1,norder
goodorders=intarr(norder)
readf,1,goodorders
close,1

endif
; -----------------------------------------
; Predicted height for each order
; Use good orders for height estimation of blaze function
good = goodorders
bad = [-1]
for i=0,no-1 do begin

xx = where(good eq i)
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; careful with saturated orders
if xx(0) lt 0 OR max(ss(*,i)) gt 1e5 then bad = [bad, i]

endfor
bad=bad(1:*)

; Interpolate blaze at each wavelength point (pixel index)
xord = findgen(no) ; index array
if (n_elements(bad) gt 0) then begin

for i=0,nw-1 do blmat(i,bad)=$
interpol(blmat(i,good),xord(good),xord(bad),/spline)

endif

; Divide out blaze
for i=0,no-1 do spmat(0,i) = s(*,i) / blmat(*,i)

; Save adopted blaze functions
writefits,'blaze_final.fits',blmat

return
end

@getechelle.pro

D arces oned.pro

PRO arces_oned,infile,tempfile,w,f,lambda,foned,hjd
; ARCES binning procedure
; bins echelle data into single log lambda grid by integration
; Input:
; infile = name of stellar spectrum FITS file
; tempfile = name of fitted blaze functions
; usually 'blaze_matrix.fits' from blaze_prep.pro
; bndfile = set to 'pixbnd_def.dat' from edgelimit.pro
; Output:
; w = wavelength matrix for orders
; f = normalized flux matrix for orders
; lambda = lambda grid (equally spaced in log lambda)
; foned = binned fluxes
; hjd = HJD -2,400,000

; read in stellar spectrum file
getechelle,infile,w,s
glitchec,s
nw = n_elements(w(*,0)) ; Number of wavelength points
norder = n_elements(w(0,*)) ; Number of echelle orders
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; transform wavelength to heliocentric frame
junk = readfits(infile, head, /silent)
vhelio=double(sxpar(head,'vhelio'))
hjd=double(sxpar(head,'hjd')-2400000.d)
for i=0,norder-1 do w(*,i) = w(*,i)/(1.0-vhelio/2.997925e05)

; read in the blaze fits file
bl=readfits(tempfile,/silent)

; read in pixel boundaries
bndfile='pixbnd_def.dat'
openr,1,bndfile
bnd=intarr(3,norder)
readf,1,bnd
close,1
bnd=bnd(1:2,*) ; remove order column

; normalize spectra
f=s/bl

; Construct standard wavelength grid 3700 - 9000 Angstroms
dl=1.66782d-5 ; 5 km/sec / c
nl=53300
w0= 3700.d
lambda=alog10(w0)+findgen(nl)*dl/alog(10.d )
lambda=double(10.^lambda)

; bin boundaries
l1=alog10(w0)+(findgen(nl)-0.5)*dl/alog(10.d )
l1=double(10.^l1)
l2=alog10(w0)+(findgen(nl)+0.5)*dl/alog(10.d )
l2=double(10.^l2)

; calculate weights
weight=bl
for i=0,norder-1 do begin

blazef=reform(bl(*,i))
blazef=blazef-min(blazef)
if (bnd(0,i) gt 0) then blazef(0:bnd(0,i)-1)=0.
if (bnd(1,i) lt 1650) then blazef(bnd(1,i)+1:1650)=0.
blazef=blazef^2
; smooth edge transitions
gsmooth,blazef,blazes,9.
weight(0,i)=blazes/total(blazes) ; simple normalization
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endfor

; set up integration
fbin=fltarr(nl,norder)
wtbin=fltarr(nl,norder)

; loop over all orders
for iorder=0,norder-1 do begin

word=w(bnd(0,iorder):bnd(1,iorder),iorder)
ford=f(bnd(0,iorder):bnd(1,iorder),iorder)
wtord=weight(bnd(0,iorder):bnd(1,iorder),iorder)

; find lambda bin numbers corresponding to order
g=where((lambda gt min(word)) and (lambda lt max(word)),cnt)
for ibin=0,cnt-1 do begin ; for each bin

; get fluxes, weights at lambda bin boundaries
fb=interpol(ford,word,[l1(g(ibin)),l2(g(ibin))])
wtb=interpol(wtord,word,[l1(g(ibin)),l2(g(ibin))])

; get fluxes, weights within lambda bin
gin=where((word gt l1(g(ibin))) and (word lt l2(g(ibin))))
win=word(gin)
fin=ford(gin)
wtin=wtord(gin)

; get subset variables
wave=[l1(g(ibin)),win,l2(g(ibin))]
flux=[fb(0),fin,fb(1)]
weightbin=[wtb(0),wtin,wtb(1)]
fw=flux*weightbin

; integrate across bin using IDL tsum for trapezoidal integration
fbin(g(ibin),iorder)=fbin(g(ibin),iorder)+tsum(wave,fw)
wtbin(g(ibin),iorder)=wtbin(g(ibin),iorder)+tsum(wave,weightbin)

endfor

endfor

; re-normalize by summed weight
foned=fltarr(nl)
for ibin=long(0),nl-1 do begin ; sum contributions from all orders

fwt=total(fbin(ibin,*))
wtt=total(wtbin(ibin,*))
if (wtt gt 0.) then foned(ibin)=fwt/wtt else print,' Gap at ',$
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lambda(ibin)
endfor

; interpolate across empty bins
good=where(foned gt 0.,cnt)
good=double(good[0:-2])
; if empty bins exist then interpolate across them
if (cnt lt nl) then begin

fint=interpol(foned[good],lambda[good],lambda)
foned=fint

endif

; write output
outfile='oned'+infile
writefits,outfile,foned,head
writefits,'woned'+infile,lambda

return
end

E arces tellccf.pro

pro arces_tellccf,w,s,scor,fit,aparms
; Match telluric spectrum to observed ARCES spectrum.
; Uses 3 separate depth scalings for telluric
; near H-alpha, O2 bands, H2O bands.
; Input:
; w = wavelength vector for observed spectrum
; s = flux vector for observed rectified spectrum
; Fixed:
; w1 = starting wavelength for comparison region
; set to 0 for interactive selection [set]
; w2 = ending wavelength for comparison region
; set to 0 for interactive selection [set]
; Output:
; scor = telluric corrected spectrum
; fit = best fit telluric spectrum [optional]
; aparms = best fit values of parameters for tellsp.pro [optional]
;
; Prints FWHM (pixels), shift (pixels), H-alpha region depth normalization
; and depth normalizations for the O2 and H2O bands.

common telluric,wave,tspec

; get telluric model
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trans,1.0,0.,w,tspec
wave=w

; select region
; use standard region below H-alpha
w1=6521.4
w2=6544.9
if ((w1 eq 0.) and (w2 eq 0.)) then begin

plot,w,s
oplot,w,tspec-0.1
print,' Select starting wavelength ...'
cursor,x,y & wait, 1.
w1=x
print,' Select ending wavelength ...'
cursor,x,y & wait, 1.
w2=x

endif

g=where((w ge w1) and (w le w2)) ; nominal region for telluric near H-alpha

; default starting model
; ainit = initial guesses for fit (fltarr(3))
; default values:
; a(0) = 0. = instrumental FWHM (pixels)
; a(1) = 0. = spectral shift (pixels)
; a(2) = 1. = normalization factor for line depth
ainit=[0.,0.,1.]
aparms=ainit
fit=tellsp(w,aparms)

; run ccf
; copy over selected telluric region
nw=n_elements(w)
spec=fltarr(nw)+1.
temp=fltarr(nw)+1.
spec(g)=s(g)
temp(g)=fit(g)
; calculate ccf
crosscore,spec,temp,401,5,ccf,zero,ezero

; get autocorrelation of telluric spectrum for width
crosscore,temp,temp,401,5,ccftemp,zero,ezero

; fit both CCFs with Gaussian functions
xx=findgen(401)-200.
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gcen=indgen(17)+192
zccf=gaussfit(xx(gcen),ccf(gcen),accf,nterms=4)
; print,accf
zccftemp=gaussfit(xx(gcen),ccftemp(gcen),accftemp,nterms=4)
; print,accftemp

; parameters for fit
; pixel shift
aparms(1)=accf(1)
; width FWHM
; first try of simple quadrature
aparms(0)=2.35482*sqrt((accf(2)^2-accftemp(2)^2)>0.)

; normalization by fit of line depths
aparms(2)=1. ; for test of depth
fit=tellsp(w,aparms)
xf=1.-fit(g)
yf=1.-s(g)
coeff=poly_fit(xf,yf,1)
aparms(2)=coeff(1)>0.
print,' ARCES_TELLCCF telluric fitting:'
print,' FWHM = ',aparms(0),' pixels',format='(a,f5.2,a)' ;,$
' +/- ',eparms(0)
print,' Shift = ',aparms(1),' pixels',format='(a,f5.2,a)';,$
' +/- ',eparms(1)
print,' Normalization near H-alpha = ',aparms(2),format='(a,f5.2)';,$
' +/- ',eparms(2)
fit1=tellsp(w,aparms) ; with depth scaling
; oplot,w,fit+0.1

; normalization by fit of line depths for O_2 band
go2a=where((w gt 6268.7) and (w lt 6323.1))
go2b=where((w gt 6857.1) and (w lt 7074.8))
go2c=where((w gt 7571.4) and (w lt 7690.5))
go2=[go2a,go2b,go2c] ; & print,n_elements(go2)
xf=1.-fit(go2)
yf=1.-s(go2)
coeff=poly_fit(xf,yf,1)
aparms2=aparms
aparms2(2)=coeff(1)
print,' Normalization O2 bands = ',coeff(1),format='(a,f5.2)'
fit2=tellsp(w,aparms2) ; with depth scaling
fit2=fit2>0.001

; normalization by fit of line depths for H2O bands
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gh2oa=where((w gt 7163.2) and (w lt 7380.9))
gh2ob=where((w gt 8102.0) and (w lt 8374.1))
gh2oc=where(w gt 8918.4)
gh2o=[gh2oa,gh2ob,gh2oc] ; & print,n_elements(gh2o)
xf=1.-fit(gh2o)
yf=1.-s(gh2o)
coeff=poly_fit(xf,yf,1)
aparms3=aparms
aparms3(2)=coeff(1)
print,' Normalization H2O bands = ',coeff(1),format='(a,f5.2)'
print,' '
fit3=tellsp(w,aparms3) ; with depth scaling
fit3=fit3>0.001

fit=fit1 ; H-alpha telluric depth scaling
fit(go2)=fit2(go2) ; special O_2 scaling
fit(gh2o)=fit3(gh2o) ; special H_2O scaling

scor=s/fit

return
end

;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;;

function tellsp,x,a
; transform model spectrum
; a = fltarr(3)
; a(0) = FWHM for gsmooth (pix)
; a(1) = shift (pix)
; a(2) = normalization factor

common telluric,wave,tspec

; smooth
tsm=tspec
if (a(0) gt 0.) then begin

gsmooth,tspec,tsm,a(0)
endif

; shift
FSHIFT,tsm,a(1),tss

; renormalize
tsn=1.+(tss-1.)*a(2)
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; interpolate in model
tout=interpol(tsn,wave,x)

return,tout
end

F arces listrun.pro

pro arces_listrun
; Procedure to run blaze_poly, blaze_edit, arces_one, arces_tellccf
; for a list of spectra from one night.
; Input: file called "list"
; first line = number of spectra
; next lines = file names [].mfx.ec.fits

; read in the list
nspec=0
openr,1,'list'
readf,1,nspec
files=strarr(nspec)
a=' '
for i=0,nspec-1 do begin

readf,1,a
files(i)=strtrim(a)

endfor
close,1

; do loop for each spectrum
for i=0,nspec-1 do begin

print,' '
print,files(i)

; run blaze_poly to get blaze function fits
infile=files(i) ; stellar extracted spectrum
blaze_poly,infile,w,s,bl ; creates blaze_template.fits

; run blaze_edit to interpolate across bad orders
tempfile='blaze_template.fits'
goodflag=1 ; assumes use of goodorders.txt
pos=strpos(files(i),'.fits')
starName=strmid(files(i),0,pos-12)
goodordersFile='goodorders_'+starName
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;if () then begin
;endif else begin
;endelse
blaze_edit,infile,tempfile,goodflag,goodordersFile,spmat,blmat,w,s
; creates blaze_final.fits

; run arces_oned to merge orders
tempfile='blaze_final.fits' ; created by blaze_edit.pro
arces_oned,infile,tempfile,w,f,lambda,foned,hjd

; run arces_tellccf for telluric removal
arces_tellccf,lambda,foned,fonedcor

; save the result to a file
sp = readfits(infile, head, /silent) ; get header
writefits,'tell'+infile,fonedcor,head ; write FITS file

endfor

return
end

G fshift

PRO FSHIFT,ospec,pshift,sspec
; fractional shift
; Input:
; ospec = observed spectrum
; pshift = pixel shifts
; Output:
; sspec = shifted spectrum

np=n_elements(ospec) ; # pixels

; Weighting factors
is1=fix(pshift)
if (pshift lt 0.) then is2=is1-1 else is2=is1+1
w2=abs(pshift-is1)
w1=1.-w2

npp=np+1000
rs=fltarr(npp)+1. ; pad both sides with unity
rs(500)=ospec
cs=w1*shift(rs,is1) + w2*shift(rs,is2)
sspec=cs(500:np+499)
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return
end

H crosscore.pro

PRO CROSSCORE,a,z,n,nfit,c,zero,ezero
; cross-correlation with error estimates
; Zucker 2003, MNRAS, 342, 1291
; assumes some padding on ends so that edge effects are negligible
; Input:
; a = spectrum to measure
; z = template spectrum
; n = number of points in ccf (odd)
; nfit = number of points for parabolic fit around minimum (odd)
; Output:
; c = ccf
; zero = shift of spectrum from template in pixels
; ezero = error in zero

; get offsets
n=fix(n)
nd2=fix((n-1.)/2.)
s=indgen(n)-nd2

; form continuum subtracted spectra
ntot=n_elements(a)
fn=a-mean(a)
gn=z-mean(z)
sf2=total(fn^2)/ntot
sg2=total(gn^2)/ntot
sf=sqrt(sf2)
sg=sqrt(sg2)

; form ccf
c=fltarr(n)
for i=0,n-1 do begin

gns=shift(gn,s(i))
c(i)=total(fn*gns)/ntot/sf/sg

endfor
g=[indgen(20),n-1-reverse(indgen(20))]
back=mean(c(g))
c=(c-back)/(1.-back)

; find peak
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top=max(c)
toppix=!C
nlim=n-3
if ((toppix lt 2) or (toppix gt nlim)) then begin

print, ' zero too close to edge of cc function !'
print, ' returning 0 ...'
zero=0.
ezero=0.

endif else begin
nfitd2=fix((nfit-1)/2.)
cf=poly_fit(-nfitd2+findgen(nfit),c(toppix-nfitd2:toppix+nfitd2),2)
ptop=-0.5*cf(1)/cf(2)
zero=toppix+ptop-nd2
ctop=cf(0)+cf(1)*ptop+cf(2)*ptop^2
good=where(z ne 1.0,neff)
ezero=-neff*2.*cf(2)*ctop/(1.-ctop^2)
ezero=1./sqrt(ezero)
; print,' minimum position of cc = ', zero,' +/- ',ezero
; interactive option
; plot,findgen(n),c
; oplot,[toppix,toppix],[-100,100]
; wait,0.5
answer='n'
; read,' Select another peak (y or [n])? ',answer
if (answer eq 'y') then begin

print,' Select peak with cursor ...'
cursor,xx,yy
toppix=fix(xx+0.5)
goto,topfit

endif
endelse

return
end

I trans.pro

pro trans,fwhm,vel,wobs,fobs,wa,fa
; read in telluric spectrum
; and transform to observer's grid

; Input:
; fwhm = instrumental broadening (pixels)
; vel = velocity shift (km/s)
; wobs = observer's wavelength grid
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; Output:
; fobs = predicted telluric/atmospheric spectrum
; wa = wavelength grid for input telluric (optional)
; fa = model spectrum for input telluric (optional)

; read in Wallace et al. spectrum
;readwlh,wa,ab
;nw=n_elements(wa)
;xw=indgen(nw)

; integrate this
;fa=dblarr(nw)
;i=long(1)
;for i=long(1),nw-long(1) do begin
; fa(i)=fa(i-1)+0.5*(ab(i-1)+ab(i))*(wa(i)-wa(i-1)) ; trapezoidal rule
; endfor

wa=readfits('telluric_wave.fits',/silent)
fa=readfits('telluric_fint.fits',/silent)

; Integrate in observed wavelength grid
wo=(1.-vel/2.997925d5)*wobs
dw=deriv(wo)
nobs=n_elements(wo)
fobs=fltarr(nobs)
w1=wo-0.5*dw
w2=wo+0.5*dw
f1=interpol(fa,wa,w1)
f2=interpol(fa,wa,w2)
fobs=(f2-f1)/dw

; convolve for instrumental broadening
gsmooth,fobs,ftot,fwhm
fobs=ftot

; replace wavelengths less than 5600 with unit continuum
glow=where(wobs lt 5600.,cnt)
if (cnt gt 0) then fobs(glow)=1.

return
end

J gsmooth.pro
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PRO GSMOOTH,DATA,SDATA,FWHM

; Procedure to filter or smooth a data string by convolution with
; a Gaussian with the prescribed FWHM (= 2.354*SIGMA). For digital
; spectra, FWHM should be approximately 2 pixels.
; *************** Written by R. W. Lyons ***************************
; 08/05/2014 Revised to keep FWHM fixed and use double precision.

; case where no smoothing required
if (fwhm eq 0.) then begin

sdata=data
goto,b

endif

IF (N_PARAMS(0) LE 2) THEN READ, $
'FWHM OF GAUSSIAN SMOOTHING FUNCTION IS ',FWHM

SQR2L2=2.d *SQRT(2.d *ALOG(2.d ))

HFW=3.d *FWHM/SQR2L2 & NCONV=2+FIX(HFW+.5)
;FWHM=SQR2L2*(NCONV-1.)/3.

; PRINT,'ADJUSTED FWHM =',FWHM,' NCONV =',NCONV

SIGMA=double(FWHM/SQR2L2) & WT=DBLARR(NCONV)

;SIGMA=(NCONV-1.)/3. & WT=FLTARR(NCONV)
FOR I=0,NCONV-1 DO WT(I)=EXP(-((DOUBLE(I)/SIGMA)^2)*.5d )

WT(0)=WT(0)/2.d & WT=WT/(2.d *TOTAL(WT))

; PRINT,'WEIGHTS =',WT

DIM=N_ELEMENTS(DATA)
TMP=FLTARR(DIM+100)
SMO=TMP
TMP(50)=DATA
TMP(0:49)=TMP(50)
TMP(DIM+50:DIM+99)=TMP(DIM+49)
IND=NCONV-1
FOR I=0,IND DO SMO=SMO+(SHIFT(TMP,I)+SHIFT(TMP,-I))*WT(I)
SDATA=SMO(50:DIM+50-1)

RETURN
END
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K tellccfstk.pro

pro tellccfstk,ww,ss,sc,ap
; match telluric spectrum to observed spectra in stack.
; runs tellccf for each spectrum in a stack.
; Input:
; ww = wavelength matrix for observed spectra
; ss = flux matrix for observed rectified spectra
; Output:
; sc = telluric corrected spectrum stack
; ap = [FWHM, shift, norm] applied for each spectrum [optional]

sc=ss
nsp=n_elements(ss(0,*))
w1=0.
w2=0.
ap=fltarr(3,nsp)

for i=0,nsp-1 do begin
tellccf,ww(*,i),ss(*,i),w1,w2,scor,fit,aparms
sc(0,i)=scor
ap(0,i)=aparms

endfor

return
end

L getechelle.pro

pro getechelle,infile,w,f,norder=norder,npix=npix,hd=hd,plot=plot

; Reads an iraf-formatted (multispec) echelle spectrum in FITS
; IN: infile - string full name of the input .ec.fits file
; OUT: w - double wavelength matrix (npix x norder)
; f - double flux matrix (npix x norder)
;
; KEYWORDS: norder - integer number of orders (xdisp dimension)
; npix - integer number of pixels (dispersion dimen.)
; hd - strarr header
; plot - produces a plot of the spectr. on demand
;
; NOTES: - the program assumes, norder<npix
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;
; C. Allende Prieto, UT@Austin, November 2004 -only linear dispersion
; I. Ramirez, UT, November 2006, modified to read from the header and
; apply a Doppler correction (redshift)
; C. Allende Prieto, April 2007, rewritten to handle polynomial and
; log-linear wavelength solutions
; ", IAC, May 2011, patched to handle 1-order files

if N_params() LT 1 then begin
print,'% getchelle: -getchelle, infile, w, $
f[,norder=norder,npix=npix,hd=hd,plot=plot]'
return

endif

;reading the data
f=readfits(infile,hd, /silent)

;checking dimensions and finding out the dispersion direction
cc=size(hd)
if (cc(0) eq 1) then begin

hdlines=cc(1)
endif else begin

print,'% getchelle: - error, the header has not 1 dimension'
return

endelse
cc2=size(f)
if (cc2(0) eq 3) then begin ; this must be a 3-layer spectrum

f=f[*,*,0]
cc2=size(f)

endif

;if the first dimension is smaller than the 2nd, we interpret that
;as the first being the x-dispersion direction and we transpose
trans=0
if cc2(1) lt cc2(2) then begin

f=transpose(f)
trans=1

endif

;now we know
npix=cc2(1) & norder=cc2(2)
if (cc2(0) ne 2) then begin

print,'% getchelle: - Warning, the data file is not 2-D'
norder=1

endif
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w=dblarr(npix,norder)

;physical and normalized coords.
;assumed LTV1=0.0 and LTM1_1=1.0
p=dindgen(npix)+1.d0
n=(p-(max(p)+min(p))/2.d0) / ((max(p)-min(p))/2.d0)

;extracting the wavelength calib. solution from the image header.

;first we combine the relevant lines from the header into a single string
i=0 & found=-1
while(found eq -1 and i lt hdlines) do begin

found=strpos(hd(i),'spec1')
i=i+1

endwhile
linear_header=' '
j=i-1
while (j ge i-1 and j le hdlines-1) do begin

if (strpos(hd(j),'WAT2',0) ne -1) then begin
linear_header=linear_header+strmid(hd(j),11,79-11)

endif
j=j+1

endwhile

;loop on apertures
for order=1,norder do begin

key1='spec'+strtrim(string(order),2)
key2='spec'+strtrim(string(order+1),2)
;extract relevant line
limit=strpos(linear_header,key2)
if max(limit) eq -1 then begin

if order eq norder then limit=strlen(linear_header) else begin
print,'% getchelle: error, unexpected end of header'
return

endelse
endif
chunk=strmid(linear_header,strpos(linear_header,key1),$
limit-strpos(linear_header,key1))
;extract content (enclosed in quotes)
quote_start=strpos(chunk,'"')
quote_end =strpos(chunk,'"',/reverse_search)
chunk=strmid(chunk,quote_start+1,quote_end-quote_start-1)
fields=strsplit(chunk,/extract)
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;load the basic fields
ap=fix(fields(0))
beam=fix(fields(1))
dtype=fix(fields(2))
w1=double(fields(3))
dw=double(fields(4))
nw=fix(fields(5))
;check z consistency
if order gt 1 then begin

if abs(z-double(fields(6))) gt 1d-12 then begin
print,'% getchelle: error, redshift inconsistent between'
print,'% getchelle: consecutive apertures'

return
endif

endif
z=double(fields(6))
aplow=double(fields(7))
aphigh=double(fields(8))
nfields=n_elements(fields)

if (nfields gt 9) then begin
; non linear dispersion
;safety check
if (dtype ne 2) then begin

print,'% getchelle: -- error, unexpected value of dtype'
return

endif
nstat=9
wt_total=0.d0
while nstat lt nfields-1 do begin

wt_i=double(fields[nstat]) & nstat=nstat+1
wt_total=wt_total+wt_i
w0_i=double(fields[nstat]) & nstat=nstat+1
ftype_i=fix(fields[nstat]) & nstat=nstat+1
if ftype_i ne 1 and ftype_i ne 2 then begin

print,'% getchelle: -error: ftype must be'
print,'% getchelle: 1 (Chebyshev) or 2 (Legendre)'
return

endif

ord=fix(fields[nstat]) & nstat=nstat+1
pr=[fields[nstat],fields[nstat+1]] & nstat=nstat+2
pr=double(pr)

;the mess below forced by the lack of blanks between
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;the last coefficient and the following weight (wt_i)
coef=fields[nstat:nstat+ord-2] & nstat=nstat+ord-1
dotpos1=strpos(fields[nstat],'.')
dotpos2=strpos(fields[nstat],'.',/reverse_search)
if (dotpos2 gt dotpos1) then begin

coef=[coef,strmid(fields[nstat],0,dotpos2-1)]
fields[nstat]=strmid(fields[nstat],dotpos2-1)

endif else begin
coef=[coef,fields[nstat]]

endelse
coef=double(coef)

wn=dblarr(npix)
peval,ftype_i,ord,coef,n,wn
w[*,order-1]=w[*,order-1]+wt_i*(w0_i+wn)/(1.d0+z)

endwhile
if abs(total(wt_total)-1.d0) gt 1e-10 then begin

print,'% getchelle: -error: weights do not add to 1.0'
print,'% getchelle: wt_total=',wt_total
return

endif
endif else begin

; linear
case dtype of
-1 : w[*,order-1]= p
0 : w[*,order-1]= (w1+dw*(p-1.d0))/(1.d0+z)
1 : w[*,order-1]= 10.d0^((w1+dw*(p-1.d0))/(1.d0+z))
else: begin

print,'% getchelle: -- error, unexpected value of dtype=',dtype
return

end
endcase

endelse
endfor

;reversing wavelength scale, when orders have wavelength
;decreasing with pixel
;aperture order is left unchanged
if (w[1,0]-w[0,0] lt 0.d0) then begin

w=reverse(w)
f=reverse(f)

endif

;picture it
if keyword_set(plot) then begin
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order=1
step_1=median(w[*,0]-shift(w[*,0],1))
wobject=where(strpos(hd,'OBJECT') gt -1)
if min(wobject) gt -1 then wobject=min(wobject) else wobject=6
plot,w(*,order-1),f(*,order-1)/mean(f(*,order-1))+order-1,$
yrange=[0,norder+1],$
ytitle='Aperture',title=hd(wobject),$
charsize=1.2,xcharsize=.01,xrange=[w(0,order-1)-step_1*0.27*npix,$
w(npix-1,order-1)+step_1*(npix*.3)],xstyle=1,ystyle=1
xyouts,.4,.05,'Wavelength (Angstroms)',/normal,charsize=1.2
xyouts,w(0,order-1)-step_1*0.32*npix,$
1,w(0,order-1),charsize=1.
xyouts,w(npix-1,order-1),1,$
w(npix-1,order-1),charsize=1.

for order=2,norder do begin
oplot,w(*,0),f(*,order-1)/mean(f(*,order-1))+order-1
xyouts,w(0,0)-step_1*0.32*npix,$
float(order),w(0,order-1),charsize=1.
xyouts,w(npix-1,0),float(order),$
w(npix-1,order-1),charsize=1.

endfor
endif

end

@peval.pro

M glitchec.pro

pro glitchec, a
; search and correct for glitch points in echelle orders
; data = input echelle spectrum
; runs GLITCH to identify and remove very deviant pixels by comparing each
; data point with the local average.

nord=n_elements(a(0,*))

for i=0,nord-1 do begin
t=a(*,i)
glitch,t
a(0,i)=t

endfor
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return
end

N glitch.pro

pro glitch, a
; Search and correct for glitch points (usually cosmic ray hits)
; a = input/output array
; Set paramters:
; limit = cutoff deviation in units of standard deviation
; width = number of pixels to use in median smoothing
; GLITCH identifies very deviant pixels by comparing each
; data point with the local average.

limit=12.0 ; remove big features but not telluric lines
width=7
npix=n_elements(a)
data=a
fix: medsmooth,data,width,sm ; Smoothed data
diff=data-sm ; Difference array
d=diff*diff
sigma=sqrt( total(d)/(n_elements(d)-1.) ) ; Standard deviation
cutoff=(limit*sigma)^2
count=0
bad=where(d gt cutoff,count)
if (count gt 0) then begin

data(bad)=sm(bad) ; replace bad points with median average
print,' *** Bad Pixel at ', bad

endif

bot: a=data
return
end

O medsmooth.pro

pro medsmooth,d,width,ds
; run median smoothing across vector d

n=n_elements(d)
ds=fltarr(n)
wd2=fix(width/2)
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for i=0,n-1 do begin
sample=indgen(width)-wd2+i
sample=sample>0
sample=sample<(n-1)
ds(i)=median(d(sample))

endfor

return
end
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